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ABSTRACT
We study the interaction between a dipolar magnetic ﬁeld rooted in the central star and the circumstellar
accretion disk in a classical T Tauri system. The MHD equations, including radiative energy transport, are
solved for an axisymmetric system with a resistive, turbulent gas. A Shakura-Sunyaev–type eddy viscosity
and a corresponding eddy magnetic diﬀusivity are assumed for the disk. The computations cover the disk and
its halo in a radial interval from 1.7 to 20 stellar radii. The initial magnetic ﬁeld conﬁguration is unstable.
Because of magnetocentrifugal forces caused by the rotational shear between star and disk, the magnetic ﬁeld
is stretched outward and part of the ﬁeld lines open. For a solar-mass pre–main-sequence star and an accretion rate of 107 M yr1, a dipolar ﬁeld of 1 kG (on the stellar surface) is not suﬃcient to disrupt the disk.
The outer, slowly rotating parts of the disk become disconnected, and about 1/10 of the accretion ﬂow is lost
because of an outﬂow at midlatitudes. The critical ﬁeld strength for the disruption of the disk lies between 1
and 10 kG. Outﬂows occur at midlatitudes, with mass ﬂuxes of the order of 10% of the accretion rate of the
disk. We ﬁnd solutions in which the magnetic ﬁeld tends to spin down the stellar rotation without disk
disruption, but in these cases the accretion torque is dominant, and the star is still spun-up.
Subject headings: accretion, accretion disks — circumstellar matter — MHD — stars: magnetic ﬁelds —
stars: pre–main-sequence — stars: variables: other
On-line material: color ﬁgures
rounding disk. As the toroidal ﬁeld generated by the rotational shear between the star and disk reverses its sign at the
corotation radius, so does the torque exerted on the disk.
Inside the corotation radius, the magnetic ﬁeld transfers
angular momentum from the disk to the star, while the outer
parts of the disk, which rotate slower than the star, brake
the stellar rotation. Because of the rapid decrease of the ﬁeld
strength with radius, the inner parts dominate and the star
is spun-up unless the inner edge of the disk lies very close to
the corotation radius. Between the stellar surface and the
corotation radius the accretion ﬂow follows the magnetic
ﬁeld, and no disk exists. In this way a further spin-up of the
star is avoided, and a decelerating torque can be exerted on
the stellar surface.
The truncation radius is a crucial parameter of the disklocking model. Ghosh & Lamb (1979a) ﬁnd
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B R
;
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1. INTRODUCTION

A number of T Tauri stars show evidence for the presence
of magnetic ﬁelds with surface strengths of several kilogauss
(Guenther & Emerson 1996; Guenther et al. 1999; JohnsKrull, Valenti, & Koresko 1999). In a classical T Tauri
system (CTTS), in which a pre–main-sequence star is surrounded by an accretion disk, the inner parts of that disk
are then threaded by the stellar magnetic ﬁeld. A suﬃciently
strong magnetic ﬁeld should not only change the structure
of the inner parts of the disk but also transfer a signiﬁcant
amount of angular momentum between the star and the
disk. Magnetic coupling between the central T Tauri star
and a truncated disk has been proposed to be the mechanism that prevents T Tauri stars from spinning up to
breakup velocity during the contraction toward the main
sequence (Cameron & Campbell 1993; Yi 1994; Armitage &
Clarke 1996; Li, Wickramasinghe, & Rüdiger 1996;
Bouvier, Forestini, & Allain 1997). The rotation periods
typically lie between 0.1 and 8 days. The disk-locking scenario predicts weak-line TTSs to rotate faster than CTTSs,
because of the lack of a disk. While some observations seem
to support that picture (Bouvier et al. 1993; Edwards et al.
1993; Ghosh 1995), others favor a single-moded distribution and thus show no evidence for a coupling between stars
and their disks in CTTSs (Stassun et al. 1999, 2001).
The coupling between an accretion disk and its central
object was ﬁrst discussed by Ghosh & Lamb (1978, 1979a,
1979b). In their model of an accreting neutron star, the
dipolar magnetic ﬁeld of the rotating star threads the sur-

where t < 1 is a dimensionless parameter, B* the ﬁeld
_
strength on the stellar surface, R* the stellar radius, and M
the accretion rate. Elstner & Rüdiger (2000) studied a twodimensional model in which the disk structure was treated
in a one+one-dimensional approach, while the magnetic
ﬁeld was evolved using a two-dimensional induction solver
assuming Keplerian rotation in and rigid corotation with
the star above the disk. They found that for a ﬁeld strength
of 200 G or more, the disk is depleted because of enhanced
accretion inside the corotation radius and eventually truncated at the latter.
The assumption of a purely dipolar ﬁeld and a rigidly
rotating halo above the disk appears unrealistic. The rotational shear between the two footpoints of a ﬁeld line will
cause an initially dipolar ﬁeld threading a resistive disk to be
stretched in the radial direction ﬁrst, and then the footpoints
to be pushed outward, away from the central star (Aly 1984;
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denotes the viscous heating and
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For a description of the stress tensor T, see Klahr, Henning,
& Kley (1999).
Throughout this work we assume axisymmetry. A timedependent 2.5-dimensional ﬁnite-diﬀerence code for solving
the equations of radiation hydrodynamics based on the
method of constrained transport (Evans & Hawley 1988)
has been developed by Kley (1989). Stone & Norman
(1992a, 1992b) and Hawley & Stone (1995) describe a modiﬁcation of the original Evans & Hawley scheme that ensures
stability by interpolating the ﬁeld advection and Lorentz
force terms along the characteristics (method of characteristics with constrained transport). To treat the full MHD system of equations, the induction equation and Lorentz force
terms as described in Stone & Norman (1992b) have been
added to the Kley (1989) code, and an additional heating
term due to the ohmic dissipation was included in the equation for the gas energy. As tests, the wind solution by Weber
& Davis (1967) and the results of Stone & Norman (1994)
were reproduced.
In the nonmagnetic case the disk is in hydrostatic equilibrium, and its vertical structure is determined by a local
equilibrium between viscous heating and radiative cooling.
For ﬁnding an appropriate initial mass distribution and
very long runs, in which the thermal evolution of the disk is
an issue, we include the equation for the radiation energy
density, which is treated using the ﬂux-limited diﬀusion
approximation (Levermore & Pomraning 1981):

F0 ¼ 

momentum,

ð8Þ

with the electric current j, is the magnetic heating term. In
equation (6) the term containing the radiative energy ﬂux F 0
is the radiative force. It is only present in those cases in
which radiation is included (see below). The same holds for
the radiative cooling term in equation (4),
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With outer radii of several hundred AU, the ratio of the
outer and inner radii of a protoplanetary disk is about 104.
For a dipolar magnetic ﬁeld, the ﬁeld strength decreases
with the third power of the distance from the star. Therefore, only the innermost part of the disk is directly aﬀected
by the stellar magnetic ﬁeld. As we focus on the star-disk
interaction, we restrict our computations to that part of the
disk and the halo above. The gas is assumed to be ionized
and the degree of ionization to be suﬃcient for a single-ﬂuid
approach to hold. The system can then be described by a set
of eight partial diﬀerential equations, namely, the conservation laws of mass,

visc ¼ ðT x Þ x u

D

2. THE MODEL

where T denotes the stress tensor. In equation (4)

D

Lovelace, Romanova, & Bisnovatyi-Kogan 1995; Bardou &
Heyvaerts 1996; Agapitou & Papaloizou 2000).
Camenzind (1990), Königl (1991), Cameron & Campbell
(1993), Shu et al. (1994), and Ghosh (1995) have applied
the Ghosh & Lamb scenario to the problem of coupling a
T Tauri star to the surrounding disk by a dipolar magnetic
ﬁeld. While the models of Königl (1991), Cameron & Campbell (1993), and Ghosh (1995) assume the dipole to be only
weakly distorted, Camenzind (1990) and Shu et al. (1994)
assume a force-free ﬁeld above the disk with an accretion
ﬂow along the ﬁeld lines close to the inner edge of the disk.
They conclude that only the inner part of the disk is magnetically connected to the star, while the outer parts of the
disk are threaded by open ﬁeld lines.
For a reliable estimate of the total torque exerted on the
central star, knowledge of both the structure of the magnetized disk and the ﬁeld conﬁguration in the medium above
the disk is necessary. Uchida & Shibata (1985), Goodson,
Winglee, & Böhm (1997), and Miller & Stone (1997) carried
out two-dimensional simulations of magnetized disks, but
the works of Uchida & Shibata and of Goodson, Winglee,
& Böhm focused on the launching of jets, while Miller &
Stone studied the formation of a funnel ﬂow toward the
poles of the central star. We therefore present a series of
computations that involve a fully two-dimensional model
of the disk structure as well as the evolution of an initially dipolar magnetic ﬁeld rooted in the central star and
threading the disk.
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The Ansatz in equation (11) transforms the radiation energy
equation (10) into a diﬀusion equation that is valid in the
optically thin as well as in the optically thick case. For the
opacity, an analytical approximation of the opacity tables
by Alexander, Auguson, & Johnson (1989), derived by Bell
& Lin (1994), is used.
We assume a perfect gas described by the equation of
state
p ¼ ðne þ i ni ÞkT ;

ð14Þ
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where ne and ni are the number densities of the electrons and
ions, respectively. The number densities of the diﬀerent
types of ion are related through the Saha equation:
niþ1 giþ1
¼
fs ðTÞ :
ni
gi

ð15Þ

The code includes the ionization of hydrogen and helium.
Note that the degree of ionization enters the model in the
equation of state only. We always assume the molecular
electric conductivity of the gas to be large enough for the
MHD approach to hold.
The small-scale motions of the gas inside the disk are
assumed to be subsonic and turbulent. Their eﬀect on the
large-scale ﬂow is modeled by a turbulence viscosity,
T

¼ SS cs Hp ;

where corr is the correlation time and u0 the amplitude of
the velocity ﬂuctuations. Lacking a detailed model for
turbulence in accretion disks, we relate the turbulent magnetic diﬀusivity to the turbulence viscosity through the
(turbulent) magnetic Prandtl number Prm:
T ¼

T

Pr m

:

one-dimensional version of the original Kley code is then
used with the same set of input parameters to solve for the
vertical structure of the disk at the inner and outer radii of
the two-dimensional integration volume. The initial disk is
then generated by linear interpolation between these two
one-dimensional solutions. The rotation rate is assumed
Keplerian, the radial velocity is determined by the initial
mass accretion rate, and the vertical velocity component is
assumed to be 0.
While measurements of magnetic activity give an estimate
for the ﬁeld strength in the stellar photosphere, the ﬁeld
geometry is unknown. Since we assume axisymmetry
throughout this paper, the most natural choice for the
unperturbed stellar magnetic ﬁeld is that of an axisymmetric
dipole:

ð16Þ

where SS < 1 is a free parameter, cs is the local sound
speed, and Hp is the pressure scale height (Shakura &
Sunyaev 1973). If the pressure scale height exceeds the
_ ¼ 107
height of the disk, the latter is used instead. With M
M yr1 and SS ¼ 0:01, values between 1014 and 1015 cm2
s1 result for T in the disk.
In turbulent conductive ﬂuids the decay of large-scale
electric and magnetic ﬁelds is strongly enhanced by smallscale motions. Provided the molecular electric conductivity
is high and the small-scale velocity ﬁeld is statistically isotropic, this enhanced decay can be described by a turbulent
magnetic diﬀusivity T. Unlike the turbulence viscosity,
which plays an essential part in the process of accretion, T
cannot be directly derived from the global properties of the
disk. Kitchatinov, Pipin, & Rüdiger (1994) computed both
parameters using the second-order correlation approximation and found nearly identical values for slow rotation and
isotropic, homogeneous turbulence:
 02 
 
4
; T ¼ 13 corr u02 ;
ð17Þ
T ¼ 5 corr u

ð18Þ

Equation (17) suggests Pr m ¼ 1, which we assume throughout this paper.
The molecular values for both the viscosity and the magnetic diﬀusivity can be neglected compared to the turbulent
values, as long as the degree of ionization is high enough to
justify the use of the MHD equations. Small but ﬁnite values
are used for the viscosity (2 orders of magnitude smaller
than in the disk) wherever the density drops below 1012 g
cm3, while the magnetic diﬀusivity is set to 0 in these areas.
The computations cover the disk itself and the halo
above. The inner radius is located at 1.7 stellar radii, about
one-third of the corotation radius, while a radius of 20 stellar radii is chosen for the outer boundary, such that the
boundary conditions do not aﬀect the inner parts, where the
interaction between the stellar magnetic ﬁeld and the disk
occurs.
To generate the start solution, we switch the stellar
magnetic ﬁeld oﬀ and the radiation transport on. The
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Br ¼

B cos
r3

;

B ¼

B sin
r3

;

ð19Þ

where r is to be taken in units of the stellar radius. The stellar magnetic ﬁeld can be treated as either an initial or an
external ﬁeld.
The initial state consists of a disk interpolated from
one-dimensional vertical structure models and a halo of thin
perfectly conducting gas. The vertical structure models
are computed with a one-dimensional radiation hydrodynamics code and show very steep density gradients in the
atmosphere of the disk. A large density contrast between
disk and halo is necessary to ensure that the disk is not
signiﬁcantly aﬀected by purely mechanical interactions
with the halo and infall of gas from the latter. The density
distribution in the halo,
 n
R0
;
ð20Þ
 ¼ 0
r
where R0 is the normalization radius (see below), contains
the input parameters 0 and n. With 0 ¼ 1012 g cm3 and
n ¼ 2, the density in the halo is about 4 orders of magnitude
smaller than in the disk, where it varies between 108 and
1010 g cm3. The initial temperature of the gas in the halo
is 5000 K, while the maximum temperature in the disk is
7000 K. The gas in the halo is initially at rest, while the disk
rotates Keplerian everywhere. The stellar magnetic ﬁeld
penetrates the disk; i.e., we start with a purely dipolar ﬁeld.
In all runs the stellar rotation rate was 1/10 of the
breakup rotation rate
sﬃﬃﬃﬃﬃﬃﬃﬃﬃﬃﬃ
GM
:
ð21Þ
K ¼
R3
With G ¼ 6:67  108 g1 cm3 s2, the breakup rotation frequency is K ¼ 1:3  104 s1, and the stellar rotation frequency  ¼ 1:3  105 s1 corresponds to a rotation period
of 5.6 days.
We normalize radius, time, velocity, density, temperature, pressure, and magnetic ﬁeld, respectively, as follows:
r0 ¼ R ;
sﬃﬃﬃﬃﬃﬃﬃﬃﬃﬃﬃ
r30
;
t ¼ ^tt0 ; t0 ¼
GM
r0
v ¼ ^vv0 ; v0 ¼
;
t0
r ¼ ^rr0 ;

ð22Þ
ð23Þ
ð24Þ
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 ¼ ^0 ;

0 input parameter ;

^ T0 ;
T ¼T

T0 ¼

v20

;
R
R0
p¼^
pp0 ; p0 ¼
;
T
p0ﬃﬃﬃﬃﬃﬃﬃﬃﬃﬃ
^ B0 ; B0 ¼ v0 40 :
B¼B

ð25Þ
ð26Þ
ð27Þ
ð28Þ

The domain of the integration has four boundaries: the
inner and outer radii, the equator, and the axis of rotation.
At the inner boundary, the azimuthal velocity component
is kept ﬁxed to match the stellar rotation period. For the
meridional part of the velocity ﬁeld, an outﬂow boundary
condition is imposed; i.e., the tangential component
of the velocity is assumed continuous, while the vertical
component is either continuous (if directed outward) or 0
(otherwise). The azimuthal components of both the magnetic and the electric ﬁelds and all scalar quantities are continuous. Imposing the boundary condition on the azimuthal
component of the electric ﬁeld rather than the poloidal magnetic ﬁeld ensures that the magnetic ﬁeld remains divergence
free. At the outer boundary, the same boundary conditions
hold as at the inner boundary, except for the azimuthal
velocity component, which is continuous rather than ﬁxed.
The boundaries at the axis of rotation and the equator are
not real boundaries but an axis and a plane of symmetry,
respectively. The boundary conditions therefore all follow
from symmetry.
3. RESULTS

We start with a pure MHD model; i.e., equation (10) is
used for calculating the start solution only (model A). We
have made runs for ﬁeld strengths B0 of 100 G, 1 kG, and 10
kG. While our focus is on the 1 kG case, which is closest to
observations, the 100 G and 1 kG cases can be regarded as
representing the limiting cases of very weak and very strong
ﬁelds, respectively. Figure 1 shows the evolution of the system in the B ¼ 1 kG run. Because of the open boundary
condition at the inner boundary, the halo is not in hydrostatic equilibrium. A Bondi-type spherically symmetric
accretion ﬂow therefore develops immediately after the start
of the run, squeezing the stellar dipole by dragging the ﬁeld
inward. Beginning at the inner edge of the disk, the ﬁeld
lines in the halo start to bend outward. Field loops are
stretched in the radial direction, and the radial component
begins to dominate the poloidal ﬁeld. Within these elongated loops the gas moves radially outward. The ﬁeld loops
eventually break up when they reach the boundary, leaving
parts of the disk disconnected from the star. At t ¼ 100 the
polar caps of the star as well as most of the disk are threaded
by open ﬁeld lines. Inside the disk the magnetic ﬁeld is
mainly vertical, and its orientation does not vary with the
radius. Above the disk there are two areas of strong poloidal
ﬁeld of opposite orientation, with a neutral zone in between,
at midlatitudes. As the run proceeds, the neutral zone
becomes very narrow, and the distribution of ﬁeld lines over
latitude is roughly ﬂat.
Figure 2 shows the inner region of the system at the beginning and the end of the run. In the vicinity of the inner boundary, the density has increased at all latitudes. The halo is
now divided into two regions: a high-density region close to
the star and directly above the disk and a low-density area.
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At midlatitudes an outﬂow from the high-density region
expands into the low-density region, while at high latitudes
the high-density region accretes gas from the low-density
region. The gap between the inner edge of the disk and the
inner boundary that was present in the initial model has
been closed. The density stratiﬁcation of the innermost part
of the disk strongly deviates from the original standard disk
and shows a region of high-density inﬂow on top of a layer
with lower density. The poloidal magnetic ﬁeld structure is
still close to the original dipole close to the inner boundary
but deviates substantially at midlatitudes and in the upper
layers of the disk and the layer immediately above.
The left panel of Figure 3 shows the value of the plasma
,
8pgas
;
ð29Þ
B2
and the toroidal ﬁeld component. Here < 1 in the disk
and the high-density part of the halo, and > 1 in the lowdensity region, indicating that the latter is dominated by the
magnetic ﬁeld. In the region shown, which is almost entirely
within the corotation radius, the toroidal ﬁeld is predominantly positive in the northern and negative in the southern
hemisphere. Together with a poloidal ﬁeld that points away
from the star in the northern and toward the star in the
southern hemisphere, the resulting magnetic torque is negative (transport toward the star).
Figure 4 shows the magnetic ﬁeld geometries and density
distributions for 100 G and 10 kG at t ¼ 679 and 173,
respectively. The simulation time was limited by technical
requirements. Strong ﬁelds in areas with low density lead to
high Alfvén velocities and thus small time steps because of
the Courant criterion. For the weak-ﬁeld case of 100 G, the
magnetic ﬁeld is compressed in the vertical direction by the
infalling gas. A current sheet separates a region of infalling
gas around the polar axis from the rest of the halo, where
the gas moves outward. The inner regions of the disk remain
coupled to the star, but open ﬁeld lines originate from the
outer parts of the disk. The ﬁeld orientation is essentially
vertical inside the disk but almost horizontal above. The
disk structure is not changed signiﬁcantly, but there is a halo
around the star with a radius of about 5 stellar radii. In the
halo, about 3 stellar radii above the equatorial plane, a current sheet separates the regions of closed and open ﬁeld
lines.
In the 10 kG strong-ﬁeld case, the inner parts of the disk
are disrupted. Beginning at the inner boundary, the gas
begins to ﬂow along the magnetic ﬁeld lines rather than
remain in the disk. The inner edge of the disk then moves
outward to 10 stellar radii, roughly twice the corotation
radius. The accretion ﬂow is vertical at the inner edge of the
disk but essentially horizontal closer to the star and reaches
the inner boundary of the integration volume at midlatitudes. Between the inner edge of the disk and the inner
boundary, a halo forms. Field lines originating from the
polar caps of the star open, leaving the outer parts of the
disk disconnected from the star, as in the weak-ﬁeld case.
Directly above the disk and at midlatitudes there are two
distinct regions of fast outﬂow with high mass density. The
mass loss through the outer boundary amounts to 30% of
the accretion rate at the inner boundary. This is, however,
still a transient state.
The pure MHD model contains viscous heating terms but
no radiative cooling. While this is not an issue for short
¼
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Fig. 1.—Evolution of the magnetic ﬁeld and the density distribution for model A with a dipole ﬁeld strength of 1 kG. The diagrams show the system at
t ¼ 0, 39, 75, 101, 119, and 146, respectively, from top left to bottom right. The white solid lines denote ﬁeld lines, and the arrows the poloidal component of
the gas velocity. [See the electronic edition of the Journal for a color version of this ﬁgure.]

simulation times, it might prevent the system from reaching
an equilibrium. We therefore study a second model (model
B) using the same start solution but keeping the radiation
transport switched on, i.e., solving equation (10) together
with equations (2)–(5). We again make runs with 100 G, 1

kG, and 10 kG. Figure 5 shows the density, poloidal ﬁeld,
and (meridional) gas ﬂow for the extreme cases of 100 G
and 10 kG.
As in the pure MHD case, the weak ﬁeld (100 G) is
squeezed by the gas infalling from the halo. A sheet of open
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Vol. 589

Fig. 2.—Innermost region of the disk for B ¼ 1 kG, model A. Left: Initial density distribution and poloidal magnetic ﬁeld. Right: Density distribution,
poloidal magnetic ﬁeld, and meridional gas ﬂow at t ¼ 146. [See the electronic edition of the Journal for a color version of this ﬁgure.]

ﬁeld lines develops that separates the area close to the rotation axis from the rest of the halo. The inner parts of the disk
are coupled to the star, while the outer parts are threaded by
open ﬁeld lines. The transition between both regions occurs
at 8 stellar radii. Above the outer parts of the disk, ﬁeld lines
are bent outward and their orientation is roughly parallel to
the disk surface. The halo is almost neutral at midlatitudes,
where a slow outﬂow occurs.
A very strong ﬁeld of 10 kG disrupts the disk within 8
stellar radii. Field lines originating from the polar caps of
the star are open, while those with footpoints closer to the
equator are closed. A high-density outﬂow emerges at
midlatitudes. Between the inner boundary and the inner
edge of the disk, the region of maximum density lies at
about 1.5 stellar radii above the equatorial plane. The magnetic ﬁeld is bent inward below and outward above the
region of maximal density.

The 1 kG case is shown in Figure 6. The density distribution diﬀers considerably from the pure MHD case. The
innermost part of the disk has become very thin, and a small
gap is present between the inner edge of the disk and the
inner boundary. The almost spherical halo around the inner
boundary found in the pure MHD model is missing.
Instead, a high-density region has formed above the disk,
extending about 15 in latitude, with densities between 1
and 2 orders of magnitude lower than inside the disk. Gas
accretion through the inner boundary takes place through
this halo rather than the disk. The poloidal ﬁeld structure is
similar to that found with model A, but the closed ﬁeld line
region extends about twice as far in the disk plane, to about
8 stellar radii. The ﬁeld lines threading the outer disk are still
bent outward, but not as strongly as in the weak-ﬁeld case.
The toroidal ﬁeld and plasma for this case are shown in
the right panel of Figure 3. As in model A, > 1 in the disk
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Fig. 3.—Plasma and toroidal magnetic ﬁeld for the B ¼ 1 kG runs of models A (left) and B (right). Solid lines denote positive values of B , and broken
lines negative values. [See the electronic edition of the Journal for a color version of this ﬁgure.]

and high-density region of the halo, and < 1 elsewhere.
The toroidal ﬁeld distribution, however, is completely diﬀerent. Inside the disk, B is positive in the upper and negative
in the lower part of the disk but has reversed signs in the
halo above. This leads to opposite toroidal ﬁeld polarities
on the inner boundary for the two models.
4. DISCUSSION

Our computations show that the initial conﬁguration
with a dipolar magnetic ﬁeld rooted in a star surrounded by
a Keplerian disk is unstable. Unless the ﬁeld strength on the
stellar surface exceeds a certain threshold of several kilogauss, the ﬁeld in the halo above the disk is wound up
because of the diﬀerent rotation rates of the footpoints of
each ﬁeld line. A toroidal ﬁeld is generated, and the poloidal
ﬁeld lines are stretched in the radial direction at midlatitudes. Field lines originating from the equatorial regions of
the stellar surface remain closed, while those originally con-

necting the polar caps of the star with the outer parts of the
disk break up, leaving star and disk threaded by open ﬁeld
lines. For ﬁeld strengths above the threshold value, the inner
parts of the disk are disrupted, and the accretion ﬂow
changes from disk to magnetospheric accretion. For the
disk studied here with an accretion rate of 107 M yr1 and
a viscosity parameter SS ¼ 0:01, surrounding a solar-mass
star with a radius of 3 R, the critical ﬁeld strength lies
between 1 and 10 kG, measured on the stellar surface. For
ﬁeld strengths below the threshold value, the disk height
decreases inside the corotation radius. The magnetocentrifugal force exerted by the wound-up ﬁeld drives an outﬂow
at midlatitudes. The mass-loss rate varies strongly with
time. It can reach a signiﬁcant fraction of the mass accretion
rate and temporarily even exceed it. Outﬂow velocities reach
up to 200 km s1 at a 20 stellar radii distance from the star,
which exceeds the escape velocity of 60 km s1. Because of
the open boundaries, our setup does not guarantee the existence of a stationary solution. As a consequence, none of
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Fig. 4.—Weak- and strong-ﬁeld cases for model A. Left: For B ¼ 100 G. Right: For B ¼ 10 kG. [See the electronic edition of the Journal for a color version
of this ﬁgure.]

our runs reached a stationary state. In the B ¼ 100 G
model B case, which was run longest, the solution became
stationary in a statistical sense in the inner parts of the simulation volume.
In contrast to pure MHD models usually focused on jet
collimation, both the disk and the halo are relatively cool in
our model (except in the vicinity of the inner boundary in
model A), with initial temperatures of a few thousand kelvins only. We have taken into account the low degree of ionization at these temperatures in the equation of state only
and have assumed that the equations of MHD still hold. At
the limited resolution of our computations, eddy viscosity
and magnetic diﬀusivity coeﬃcients have to be used rather
than their molecular counterparts anyway, and one can
hope that the turbulent diﬀusion processes do not strongly
depend on the molecular viscosity and ohmic resistivity, if
the latter exist at all.
The most striking diﬀerence between the models with and
without radiation is the structure of the halo. Model A

shows a high-density region around the central star with
temperatures up to 106 K. Model B lacks this halo around
the star and has a region of increased density above the disk
instead, and lower temperatures in the halo compared to
model B. In the runs with radiation transport switched on,
the disk showed a tendency to thicken, especially in the
outer parts, temporarily reaching an H=R aspect ratio of
about 1 in some cases. A run with zero ﬁeld strength showed
that this behavior is not caused by the magnetic ﬁeld but
appears to be a consequence of the rather moderate density
contrast between disk and halo chosen to limit the Alfvén
speed. An inspection of the halo’s thermal properties
revealed that the disk became unstable whenever the gas
temperature in the halo was between 5000 and 10,000 K, at
which the opacity is a rapidly increasing function of the temperature, a condition known to cause disk instability.
The ratio of poloidal to toroidal ﬁeld energies is less than
1 in all runs, increasing from 0.01 for a polar ﬁeld strength
of 100 G to 1 in the 10 kG case. This is probably due to the
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Fig. 5.—Density, poloidal ﬁeld lines, and meridional gas motion for the weak- and strong-ﬁeld cases of model B. Left: For B ¼ 100 G. Right: For
B ¼ 10 kG. [See the electronic edition of the Journal for a color version of this ﬁgure.]

fact that the force necessary to adjust the accretion ﬂow to
the magnetic ﬁeld depends on the densities of mass and
kinetic energy in the disk, which are always roughly the
same.
We now address the problem of angular momentum
transport. The azimuthal component of the equation of
motion expresses the conservation of angular momentum:
@
¼
@t

D

r2 sin2 

xt

:

ð30Þ

The magnetic contribution to the transport vector is
tmag ¼

r sin B
B;
4

and the total torque is given by the surface integral
Z 
Tmag ¼ 2r2
ðtmag x rÞ sin d :
0

ð31Þ

ð32Þ

Deﬁned as in equation (32), the torque is positive when
angular momentum is extracted from the star and negative
when the stellar rotation is accelerated. The initial conﬁguration always produces a negative torque.
With model A, the torque was found to be negative in the
100 G and 1 kG runs and positive in the 10 kG run. Figures
7 and 8 show the poloidal and toroidal ﬁeld energies as well
as the magnetic torque as functions of time for model B and
values of 100 G and 1 kG, respectively. In both cases, the
total torque is negative at the beginning4 and strongly varies
with time, even changing its sign, but becomes more steady
after t ¼ 1000 and 500, respectively, and the sign is positive most of the time. In the B ¼ 100 G case, the poloidal
ﬁeld energy, magnetic toque, and kinetic energy become

4 The initial phase is not shown in the B ¼ 1 kG case because of some

high (negative) peaks in the magnetic torque curve.
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Fig. 6.—Density, poloidal magnetic ﬁeld, and velocity for B ¼ 1 kG , model B. The right panel is an enlarged view of the inner part of the left. [See the
electronic edition of the Journal for a color version of this ﬁgure.]

essentially constant after t ¼ 1000, but the toroidal ﬁeld
energy continues to grow. This is due to the longer timescale
for the toroidal ﬁeld evolution in the outer parts of the
disk, which do not contribute signiﬁcantly to the magnetic
torque.
The surprising positive sign of the torque is a consequence
of the negative sign of the toroidal ﬁeld component in the
upper hemisphere and the positive sign in the lower hemisphere, at the inner boundary. The high-density region of
the halo corotates with the disk. In this region, the dominating generator of the toroidal ﬁeld is the radial shear term in
the induction equation,
sin Br

@
;
@r

which is negative for positive Br and Keplerian rotation. At
the boundary, there is a sharp increase of the rotation rate,

generating a toroidal ﬁeld of the opposite sign. For the ﬂux
generated in this boundary layer to penetrate the disk, the
timescale of radial ﬁeld diﬀusion,
diff

¼

l2
;


ð33Þ

must be shorter than the timescale of ﬁeld advection,
adv

¼

l
:
ur

ð34Þ

With values of 1011 cm for the length scale l, 1014 cm2 s1
for the magnetic diﬀusivity , and 107 cm s1 for the radial
velocity component, diff ¼ 108 s, while adv ¼ 106 s. The
positive radial shear at the inner boundary, although very
strong, is therefore without eﬀect, because the ﬂux it
generates is immediately removed from the integration
volume.

Fig. 7.—Poloidal and toroidal ﬁeld energies and magnetic torque as functions of time for the model B, B ¼ 100 G case. The units of the energies are
arbitrary, and the torque is in cgs units, divided by R3 . Positive torque means angular momentum transport in the positive r-direction, away from the star.

Fig. 8.—Same as Fig. 7, but for B ¼ 1 kG
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The timescale for the spin-down of a star rotating with
angular frequency  is given by the relation
I _ ¼ T ;

ð35Þ

where
8
I¼
3

Z

R

r4 dr ¼ Mk2 R2

ð36Þ

0

is the star’s moment of inertia and k the fractional radius of
gyration. The value of k depends on the density stratiﬁcation. We use k2 ¼ 0:2, as derived from polytrophic models
for fully convective stars (Rucinski 1988). For a solar-mass
T Tauri star, M ¼ 2  1033 g and R ¼ 2  1011 cm, equation (36) yields a value of 1:6  1055 g cm2. The spin-down
timescale is given by
¼


:
_

5. CONCLUSIONS

0

we ﬁnd a value of 2:7  1039 g cm2 s2 for the latter, exceeding the magnetic torque by 2 orders of magnitude. The total
torque at the inner boundary is thus always negative, spinning up the star.
For magnetic ﬁeld strengths of the order of 1 kG, our
model produces outﬂows at midlatitudes, but no collimation occurs. Although both the mass accretion rate and the
total magnetic torque vary strongly with time, we did not
encounter periodic or quasi-periodic behavior, as reported
by Goodson & Winglee (1999, hereafter GW99) and Matt et
al. (2002). This discrepancy is most likely due to diﬀerent
choices of the viscosity parameter. While GW99 use a constant value of 5  1016 cm2 s1 in their innermost box, ours
is smaller by 2 orders of magnitude in the disk, and 0 in the
halo. With the magnetic diﬀusivity parameter set to 0,
reconnection can take place because of the numerical diﬀusion only, which is small compared to the eddy magnetic
diﬀusivity in the disk or the constant value used by GW99.
Shu et al. (1994) ﬁnd that a stellar magnetic ﬁeld strong
enough to truncate the circumstellar accretion disk is always
strong enough to drive a magnetocentrifugal wind with
mass-loss rates of the same order as the mass accretion rate
of the disk. In their model the truncation radius of the disk,
Rt, is somewhat closer to the star than the X-point, RX,
which marks the outer boundary of the zone from which
mass can ﬂow onto the star through the funnel ﬂow. Just
outside the X-point lies the region where the wind originates. Angular momentum transport from the star to the
disk is possible if the magnetic ﬁeld is strong enough to keep
the magnetosphere in corotation with the star. The angular
momentum transferred to the disk is then mostly carried
away by the wind. For the location of the X-point, they
derive the estimate

X ¼ X

with X < 1 a dimensionless parameter, which diﬀers
from equation (1) only in the value of the dimensionless
parameter, which is slightly greater for the X-point than
for the truncation radius. With B ¼ 1 kG, equation (39)
yields X ¼ 4:8X for our model. That the disk is not
truncated at this ﬁeld strength in our model can thus be
easily explained if X < 0:4, in which case the truncation
radius just lies too close to the star. For a ﬁeld strength of
10 kG, a radius of 7.2 stellar radii would then follow for
the X-point. In Figures 4 and 5 the truncation radius is
about 10 stellar radii, somewhat larger than predicted by
the Shu et al. (1994) model. Since the system is far from
stationary, and the elapsed time was not long enough for
the ﬁeld lines to open, we cannot decide how signiﬁcant
this discrepancy is.

ð37Þ

In the 1 kG run, the value of the magnetic torque is of the
order of 2  1037 g cm2 s2, which would give a spin-down
time of about 3 Myr. However, by comparison of the magnetic torque with the accretion torque,
Z 

2
ur r2 sin2 r sin d ;
ð38Þ
Tacc ¼ 2r

RX ¼ X R ;
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B4 R5
_2
GM M

1=7
;

ð39Þ

We have carried out MHD simulations of an accretion
disk around a T Tauri star with an initially dipolar magnetic ﬁeld to study the ﬁeld structure in the magnetosphere, the truncation of the disk, and the torque on the
star. We have carried out runs with and without radiative energy transport. While in the pure MHD models a
hot halo with temperatures up to 106 K forms around
the star, models including radiation tend to produce
cooler magnetospheres with temperatures of a few thousand kelvins and a layer of higher density above the disk,
which dominates the accretion ﬂow close to the inner
boundary.
For an accretion rate of 107 M yr1 and an inner radius
of 1.7 stellar radii, the ﬁeld strength B* necessary for disk
truncation lies between 1 and 10 kG, in agreement with the
purely analytical models by Ghosh & Lamb (1979a) and
Shu et al. (1994).
Magnetic ﬁelds of the order of 1 kG can drive outﬂows
with mass-loss rates of 1/10 of the disk accretion rate or
above. Our results conﬁrm the ﬁnding of Shu et al. (1994)
that a ﬁeld strong enough to disrupt the disk is also strong
enough to drive an outﬂow. We have, however, found cases
in which the wind exists without disk disruption.
The inner boundary in our simulations is located between
the corotation radius and the stellar surface, not on the stellar surface. Although the poloidal magnetic ﬂux and the
rotation rate are ﬁxed, mass, angular momentum, and toroidal magnetic ﬂux can leave the system through this boundary. For a complete treatment of the angular momentum
problem, it is necessary to extend the integration volume
down to the stellar surface and ﬁnd a more realistic boundary condition.
In this study we have explored the types of solution for
ﬁeld strengths covering 2 orders of magnitude for a ﬁxed
rotation rate rather than trying to ﬁnd an equilibrium solution with disk truncation up to the corotation radius. From
these results as well as from the analytical models, it is clear
that for prescribed mass accretion and stellar rotation rates,
such an equilibrium state can only be reached for a unique
ﬁeld strength, which can only be found by either tuning
the magnetic ﬁeld strength for ﬁxed rotation rate or vice
versa.
We have found three types of solutions: (1) A weak ﬁeld is
compressed by the infalling gas, and the disk is only weakly
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aﬀected. (2) A ﬁeld of an intermediate strength of 1 kG
drives an outﬂow but is not strong enough to directly disrupt the disk. We cannot exclude the possibility, however,
that (3) the inner parts of the disk are slowly drained
through magnetically enhanced accretion. A magnetic ﬁeld
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as strong as 10 kG disrupts the disk to radii beyond the
corotation radius by pushing the gas outward.
This work was supported by the Deutsche Forschungsgemeinschaft.
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Bouvier, J., Forestini, M., & Allain, S. 1997, A&A, 326, 1023
Lovelace, R. V. E., Romanova, M. M., & Bisnovatyi-Kogan, G. S. 1995,
Bouvier, J., et al. 1993, A&A, 272, 176
MNRAS, 275, 244
Camenzind, M. 1990, Rev. Mod. Astron., 3, 234
Matt, S., Goodson, A. P., Winglee, R. M., & Böhm, K.-H. 2002, ApJ, 574,
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