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Abstract

The magnetic �eld energy density in nearby galaxies is roughly in equipartition with the tur-

bulent, thermal, and cosmic ray energy densities. Magnetic �elds are therefore expected to be

dynamically important at present times. Field strengths are also expected to be strongly am-

pli�ed during major mergers, which are themselves believed to be an important driver of galaxy

evolution. To date, however, investigations into the relationship between magnetic �elds and

galaxy mergers have only used isolated set-ups. Such simulations require many free parameters,

and frequently do not treat physical processes in a cosmologically self-consistent fashion. In this

thesis, we present the �rst ever cosmologically-consistent magnetohydrodynamic (MHD) zoom-

in simulations of major mergers. Our simulations employed the moving-mesh code arepo and

the comprehensive Auriga galaxy formation model. By comparing these simulations with hydro-

dynamic simulations run from the same initial conditions, we evaluate the impact of including

MHD physics. In contrast to previous cosmological MHD simulations of isolated galaxies, we

�nd a substantial di�erence. Whilst magnetic �elds do not strongly impact global properties

such as the star formation rate and total stellar mass, we �nd that they dramatically a�ect the

morphology produced. Furthermore, we �nd that this e�ect is only uncovered with high enough

resolution. We identify increased AGN feedback in the MHD simulations as the primary cause.
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Zusammenfassung

Die Energiedichte des Magnetfeldes in nahe gelegenen Galaxien entspricht ungef�ahr der En-

ergiedichte des turbulenten und thermischen Gases sowie der kosmischen Strahlung. Es wird

daher erwartet, dass Magnetfelder gegenw�artig f�ur die galaktische Dynamik wichtig sind. Es

wird auch erwartet, dass die Feldst�arken bei gr�o�eren Galaxienverschmelzungen stark ansteigen,

die ihrerseits sehr wahrscheinlich einen wichtigen Antrieb in der Entwicklung von Galaxien

darstellen. Bisher wurden bei Untersuchungen des Zusammenhangs zwischen Magnetfeldern

und Galaxienverschmelzungen nur Simulationen isolierter Galaxien verwendet. Solche Simula-

tionen erfordern viele freie Parameter und behandeln physikalische Prozesse h�au�g nicht kosmol-

ogisch konsistent. In dieser Arbeit pr�asentieren wir die ersten kosmologisch konsistenten mag-

netohydrodynamischen (MHD) Zoom-In-Simulationen von gr�o�eren Galaxienverschmelzungen.

In unseren Simulationen verwenden wir den bewegten Gittercode arepo und das umfassende

Auriga-Galaxienbildungsmodell. Durch den Vergleich dieser Simulationen mit hydrodynamis-

chen Simulationen, die unter denselben Anfangsbedingungen durchgef�uhrt wurden, bewerten

wir die Auswirkungen der Einbeziehung der Magnetohydrodynamik. Im Gegensatz zu fr�uheren

kosmologischen MHD-Simulationen isolierter Galaxien hat die Einbeziehung von MHD einen er-

heblichen Ein
uss auf die Simulationen. Obwohl Magnetfelder globale Eigenschaften wie die

Sternentstehungsrate und die gesamte Sternmasse nicht stark beein
ussen, stellen wir fest, dass

sie die erzeugte Morphologie dramatisch beein
ussen. Dar�uber hinaus stellen wir fest, dass dieser

E�ekt nur mit einer ausreichend hohen Simulationsau
�osung aufgedeckt wird. Wir identi�zieren

eine erh�ohte AGN-R�uckkopplung in den MHD-Simulationen als Hauptursache dieses E�ekts.
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Chapter 1

Introduction

Mergers play a key role in the evolution of galaxies. They give rise to a rapidly varying gravi-

tational potential, which can have dramatic consequences for the galactic components and their

kinematics. Being di�usive, the gas component of the galaxy is particularly sensitive to such

changes. During a merger, gas may be drawn deep into the galaxy, leading to bursts in star for-

mation. It may also be expelled almost entirely, transforming the galaxy into a so-calledred and

dead galaxy. Under the theory of hierarchical structure formation, mergers are not infrequent.

Indeed, for late times they are suggested to be the driving force of massive galaxy evolution

(Hopkins et al., 2008; Tacchella et al., 2019). Such predictions are supported from observations,

which have shown that half of all galaxies with present-day masses of M� > 5 � 1010 M � are

likely to have undergone a major merger sincez = 0 :8 (Bell et al., 2006).

Radio observations, amongst other evidence, has shown that most late type galaxies in the local

Universe are permeated by magnetic �elds (Beck et al., 1985; Beck and Hoernes, 1996). Indeed,

for these galaxies the magnetic pressure in the interstellar medium (ISM) is believed to be roughly

in equipartition with the thermal gas pressure (Arshakian et al., 2009). These observations

suggest that magnetic �elds may be dynamically important for the evolution of galaxies. As the

gas in the galactic halo is almost fully ionised, and that in the ISM is at least partially ionised,

magnetic �elds may also be considered to be intimately coupled to the gas component of galaxies

(Ferri�ere, 2001). This means that as the gas is disrupted so are the magnetic �elds, with �elds

becoming strengthened by shocks and gas in
ow and weakened by gas expulsion and disruption

to dynamo processes. As such e�ects are heightened during a merger, magnetic �elds may have

an important role to play in the outcome of galaxy mergers. Furthermore, if magnetic �elds

are signi�cantly altered during a merger, observing them could also provide a window onto the

merger history of galaxies.

Naturally, the interplay between the forces and components involved in this problem is extremely

1
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non-linear. It is therefore best investigated through the use of numerical simulations. However,

there are an extraordinary range of dynamic scales to cover: resolving the turbulence generated in

the galaxies is expected to require close to parsec resolution (Teyssier et al., 2010; Renaud et al.,

2014). On the other hand, parameters such as the impact velocity and the overall gravitational

�eld experienced by the participating galaxies comes from the environmental context. This

requires resolving tens of Mpc. In an attempt to reconcile the di�erences between these scales,

we use the technique of high-resolution cosmological \zoom-in" simulations. Such simulations

are able to probe the �ne-scale nature of the problem, including stellar and black hole feedback

(e.g. Grand et al., 2017, hereafter G17), without resorting to the use of arbitrary parameters,

as required in idealised set-ups. Implementing a proper treatment of magnetohydrodynamics in

such simulations is technically challenging, and has only recently been achieved in a satisfactory

manner (Pakmor et al., 2014). Now that these methods exist and have been found to be reliable,

it is �nally possible to investigate the impact of magnetic �elds on galaxy mergers, and vice

versa, in a proper cosmological context. We do this here for the �rst time through comparison

of hydrodynamic and magnetohydrodynamic (MHD) simulations of major mergers of late-type

galaxies based on the same initial conditions.

This thesis is organised in the following way: in the following section, we recap the physics

involved in the problem. This includes: the theory of large-scale structure formation, as used in

our cosmological simulations; some of the key physical processes required in galaxy formation and

evolution models; our current theoretical understanding of galaxy mergers; and a brief summary

of what is known of cosmological magnetism and of its role in galaxy evolution. In Chapter 2 we

introduce our simulations and the numerical methods we used, including the galaxy formation

model and MHD implementation. In Chapter 3, we present results of tests done to validate

our methods, followed by our simulation results and analysis thereof. In Chapter 4, we identify

caveats of the main work, and suggest possible future extensions. Finally, in Chapter 5 we

summarise our main conclusions.
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1.1 Large-scale structure formation

Over the last few decades, cosmology has made great strides in tackling the problem of large-scale

structure formation. Indeed, the astrophysics community has now generally settled on a standard

model for cosmology known as the �CDM model1 (White and Rees, 1978; Blumenthal et al.,

1984). This theory has had a lot of success in being able to predict the observed distribution

of galaxies, clusters, and voids. As with most of the other competing cosmological models, it is

based on two main assumptions:

i) The Universe is homogeneous and isotropic.

ii) The Universe is governed by its mass-energy content, which acts according to Einstein's

theory of General Relativity.

The �rst supposition is known as the cosmological principle, and it appears to be consistent with

observations made thus far. For example, the Sloan Digital Sky Survey (SDSS), which claims to

have created the most detailed three-dimensional maps of the Universe ever made, shows that

the Universe is roughly homogeneous on scales larger than 70 Mpc/h (Blanton et al., 2017).

Similarly, the cosmic microwave background (CMB) appears to be roughly isotropic for all lines

of sight (Jarosik et al., 2011; Planck Collaboration, 2014, 2018). Together, these assumptions

lead to the Friedmann-Lemâ�tre-Robertson-Walker (FLRW) metric. This metric may be used to

understand the appearance of objects at cosmological distances, as a�ected by the curvature of

space-time. We may also derive the Friedmann equations from it, which govern the expansion

of space-time in such a universe.

Under the �CDM model, the matter-energy content of the Universe is divided into three distinct

categories: i) ordinary or \baryonic" matter, ii) dark matter, and iii) dark energy. In contrast

to the particle physics de�nition, baryonic matter in cosmology is considered to be all objects

made of protons, neutrons, and electrons. In practise, this means matter that takes the form of

stars, gas, or dust. Dark matter, on the other hand, is considered to be all other forms of matter.

It is uncertain what the majority of dark matter is composed of, but its existence is strongly

implied from a variety of astrophysical observations. Evidence for dark matter starts as early

as the beginning of the 20th century, when several authors reported inconsistencies to be found

between calculating the mass of large composite objects from mass-luminosity relations versus

that obtained by applying Kepler's laws or the virial theorem to the observed velocity dispersion.

1Naturally, there are competitors to this theory, such as Modi�ed Newtonian Dynamics (MOND), but these

will not be discussed here.
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Most notably, Swiss astrophysicist Fritz Zwicky used these two methods to calculate the mass

of the Coma Cluster in 1933 and concluded that the majority of the mass in the cluster must

be unseen (Zwicky, 1933). In the 1970s, as spectrograph technology became better developed,

further strong evidence was provided for dark matter through the observation of galaxy rotation

curves. It was found that stars in spiral galaxies exhibited either 
at or rising rotation velocities

with increasing radius, implying the existence of a signi�cant amount of non-luminous matter

beyond the optical galaxy (Rubin and Ford, 1970; Freeman, 1970). Such results initially proved

controversial, but have since been con�rmed over subsequent decades (Rubin et al., 1980). To

strengthen the case further, strong evidence for the existence of dark matter has also been

produced through other methods such as the gravitational lensing of background objects by

galaxy clusters (Taylor et al., 1998).

The evidence for dark energy is also indirect, but again comes from many independent sources.

The most often cited sources of evidence for dark energy are: i) supernovae distances in compar-

ison with their cosmological redshift showing that the Universe is expanding at an accelerating

rate (Riess et al., 1998; Perlmutter et al., 1999), ii) the observation of a geometrically 
at universe

resulting in the need for an additional energy term in the Friedmann acceleration equation (de

Bernardis et al., 2000), and iii) measurements of the baryon acoustic oscillations (BAO) | the


uctuations in the density of visible baryonic matter in the Universe (Eisenstein et al., 2005).

The simplest possible explanation for dark energy, and the explanation invoked in �CDM, is

that it is an intrinsic, fundamental energy of space, known as the cosmological constant. This

constant is usually represented by the Greek capital letter lambda: �. Through mass-energy

equivalence this cosmological constant also has a gravitational e�ect. Indeed, it actually has a

strong negative pressure, with an equation of state given asp = !� , where ! < � 1=3, and p

and � are pressure and density, respectively. Dark energy is also the dominant component in the

Universe. From current observations it is estimated that � 70% of the Universe takes the form

of dark energy, with a further � 25% being dark matter, and only the remaining � 5% being

baryonic matter (Jarosik et al., 2011; Planck Collaboration, 2014, 2018). Of these three types,

the �rst two are the most in
uential factors in the theory of cosmological structure formation.

Di�erent types of dark matter would a�ect the structure formation process di�erently, so it is

worth discussing the properties of dark matter as supported in the current theory. In �CDM the

dark matter component is collisionless, dissipationless, and cold.Collisionless, in this respect,

means that the dark matter interacts only very weakly, other than via the gravitational force.

Perhaps the best evidence so far for dark matter being collisionless comes from gravitational

lensing studies of the two colliding galaxy clusters in the Bullet Cluster, which show the majority

of the mass is in a clear bi-modal distribution following the initial cluster collision (Clowe et al.,
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2004; Markevitch et al., 2004). Dissipationless means that the dark matter may not cool by

radiating photons, which is necessary in order to explain why it may not be observed directly.

Finally, cold is here taken to mean that that the velocity of dark matter at the era of radiation-

matter equality was far less than the speed of light. Cold Dark Matter (CDM) provides the �nal

part of the acronym in �CDM, but the distinction between hot and cold dark matter is also of

vital importance in terms of structure formation. Dark matter in the early Universe was able

to move a certain distance on average before before falling into a potential well. Such distance

is known as the free streaming length and naturally increases with the velocity of the dark

matter particle. Density 
uctuations smaller than the free streaming length were washed out, as

particles spread from overdense to underdense regions, in e�ect setting the minimum scale for

later structure 
uctuation. This minimum scale dictates whether structure formed \top-down"

or \bottom-up"; that is, whether large matter aggregations formed early before fragmenting into

separate galaxies, or whether galaxies formed �rst with larger, more complex structure forming

later.

Deep-�eld observations now rule-out \top-down" formation, showing that smaller structure does

indeed form before larger structure (Babul and Ferguson, 1996; Madau and Dickinson, 2014).

We may therefore feel con�dent in only concentrating on \bottom-up" or \hierarchical" structure

formation. Hierarchical structure formation is a feature that is present in all cold dark matter

models, and proceeds thusly: during a period of rapid expansion, known as in
ation, quantum


uctuations in the primordial energy distribution were magni�ed to cosmic size. As the Universe

expanded further, regions with a higher than average density expanded more slowly due to

their self-gravitational attraction. Correspondingly, regions with a lower than average density

expanded more quickly than their surroundings. Eventually, once a region became about twice

as dense as a typical region its size (see e.g. Peebles, 1970; Primack, 2009), it stopped expanding

all together and collapsed to form a virialised structure. As dark matter is dissipationless,

and consequently does not gain any support from radiation pressure, it was the �rst type of

matter to collapse, forming so-calleddark matter haloes. It is possible to construct models of

in
ation such that the primordial energy distribution may be described by a Gaussian random

�eld characterised by a power spectrum of the formP0(k) = Ak n , where n is the spectral index

and takes a value ofn � 12. This primoridal power spectrum must then be convolved with a

transfer function (Bardeen et al., 1986) to describe its evolution after physical processes such

as free-streaming or the Meszaros e�ect (Meszaros, 1974). The �nal processed power spectrum

then takes the form P(k) = P0(k)jT2(k)j and is consistent with observations of the temperature

anisotropies in the CMB (Smoot et al., 1992). It may be seen that this power spectrum provides

greater power for higher wavenumbers. This is equivalent to higher power for smaller scales, as

2A choice of n = 1 is often called the \scale-free" or \Harrison-Zel'Dovich" power spectrum.
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k is inversely proportional to physical size. Consequently, perturbations on smaller scales have

higher characteristic amplitudes, and so smaller objects collapse �rst before merging with larger

objects in a hierarchical manner.

As long as density perturbations remain small, their evolution may be tracked analytically using

well-de�ned linear perturbation theory (e.g. Zel'Dovich, 1970). However, as the perturbations

grow in size, their evolution reaches a non-linear regime, which may only be tracked numerically.

To this end, there have been many cold dark matter simulations performed. These simulations

generally agree with one another and predict a highly inhomogeneous distribution on small scales,

displaying a web-like structure, consisting of voids, walls, �laments and haloes (Davis et al., 1985;

Navarro et al., 1996; Springel et al., 2005b; Klypin et al., 2011). Such structure may be quanti�ed

and compared to observational results through power spectrum analysis (Cole et al., 2005) or

using methods such as subhalo abundance matching to produce theoretical galaxy distributions

(Trujillo-Gomez et al., 2011; Chaves-Montero et al., 2016), which may then be compared to

observational results using functions such as the two-point correlation function (Maddox et al.,

1990). A prime example of this is the Millennium Simulation, which was able to faithfully

reproduce many of the characteristics seen in SDSS sky maps (Springel et al., 2006). Without the

ability to radiate away its potential energy though, dark matter structures tend to be relatively

di�use. Smaller, denser structures require baryonic physics.

1.2 Physical processes in galaxy formation

As the Universe expanded, it cooled. Atz = 1100, or about 380 thousand years after the Big

Bang, the Universe had cooled to a temperature of around 3000 K, and ionised plasma from the

early Universe was able to stably recombine, forming mostly neutral hydrogen. This epoch is

often referred to as theera of recombination and, as neutral hydrogen is unobservable throughout

most of the electromagnetic spectrum, the era following is sometimes referred to as thedark ages.

The earlier formation of primordial dark matter haloes provided the additional gravitational

attraction needed for neutral gas to overcome its thermal and radiative pressures and collapse

as well. This gas is believed to have collapsed into pressure-supported quasi-hydrostatic gaseous

haloes, where it cooled slowly (Rees and Ostriker, 1977). The subsequent evolution of the gas

was dependent on its ability to radiate away the extra energy.

The main cooling processes relevant in this picture, and for galaxy formation over cosmic history,

may be separated into three regimes: gas that is hotter than 107 K is fully ionised and cools

predominantly via bremsstrahlung (free-free emission); gas that is in the temperature range



1.2. Physical processes in galaxy formation 7

of 104 K � T � 107 K is partially collisionally ionised and may decay to its ground state,

allowing electrons and ions to recombine; and gas below 104 K cools via molecular and metal

line cooling (Somerville and Dav�e, 2015). The e�ectiveness of each of these modes depends on the

metallicity of the gas involved, but they may be summed over to create a single cooling function

(e.g. Sutherland and Dopita, 1993; Wiersma et al., 2009). The cooling processes presented here

were also augmented by inverse Compton scattering during the early Universe (z & 5), when

the density of cosmic microwave background photons was su�ciently high (Ikeuchi and Ostriker,

1986).

The time taken for the gas to reach thermal equilibrium is known as the cooling timescale. This

is the thermal energy of the gas per unit volume divided by the cooling rate:

tcool =
3
2 nkT
n2

H �

where � is the cooling function normalised by the hydrogen number density squared,n2
H . As

can be seen,tcool decreases with increasing density. This eventually leads to a period of runaway

cooling, where the gas is unable to respond to the loss of pressure. Such a process eventually

leads to the formation of giant molecular clouds. Eventually dense cores within these clouds

collapse even further to the densities required to ignite nuclear fusion thereby forming stars

(McKee and Ostriker, 2007). Considering only molecular hydrogen cooling | the predominant

constituent in the early Universe, as noted earlier | the Jeans mass3 for the �rst stars is expected

to be between 102 M � and 103 M � (Abel et al., 2002). SuchPopulation III stars would have

unavoidably a�ected their neighbouring environment and the subsequent star formation. Their

radiation would have been able to reionise nearby regions, a�ecting cooling rates and inducing

star formation down to scales of� 40 M� , generating so-called Population III.2 stars (Yoshida

et al., 2007). In turn, as the stars evolved they would synthesise new elements. These elements

would be expelled by supernovae and stellar winds, enhancing cooling at low temperatures in the

neighbourhood and inducing the creation of Population II stars. Massive Population III stars

may also have led to the �rst super massive black holes (Bromm and Loeb, 2003), which are to

be found in nearly all large galaxies (Kormendy and Ho, 2013).

As yet, no Population III star has ever been observed, and thus they remain a purely hypothetical

construct. It is believed that the lack of detection is because the stars were exclusively high-mass,

and as such would have exhausted their nuclear fuel on short time scales, existing today only as

remnants. It is well understood that the evolution of a single star is determined almost entirely by

its initial mass (Hopkins, 2018). To this end, much work has been done on empirically quantifying

the initial mass function (IMF), which establishes the probability that a star will enter the

3The minimum mass for which a spherical, gaseous cloud is unstable to collapse.
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main sequence at a given mass (e.g. Salpeter, 1955; Kroupa, 2001; Chabrier, 2003). In theory,

this distribution should change with varying star-forming conditions, and some authors have

indeed argued for temporal or spatial variations in the IMF (e.g. van Dokkum and Conroy, 2010;

Gunawardhana et al., 2011). In general though, such claims are still considered controversial

(Bastian et al., 2010; Chabrier et al., 2014), and the IMF is normally taken to be a universal

distribution.

The e�ciency with which gas is converted into stars also appears to be nearly universal. On

physical grounds we may expect a relation between the gas density and star formation rate (SFR)

in a given region, and such a relation is borne out by the Kennicutt-Schmidt law (Schmidt, 1959;

Kennicutt, 1998). As most observations of external galaxies may only measure surface densities

integrated along lines of sight, this relation is also given in terms of surface densities, relating the

star formation rate surface density to the gas surface density: �SFR / (� gas)n . Here too there

have been suggestions that the relation may evolve with redshift or have a metallicity dependence

(Dib, 2011; Scoville et al., 2016). However, such dependencies are again disputed, particularly

in the case of high gas surface densities (Orr et al., 2018). There is increasing evidence that

the Kennicutt-Schmidt law is a result of feedback processes at the giant molecular cloud scale

(Hopkins et al., 2014; Agertz and Kravtsov, 2016). It has also been demonstrated that a power

law star formation relation at this scale can imprint a power law of identical slope at the galactic

scale (Gnedin and Kravtsov, 2011), explaining how the relation holds over several orders of

magnitude.

Feedback is also a concept that is invoked increasingly frequently in order to explain a series

of remaining problems in the �CDM model. In particular, it is used to explain why the stellar

to dark mass fraction (M ?=Mh ) for observed galaxies is so far below the cosmological baryon

fraction. For example, galaxies with Milky Way-size haloes haveM ?=Mh � 3 � 5% whilst the

cosmological baryon fraction is 
 b=
 m � 16% (Kravtsov et al., 2018). Whilst this is clearly

ine�cient, the e�ciency becomes even worse at both smaller and larger masses (Moster et al.,

2010; Behroozi et al., 2013). At smaller masses photo-heating, photo-ionisation, and winds

from stellar feedback are expected to reduce the star formation e�ciency (Hopkins et al., 2012;

Marinacci et al., 2019), whilst at the high mass end active galactic nuclei (AGN) feedback is

expected to reduce the star formation e�ciency (Silk and Rees, 1998). Observational signatures

of AGN feedback include high velocity winds, which may eject cold star-forming gas from the

galaxy, and hot \bubbles", apparently generated by radio jets, which heat the halo gas (Heckman

and Best, 2014).

The energetics of AGN feedback is governed by the black hole mass, which also strongly a�ects the
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kinematics of the host galaxy, as may be seen from the well-knownM BH � � relation (Ferrarese

and Merritt, 2000; Gebhardt et al., 2000). Black holes are believed to grow either through

mergers with other black holes or through the accretion of gas within a sphere of in
uence. Mass

growth from gas accretion is usually described by the Bondi-Hoyle-Lyttleton model and is limited

at the Eddington rate (Bondi and Hoyle, 1944; Bondi, 1952). This model predicts reasonably

low accretion rates when galaxies are undisturbed, but may be boosted to levels su�cient to

drive powerful quasars when gas is driven towards the galactic nucleus, as is understood to

happen during a major merger (Di Matteo et al., 2005). The Bondi-Hoyle-Lyttleton model does,

however, implicitly assume that the accreting gas has negligible angular momentum, which is

not necessarily a good assumption in general (Somerville and Dav�e, 2015). Furthermore, some

competing models that attempt to explicitly model the dissipation of angular momentum have

shown qualitatively di�erent behaviour from Bondi accretion (e.g. Hopkins and Quataert, 2011).

Together the physical processes listed above create galaxies of a range of sizes and morphologies.

Traditionally, these morphologies have been grouped into three categories: elliptical, spiral, and

irregular; such as in the well-known Hubble sequence (Hubble, 1926, 1936). Unlike irregular

galaxies, elliptical and spiral galaxies exhibit clear morphologies, and may be de�ned through a

distinct set of criteria.

Elliptical galaxies are spheroidal in nature and generally lack developed internal structure. This

gives them a smooth intensity distribution, with their surface brightness well described by a

\de Vaucouleurs" pro�le (de Vaucouleurs, 1948) | or equivalently a S�ersic pro�le with n = 4

(S�ersic, 1963). The stellar content that produces these pro�les tends to be relatively uniform and

predominantly old, resulting in the galaxies having higher 
ux in the red end of the spectrum

(Bower et al., 1992). Older stellar populations require very low star formation rates, and such a

low SFR is traditionally attributed to a lack of cold gas (i.e. HI) and dust in the galaxy (Faber

and Gallagher, 1976). However, there has been some recent evidence that points to the existence

of residual gas reservoirs (Crocker et al., 2011) and recent star formation (Combes et al., 2007)

in at least a fraction of such galaxies. Elliptical galaxies are also supported mostly through

anisotropic velocity dispersion rather than through rotation (Binney, 1978).

Spiral galaxies, in contrast to ellipticals, exhibit very developed structure. This structure is

usually separated into: a rotationally-supported, 
attened disc, with large spiral arm structures;

a central bulge, which shows some of the features of elliptical galaxies; and a pressure-supported

gaseous halo. About two thirds of spiral galaxies also show a bar structure (de Vaucouleurs, 1963),

which is understood to form due to gravitational instabilities (Bournaud and Combes, 2002). The

disc has an approximately exponential pro�le (Freeman, 1970), or equivalently a S�ersic pro�le
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with n = 1. Most spiral galaxies also show a chemically and kinematically independent thicker

disk, which contains an older star population (Yoachim and Dalcanton, 2006). Signi�cant star

formation is observed in the spiral arms, where there is also a large amount of dust and cold gas.

1.3 Mergers in galaxy evolution

In Hubble's sequence, elliptical galaxies are referred to asearly-type galaxies and spiral galaxies as

late-type galaxies. Hubble emphasised that such terminology referred to the position of the galaxy

in the sequence and wasnot an indication of an evolutionary sequence (Hubble, 1927). However,

even Hubble could not help but mention the similarity of his sequence to the evolutionary theory

put forward by Jeans (Jeans, 1928), which suggested that disc galaxies could be formed through

the monolithic collapse of spherical nebulae, with tidal forcing at the two opposite ends of the


attened nebulae producing the spiral structure. The similarities between the morphology of

elliptical galaxies and the bulge component of spiral galaxies (Sandage, 1961) was also taken to

imply an evolutionary link.

Despite this, observational results and improved theoretical understanding over the past decades

have essentially ruled out scenarios where early Hubble types transform into late ones. For

example, it is now known that early-type galaxies are in general more massive than late-type

galaxies (Naab and Ostriker, 2017), and that early-typespiral galaxies are also more massive than

their late-type analogues (Freeman, 1970). Indeed, it appears that the other direction | that

late type galaxies should be transforming into early-type ones | is more likely. This is supported

by the observation that there are many more late-type galaxies at an intermediate to late redshift

than at the present day (Couch et al., 1998), and that there is a smooth and systematic variation

of galaxy number counts from late to earlier Hubble types as redshift decreases (Zhang, 1999).

In a series of seminal papers, Toomre and Toomre (1972) and Toomre (1974, 1977) proposed that

such an evolution might occur through mergers. The brothers had been investigating tidal forces

between interacting galaxies and had found that the stellar bridges and tails commonly seen in

interacting and irregular galaxies could be explained purely through gravitational e�ects. This

result was found by simulating encounters between two spiral galaxies, where the galaxies were

modelled as rings of massless test particles orbiting a central potential4. It was noted that the

loss of angular momentum to these tidal tails could result in the formation of elliptical-looking

galaxies. Toomre (1977) also observed that galaxies embedded in extensive haloes would undergo

this transformation even more completely and rapidly due to dynamical friction (Chandrasekhar,

4This is known as the restricted three-body technique.
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1942). In this case, the matter in the galaxies would quickly undergo a process known asviolent

relaxation (Lynden-Bell, 1967), where stellar orbits are randomised and the system loses all

memory of its previous con�guration.

With the advent of hierarchical cosmological theories (White and Rees, 1978) merging became

a natural consequence of structure formation, especially at early times. The theory also gained

support through the observation that elliptical galaxies tended to reside in high density regions,

whilst spiral galaxies tend to reside in low density regions (Dressler, 1980), as predicted by the

merger scenario of Tremaine et al. (1975). Consequently, the 1980s saw a range of galaxy merger

simulations. These simulations were now full N-body simulations but, due to computational

expense, tended to embed discs in relatively low-mass dark matter haloes (e.g. Gerhard, 1981;

Negroponte and White, 1983). A consequence of this was that the orbital angular momentum

of the merging galaxies was mostly converted into internal spin, producing galaxies that looked

morphologically correct but rotated too quickly. This problem was alleviated by the introduction

of tree codes (Barnes and Hut, 1986). Such codes reduced the computational expense for simulat-

ing N particles from O(N 2) to O(N logN ). This allowed the modelling of much more extended

dark matter haloes, which produced better agreement with observations (Barnes, 1988).

As well as a kinematic transformation, Toomre and Toomre (1972) also noted that many of

the galaxies they were attempting to model displayed unusually high star formation rates. In

a discussion section entitledStoking the Furnace? they suggested that if mergers and tidal

interactions were having a strong impact on the stellar kinematics, this would also be the case

for the gas component of galaxies. Cold gas could then be brought deep into the galaxy, triggering

this star formation. Due to the added computational expense, early work mostly ignored the

gas component in mergers5. However, Noguchi (1987), for example, was able to show that

tidal encounters could trigger bar formation in stellar discs, which could then extract angular

momentum by gravitationally torquing the gas.

The �rst accurate treatments of the gas as a 
uid were done through the use of smoothed particle

hydrodynamics (see Subsection 2.1.2). Barnes and Hernquist (1991), in particular, were able to

employ this technique to show how a merger could transport� 5 � 109 M � of gas (roughly 60%

of that in the simulation) to the central 200 pc of a galaxy. Mihos and Hernquist (1996) built

upon this work by adding a star formation model using the Kennicutt-Schmidt law (see Section

1.2). This model provided the �nal step to showing that mergers could lead to intense starbursts

and to the formation of ultra-luminous infra-red galaxies (ULIRGs). Major mergers are now

understood to be a signi�cant contributor to the ULIRG population, particularly in the local

5A notable exception is Negroponte and White (1983) who used a `sticky-particle' approximation.
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Universe (Draper and Ballantyne, 2012).

The inclusion of the gas component in merger simulations also caused some problems, however.

If the progenitor galaxies were gas-rich and had high enough orbital angular momentum, a stellar

disc was able to reform (Robertson et al., 2006). On the one hand, this provided a mechanism for

late-type spiral galaxies to be transformed into early-type spiral galaxies. On the other hand, as

most mergers in the early Universe are expected to be gas-rich, this would prevent the formation

of elliptical galaxies at early enough times. A mechanism was needed toquench galaxies after

a merger. Circumstantial evidence suggested an evolutionary link between ULIRGs and AGN

activity (Sanders et al., 1988). This activity would be able to prevent the regrowth of the

stellar disc by expelling gas from the galaxy (see Section 1.2). This mechanism was modelled

successfully by Springel et al. (2005a) by assuming that a fraction of the gas that reached the

centre of the galaxy was accreted by the black hole, powering the AGN feedback. The model

managed to signi�cantly reduce the star formation rate when the black hole reached a critical

size, thus allowing the remnant to evolve quickly from a blue to a red galaxy again.

The process of galaxies evolving through mergers to be quenched was codi�ed through theHop-

kins merger scenario (Hopkins et al., 2008). However, it is important to note that this is not

necessarily a linear pathway. For example, Sparre and Springel (2017) showed that mergers

between gas-rich galaxies with stellar masses of� 1010 M � could still regrow their discs in cos-

mological simulations, even when reasonably strong AGN feedback was included. It therefore

appears that the gas component of galaxies still has a critical role to play in the outcome of

mergers. As previously noted, this gas is also often fully or at least partially ionised and its

motion is consequently described by the equations of magnetohydrodynamics.

1.4 Cosmological magnetism

Magnetic �elds occur on every physical scale yet probed, but have only recently begun to be

seriously investigated on the cosmological scale. Galactic magnetic �elds were �rst proposed

in 1949 by Enrico Fermi, who suggested that such a �eld could play an important role in the

generation of the observed high energy cosmic rays in the Milky Way (Fermi, 1949). Observations

of the local Galactic magnetic �eld followed soon after (e.g. Kiepenheuer, 1950) but it was not

until the late 1970s that studies of the Galactic magnetic �eld beyond our own spiral arm really

began (Ruzmaikin and Sokolov, 1977; Simard-Normandin and Kronberg, 1979).

Early observations led to the belief that magnetic �elds in the ISM reached strengths of only a few
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� G. This may be converted into an energy density, and thereby compared with other elements

of the ISM. The energy density of a magnetic �eld | or magnetic pressure| in CGS units is

equal to B 2=8� , where B is the magnetic �eld strength. A magnetic �eld strength of a few � G

therefore equates to a magnetic pressure of< 10� 12 erg cm� 3. In comparison, the turbulent

energy density of the gas in the ISM is on the order of 10� 11 � 10� 12 erg cm� 3 (Beck, 2007).

Magnetic �elds were hence believed to be dynamically unimportant from an energetic standpoint.

However, as technology and observational techniques improved, it was eventually recognised that

�eld strengths had been largely underestimated. In gas-rich galaxies they are regularly an order

of magnitude higher than this, and in the central starburst regions of galaxies �eld strengths of

50 � G to 100 � G have been recorded (Heesen et al., 2011; Adebahr et al., 2013). In these regions,

the magnetic �eld actually contributes signi�cantly to the total pressure, balancing the gas disc

against gravitation and changing the dynamics of the gas 
ow. This impact is only increased

when the controlling e�ect of the magnetic �eld on the anisotropic transport of charged particles

is considered.

One of the di�culties in studying magnetic �elds is that, in contrast with other components

of the ISM, they do not radiate. Consequently, direct measurements of the �eld must be done

in situ . While this is achievable for the near-Earth environment, it is clearly not possible for

distances far outside the solar system. In order to probe the strength and geometry of magnetic

�elds at these distances the use of indirect methods is required. The major methods used are as

follows:

� Zeeman splitting: An external magnetic �eld lifts the degeneracy of quantum mechanical

energy levels, resulting in the splitting of the relevant spectral lines in a manner proportional

to the �eld strength. This technique is often used to study the magnetic �elds in compact

objects such as molecular clouds or stars (Li and Henning, 2011), but has also been applied

to investigations of the local di�use ISM (Heiles and Robishaw, 2009).

� Polarisation of starlight: In the presence of a magnetic �eld, dust particles align their

minor axis parallel to the �eld direction via the Davis-Greenstein mechanism (Davis and

Greenstein, 1951). When starlight passes through a region containing such grains, the

light is also polarised parallel to the �eld. This polarisation is then seen projected onto

the plane perpendicular to the line-of-sight. Field strengths may then also be crudely

estimated using the Chandrasekhar-Fermi method (Chandrasekhar and Fermi, 1953). In

general, this technique requires a high 
ux of optical light, making it only useful for probing

nearby magnetic �elds, such as those within the local spiral arm (Heiles, 1996).

� Polarisation of infrared emission from dust: As well as polarising star light, dust grains
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also radiate polarised light in the infrared. Magnetic �elds may therefore also be analysed

when starlight is blocked (see e.g. Hildebrand, 1988). This technique has recently begun

to be applied to external galaxies (e.g. Lopez-Rodriguez et al., 2019).

� Synchrotron radiation: Synchrotron radiation is electromagnetic radiation emitted when

charged particles are accelerated radially. The intensity and polarisation of this emission

is proportional to the density of relativistic particles and the magnetic �eld strength in

the emitting region. Assuming that the contributions from both factors are approximately

equal | a condition known as the equipartition condition | properties of the magnetic

�elds may be inferred for external galaxies (Beck, 2009). The similarity of values derived

for the Milky Way relative to that given by the methods listed above provides evidence

that the equipartition condition is a valid assumption (Beck, 2015).

� Faraday rotation: The Faraday rotation e�ect appears during the propagation of electro-

magnetic waves in a magnetised plasma. If this wave is already polarised, its rotation in

radians may be well described by the formula: 	 = 812 � 2
R

neB � dl = � 2RM, where � [m]

is the wavelength of the wave,ne [cm� 3] is the electron density, B [� G] is the magnetic

�eld, d l [kpc] is the element of the path length (de�ned as the distanced between the source

and observer), and RM [rad m� 2] is the observable quantity known asrotation measure.

Pulsars, amongst other compact sources, often provide highly linearly polarised radiation.

Observations of the pulse dispersion as a function of frequency provides a measure of the

column density of electrons in the line of sight. Combining this relation and the Faraday

rotation measure formula, we may therefore obtain a value for the mean line-of-sight com-

ponent of the magnetic �eld. This value is weighted by the thermal electron density, which

means that it provides an excellent estimate of the intermediate interstellar or galactic

magnetic �eld (Manchester, 1972).

The last two techniques have provided the majority of information on extra-galactic magnetic

�elds. Radio synchrotron results in particular have shown that spiral galaxies have a mean

magnetic �eld strength of about 9 � G (Niklas, 1995; Beck, 2000), with strengths ranging from

� 4 � G in radio faint galaxies like M31 and M33 to � 15 � G in grand design spiral galaxies

like M51, M83, and NGC 6946 (Beck, 2004). Faraday rotation maps, on the other hand, have

shown that magnetic �elds in spiral galaxies have both a regular (or ordered) and random (or

turbulent) component6. The random component is always strongest, with a mean value of up

to 30 � G within the spiral arms (Beck, 2004). It is understood to trace the distribution of cool

gas and dust. The regular �eld, in contrast, is usually weak within the spiral arms. Instead, the

6Exact de�nitions of these terms vary within literature, but we use them here to mean �elds with a well-de�ned

direction or otherwise.
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regular �eld is strongest in the regions between the spiral arms, with a mean value of 10� 15

� G, and is usually orientated parallel to the adjacent spiral arms (Beck, 2004). The ordered

�eld is also observed to form magnetic arms in almost all galaxies (Wielebinski and Beck, 2005),

including in ringed (Chy_zy and Buta, 2008) and 
occulent galaxies (Soida et al., 2002). This

indicates that the magnetic �elds in galaxies must not follow the gas 
ow exactly.

Gas 
ows have a strong impact on magnetic �elds, however, with interacting systems showing

�elds frequently aligned along compression fronts or perpendicular to velocity gradients (Adebahr

et al., 2017). Field regularity, de�ned as B reg=Bran , has also been found to be lower in merging

systems than in isolated spiral galaxies, with strongly turbulent �elds resulting in a peak in

magnetic �eld strength at the time of coalescence, followed by a return to previous lower values

(Drzazga et al., 2011). Interactions with a dense intergalactic medium imprints unique signatures

onto magnetic �elds. For example, virtually all cluster galaxies observed so far show asymmetries

in their polarised emission, as outer magnetic �elds undergo compression (Vollmer et al., 2013).

The origin of magnetic �elds in galaxies is still unclear and many methods to generate initial `seed'

�elds have been suggested. Seed �elds can beprimordial , i.e. generated in the early Universe

through phase transitions and other nonstandard physics (Durrer and Neronov, 2013; Subrama-

nian, 2016), or may originate during later epochs. In later epochs, plasma instabilities, which

produce magnetic �elds on kinetic scales (Schlickeiser and Shukla, 2003), and cosmic battery

mechanisms, which produce magnetic �elds on macro scales, have both been proposed as viable

mechanisms. One of the best understood candidates is the Biermann battery process (Biermann,

1950). This, like most other cosmic battery mechanisms, is based on the fact that positively and

negatively charged particles in a charge-neutral universe do not have identical properties. In an

ionised plasma, the electrons have a much lower inertia than the ions. Consequently, for a given

pressure gradient, they are accelerated much more quickly. The subsequent displacement sets up

an electric �eld, which, if it has a curl 7, generates a magnetic �eld by Faraday's law of induction.

Naturally, this process is fastest in small systems where the temperature and density change

rapidly, such as in accretion discs. However, it is also possible for this method to generate �elds

on cosmological scales, such as in cosmological shock fronts (Kulsrud et al., 1997) and cosmolog-

ical ionisation fronts (Gnedin et al., 2000). This is useful, as it is still not understood whether

magnetic �elds started out as an all-pervasive �eld before being ampli�ed during structure for-

mation (top-down magnetogenesis), or whether it was seeded in small objects, such as in the �rst

stars, before being injected into the proto-galaxies (bottom-up magnetogenesis). In either case,

the initial �eld strength must have initially been much lower than that of present day levels. For

7Quantitatively, this happens when the gradients of the electron density and temperature are not parallel.
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example, for top-down magnetogenesis, analysis of CMB power spectra data provides an upper

limit of � 5 nG on a co-moving scale of 1 Mpc (Planck Collaboration, 2016). For bottom-up

magnetogenesis, models have only been able to produce �eld strengths to similar levels (Rees,

2005). In both cases, observations that the intergalactic medium was mostly ionised atz � 7

provides an upper limit of 2 � 3 nG for this time frame (Schleicher and Miniati, 2011).

Such �eld strengths are clearly well below that seen today in galaxies. In order to amplify the

�eld to the strengths seen today, a dynamo, which transfers mechanical energy into magnetic

energy, is required. For scales of less than 1 kpc, a turbulent dynamo, driven by supernova shocks

and stellar winds, is believed to be able to amplify the magnetic �eld strength e�ciently up to

energy equipartition values over time scales of 106 � 107 years. Such regions are characterised

by a small-scale, random �eld with a low degree of polarisation (Arshakian et al., 2009). For

scales up to 10 kpc, a mean �eld dynamo is believed to responsible. This dynamo works over

time scales of 108 � 109 years to produce a large-scale, coherent �eld with a high degree of

polarisation (Shukurov et al., 2006). From a timing argument, it is therefore expected that a

small-scale dynamo acts �rst to rapidly amplify the seed �eld, before a large-scale dynamo takes

over, ordering the �eld and increasing the �eld strength at a slower rate. The most promising

mechanism to generate and sustain large-scale regular �elds from turbulent �elds in the ISM of

galaxies is the� � 
 dynamo (Beck et al., 1996). It is based primarily on the combination of the

di�erential rotation (
) and the twisting of the gas, and therefore magnetic �elds, through the

Coriolis e�ect ( � -e�ect) 8.

The evolution of a magnetic �eld is governed by the induction equation:

@t B = r � v � B � r � (� r � B ) (1.1)

where v is the 
uid velocity and � is the magnetic di�usivity. The �rst term on the right-hand

side of Eq. 1.1 is the convective term and the second is the di�usive term. The ratio between these

terms is the magnetic Reynolds number, which may be approximated as: R m = vL=� , where v

is the root-mean-square turbulent velocity, and L is the typical eddy scale. For astrophysical

systems, this number is very large. For galaxies, it is on the order of 1018 (Brandenburg and

Subramanian, 2005). The di�usive term would thus appear negligible. However, if we neglect

� altogether | an approximation known as ideal MHD | the magnetic 
ux threading a 
uid

element becomes a constant of the motion and the topology of the magnetic �eld becomes

immutable (Vishniac, 2005). The aforementioned� � 
 dynamo, which involves the conversion

of �eld lines between poloidal and toroidal components, would then not be possible. Neither

would magnetic reconnection, which acts as a source of magnetic energy loss and potentially also
8A similar approach exploits a cosmic ray-driven Parker instability (Parker, 1992) to provide the large-scale

turbulence necessary.



1.4. Cosmological magnetism 17

as a source of heating in the galactic halo (Raymond, 1992). Nonetheless, this approximation is

frequently a useful starting point for numerical simulations.

Problems involving MHD and hydrodynamics are frequently highly non-linear, outside speci�c

well-known test cases. This results in the need for numerical simulations of the physics. Numer-

ical treatments of MHD are, however, technically di�cult, particularly in regards to maintaining

the r � B = 0 constraint in simple discretisation schemes (Springel, 2010b; Pakmor and Springel,

2013). For MHD simulations on a galactic scale, such problems are made worse due to the

large dynamic range that must be accounted for. In order to resolve the small scale dynamo

in such simulations an extremely high resolution is required, whilst in order to understand the

cosmological evolution of the magnetic �eld a very high box size is required.

This resolution problem has meant that many investigations into galactic magnetic �elds have

ignored the full cosmological context and have instead focused on isolated galaxies. Several of

these simulations have shown that, given high enough resolution and strong enough turbulence,

initial uniform seed �elds can be e�ectively ampli�ed by a turbulent dynamo (e.g. Dubois and

Teyssier, 2010; Wang and Abel, 2009). Virtually all such simulations have used the ideal MHD

approximation, although there have been notable exceptions that have used a resistive-MHD

treatment (e.g. Hanasz et al., 2009). Idealised simulations necessarily have arbitrarily chosen

initial conditions, however, and must exclude the full e�ects of the galactic environment. This

means that the role of hierarchical structure formation in the development of galaxies and their

magnetic �elds must be ignored.

An investigation into the magnetic �elds of galaxies, as considered within their cosmological

environment, has been precluded until very recently by the lack of realistic galaxies formed in

such simulations (Pakmor et al., 2017). However, better modelling of feedback processes, as

well as yet further increased resolution, has mostly solved these issues. There now exists several

major galaxy simulation projects that are fully cosmological, high resolution, and contain ideal

MHD physics. These include the Auriga project (G17), the Illustris TNG project (Nelson et al.,

2019), and the FIRE-2 project (Hopkins et al., 2018). The inclusion of MHD physics was shown

to have a limited impact in the FIRE-2 simulations (Hopkins et al., 2019), but the �eld strength

in galaxies at z = 0 in these simulations was lower compared to that seen in Auriga and Illustris

TNG simulations. The magnetic �eld in Auriga galaxies was also considered to have a limited

impact, but this was because the �eld took too long to reach equipartition strength in order

to a�ect a galaxy's evolution (Pakmor et al., 2017). Importantly, the magnetic �eld in Auriga

galaxies has been shown to produce realistic Faraday rotation maps (Pakmor et al., 2018). This

provides good support for this particular galaxy formation model.
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Whilst all galaxies in cosmological simulations will have undergone merging and accretion during

their evolution, few of the simulated galaxies from the projects listed above experienced late

major mergers, with emphasis being put on studying isolated systems. Furthermore, none of

the major mergers that did take place have been seriously investigated in published papers.

Having said this, Pakmor et al. (2014) observe, when studying mostly isolated haloes, that a

minor merger in one of their cosmological zoom-in simulations is able to boost the magnetic �eld

strength in the galaxy by a factor of two. This result is supported by idealised set-ups, such as

that performed by Geng et al. (2012), who also found that magnetic �elds were ampli�ed during

a merger, with the ampli�cation e�ciency dependent on the impact energy of the progenitor

galaxies. Further studies based on idealised set-ups have included attempts to create mock radio

data for comparison with a real system (Kotarba et al., 2010) and to investigate the saturation

of the magnetic �eld during a merger (Kotarba et al., 2011). However, whilst the mock data

shows some qualitative agreement with the synchrotron observations of the Antennae system

(NGC4038, NGC4039), the predictive power of the simulation is limited by the idealised set-up.

Such drawbacks would be strongly reduced through the use of fully cosmologically-consistent

simulations.



Chapter 2

Methodology

In this chapter we introduce: the numerical methods used in our simulations (Section 2.1), the

simulation suite itself and de�nitions of terms used later in the thesis (Section 2.2), and �nally,

the results of tests performed to check the validity of our methods (Section 3.1).

2.1 Numerical methods

The task presented | namely, investigating the relationship between magnetic �elds and the

evolution of a galaxy during a major merger | is technically complex. It is therefore important

to build upon previously proven work in order to consider our own results to be reliable. Here

we introduce the numerical methods used in our simulations and discuss the advantages of these

methods relative to competing ones. In particular, we discuss: the concept of cosmological zoom-

in simulations (Subsection 2.1.1), the moving-mesh codearepo and its MHD implementation

(Subsections 2.1.2 and 2.1.3, respectively), and the Auriga galaxy formation model (Subsection

2.1.4).

2.1.1 Zoom-in simulations

As previously stated, the physics involved in modelling galaxies is highly non-linear. This means

that the problem is best investigated through the use of numerical simulations. As a �ne-scale

problem, it is necessary to divide the simulation volume into a large number of cells, such that the

physical scales required are resolved. However, increasing the number of cells results in a higher

computational expense, which quickly becomes unmanageable. The computational expense may

be reduced if we focus our attention on the evolution of a single galaxy only. In this case, a

signi�cant percentage of the simulated volume becomes dynamically unimportant for the �ner
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scales. By distinguishing between such regions, we may direct our available computational power

to be applied preferentially to the cells that are dynamically important.

Dynamically important cells are deemed to be all those that end up within a certain radius of

the galaxy, as it exists in the �nal snapshot. These cells may then be tracked backwards in time

to their origin and can be signi�cantly re�ned in the initial conditions, whilst the rest of the

cosmological volume is sampled with coarser resolution. Such a strategy allows the large-scale

tidal �eld originating from the regions far away from the galaxy to still be captured, without

having to apply the same increased computational power here. Of course, by increasing the

resolution, we also increase the Nyquist frequency | the highest frequency that waves in the

power spectra may be added at, such that the power spectra can be unambiguously recovered

from the discretised density �eld. Power may thus be added at higher spatial frequencies in

these cells (see e.g. Jenkins, 2010), allowing the formation of previously unresolved small scale

structure in the simulation.

The zoom-in technique allows for individual haloes to be studied in great detail, without resorting

to idealised set-ups, which may not be cosmologically consistent. Such advantages have been used

frequently in the modelling of small-scale baryonic phenomena, such as stellar feedback (•Ubler

et al., 2014), and the modelling of low-mass haloes (Ceverino et al., 2014). The increased dynamic

range in the high resolution region also allows for a better resolved galactic structure, with a

higher level of resolved physics. The subgrid recipes1 that remain can in turn be designed in a

more physically-motivated fashion, as localisation reduces the need to try and mimic large-scale

phenomena at the subgrid level. An example of this may be seen in Sparre and Springel (2016),

who showed that the relatively simple, but physically-motivated, Springel and Hernquist (2003)

star formation model could produce the phenomena of starbursts, given su�cient resolution.

2.1.2 AREPO

As alluded to in the previous subsection, in order to simulate the laws of nature in code, both

time and space must be discretised. This becomes especially problematic when attempting to

describe the motion of 
uids. Historically, discretising a 
uid has been performed in one of two

ways: either through a Eulerian or a Lagrangian speci�cation of the 
ow �eld. In the Eulerian

speci�cation, space is discretised and mass 
ows in and out of volume elements on a mesh. In

the Lagrangian speci�cation, mass is discretised, and 
uid elements are represented as particles

moving in space. Both of these methods have their own speci�c advantages and disadvantages.

1Algorithms that apply below the grid scale to represent unresolved physics.
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Smoothed Particle Hydrodynamics (SPH) is one of the most widely-employed Lagrangian tech-

niques (Monaghan, 1992, 2005). This method has the natural advantage that resolution auto-

matically adjusts to the 
ow, as well as having other useful properties such as Galilean invariance

and exact conservation of energy, linear momentum, and angular momentum. However, in the

last few years SPH has come under severe scrutiny and it has been shown to be inaccurate for

a series of phenomena relevant to galaxy formation, including the Kelvin-Helmholtz instability

(Agertz et al., 2007) and subsonic turbulence (Bauer and Springel, 2012). Some of these issues

are solved with the use of Eulerian techniques such as Adaptive Mesh Re�nement (AMR). Such

codes are also typically faster at converging, with the added advantage that they provide more

accurate gradient estimates and do not require an arti�cial viscosity term. However, these codes

also have weaknesses, such as a dependence of advection errors on the bulk velocity. AMR codes

have also proved problematic when used to follow the growth of very small haloes (Heitmann

et al., 2008).

Such problems may be mostly avoided through the use of the massively-parallel moving-mesh

codearepo (Springel, 2010a; Weinberger et al., 2019). This code uses a set of mesh-generating

points to de�ne a Voronoi tessellation, on which a second-order accurate, �nite-volume Godunov

scheme is formulated. As the mesh points may be moved arbitrarily, they may be set to con-

tain a speci�c target mass (speci�ed to a tolerance). In this manner they may be moved with

the 
ow, thereby inheriting the advantages of Lagrangian codes, whilst keeping the advantages

of mesh-based Eulerian codes.Arepo has also been shown to be considerably more accurate

than standard SPH methods when applied to a range of computational 
uid dynamic problems

(Sijacki et al., 2012). This increased accuracy has been shown to have signi�cant macro e�ects,

with cosmological simulations that were ran with arepo producing distinctly di�erent results to

their SPH counterparts. For example, for an identical physics model and an equal gravity solver,

arepo -based simulations form larger and more well-de�ned disc galaxies than SPH simulations

(Springel, 2012). Furthermore, it has also been shown thatarepo produces the expected Kol-

mogorov turbulent cascade (Kolmogorov, 1941) for subsonic turbulence, unlike standard SPH

models (Bauer and Springel, 2012). The power spectrum of turbulence has a signi�cant im-

pact on its ability to excite the small-scale dynamo, hence this is a very germane result to our

investigation.

2.1.3 MHD implementation

In general, the main obstacle to overcome for numerical implementations of MHD is in how to

keep divergence errors to a minimum. Whilst the continuum equations of MHD preserve the

r � B = 0 condition perfectly given an initial divergence-free �eld, this is not necessarily the case
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for discretised versions of the equations. Worse still, partial di�erential equation (PDE) solvers

are generally unstable to the production of magnetic monopoles. This means that once such �elds

are produced, they have the tendency to become rapidly larger in any non-trivial MHD 
ow,

rendering the simulation results unphysical (Pakmor et al., 2011). To this end, there have been

two major numerical techniques developed to implement MHD inarepo , with the di�erences

between them to be found mostly in their treatment of divergence errors. In their initial form,

these methods are presented in Pakmor et al. (2011) and Mocz et al. (2014), respectively.

In Pakmor et al. (2011), additional terms are added to the equations such thatr � B components

are di�used away. In the current version of this technique (Pakmor and Springel, 2013) this is

achieved through the use of a so-called Powell 8-wave scheme (Powell et al., 1999). It is, however,

also possible to ful�ll the divergence constraint by construction through use of `constrained

transport' (CT) methods, as introduced in Evans and Hawley (1988). These methods are able

to preserve ther � B = 0 condition to machine precision, but are signi�cantly more complex in

nature when applied to unstructured moving-meshes. Mocz et al. (2014) were able to implement

a CT MHD scheme in arepo by replacing the standard �nite-volume approach to solving PDEs

with a discontinuous Galerkin method.

In comparing both techniques, Mocz et al. (2016) found that whilst both methods gave similar

results when applied to cosmological simulations, the Powell method produced more cell-level

noise. As resolution became higher, di�erences between the two methods consequently became

stronger. This was seen particularly when simulating an isolated Milky Way-sized disc galaxy.

Here, it was observed that magnetic �elds in the CT scheme were ampli�ed more slowly than in

the Powell scheme and saturated at a lower level. As a result, whilst the magnetic �elds in the

Powell scheme grew to be dynamically dominant in the central parts of the galaxy, they did not

become dominant in the CT scheme2. The CT algorithm was also observed to better maintain

the topological winding of the magnetic �eld. Di�erences were attributed mostly to the increased

accuracy a�orded by the CT scheme in maintaining r � B = 0.

Despite a weaker ability to ful�ll the divergence constraint, the Powell scheme has been shown to

be able to accurately replicate a series of MHD phenomena. For example, Pakmor and Springel

(2013) compared the linear phase of growth of the magneto-rotational instability (Balbus and

Hawley, 1991) produced by this method to that expected analytically, and found good agreement.

This instability is believed to be key in allowing matter to be accreted onto a compact object by

transporting angular momentum radially. Pakmor et al. (2014) also used this scheme to simulate

the formation and evolution of a Milky Way-like galaxy in a cosmological simulation and found

2 It must, however, be said that the magnetic �elds were not seen to become dynamically dominant in Pakmor

et al. (2017).
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evidence of a small-scale dynamo in action, as expected from dynamo theory. This dynamo was

then succeeded by ampli�cation due to di�erential rotation once a gaseous disc had formed3.

Furthermore, the �nal magnetic �eld strength and radial pro�le produced were similar to those

seen observationally. Analysis of galaxies simulated in the Auriga project (G17), which also uses

this scheme, produced similar results to those seen above (Pakmor et al., 2017). Finally, Auriga

galaxies show Faraday rotation strengths that are broadly consistent with those observed for the

Milky Way (Pakmor et al., 2018).

2.1.4 The Auriga galaxy formation model

The Auriga galaxy formation model was introduced in G17 as part of the Auriga project. This

project was designed to simulate the formation of galaxies in isolated Milky Way-mass dark

matter haloes. This was done by employing thearepo code in a series of cosmological zoom-in

simulations. The formation model has been shown to be able to produce galaxies with appropriate

stellar masses, sizes, rotation curves, star formation rates, and metallicities (Grand et al., 2017),

as well as �ner details such as the correct structural parameters of bars (Bl�azquez-Calero et al.,

2019) and possession of chemically distinct thick and thin discs (Grand et al., 2018).

The model is closely based on the work of Vogelsberger et al. (2013) and Marinacci et al. (2014),

but contains signi�cant changes with respect to stellar feedback and the inclusion of the Pak-

mor and Springel (2013) MHD implementation. Importantly, models for star formation, stellar

feedback, and AGN feedback are all physically well-motivated, and parameters do not require

re-tuning between resolution levels. Earlier work (e.g. Scannapieco et al., 2012) has shown that

this is non-trivial, as many codes are not robust to a change of resolution, with outcomes being

particularly dependent on the implementation of the feedback. With this in mind, some of the

key properties of this model are listed below.

Gas cells and star particles

Gas may cool via both atomic and metal-line cooling with self-shielding corrections accounted

for (Vogelsberger et al., 2013). A spatially uniform UV background �eld is included, which fully

reionises hydrogen byz � 6 (Faucher-Gigu�ere et al., 2009).

The ISM is described using the Springel and Hernquist (2003) subgrid model. This model treats

the star-forming gas as a two-phase medium, with dense, cold clouds embedded in a hot, ambient

medium. The phases are assumed to be in continuous pressure equilibrium and are therefore

3Note, that as an ideal MHD code, this implementation is not able to simulate a true � � 
 dynamo due to


ux-freezing (see Section 1.4 for details).
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governed by an e�ective equation of state at densities above the threshold particle density for

star formation, ns.f. = 0 :13 cm� 3. Above this density, the gas is considered to be `star-forming'

and star particles are formed stochastically according to a probability that scales with the local

dynamical time. When star particles are formed, gas mass is converted into stellar mass, with

the gas cell either being completely removed or retained with reduced mass based on the target

mass for that cell (see Subsection 2.2.1). Magnetic �eld 
ux is considered to be locked up in the

star particle and is removed with the gas cell when a star particle forms.

Each star particle represents a single stellar population (SSP), which is characterised by an age

and metallicity. The distribution of stellar masses contained initially in each SSP is given by a

Chabrier IMF (Chabrier, 2003) (see Section 1.2). By calculating the amount of mass leaving the

main sequence at each time step, the mass loss and metal yields (H, He, C, N, O, Ne, Mg, Si,

Fe) from SNII, SNIa, and AGB stars are calculated. These are distributed among the nearby

gas cells using a top-hat kernel, allowing stellar evolution to be determined in a self-consistent

manner. Photometric properties of the star particles are provided in the form of mock SDSS

broad bands using the catalogues of Bruzual and Charlot (2003).

Stellar feedback

Star-forming gas cells may probabilistically become a site for an SNII event instead of a star

particle. This event is modelled by converting the gas cell into a wind particle and launching it

in a randomly-chosen direction. As with the formation of star particles, the magnetic �eld 
ux

is removed with the gas cell during this event. The wind particle is loaded with 40% of the metal

mass of the gas cell from which it was created, and is set with a velocity proportional to the

local one-dimensional dark matter velocity dispersion (Okamoto et al., 2010). The wind particle

then interacts only gravitationally until it reaches a gas cell with n < 0:05 ns.f. or exceeds the

maximum travel time. Here it deposits its mass, metals, momentum and energy, with energy

split into equal parts thermal and kinetic. This result is smooth, regular winds that provide

non-local feedback between star-forming and non-star-forming gas. These winds become mostly

bipolar at late times, as the wind takes the path of least resistance away from the galaxy.

Black hole particles and AGN feedback

Black holes are seeded with a mass of 105 M � h� 1 in FoF groups (see Subsection 2.2.3) with

masses greater than 5� 1010 M � h� 1 at the position of the most dense gas cell. Following Springel

et al. (2005a), black hole particles merge when they come within the smoothing length (see Section

2.2.1) and grow through the accretion of gas. This accretion is described by Eddington-limited

Bondi-Hoyle-Lyttleton accretion (see Section 1.2) with an additional term that models radio
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mode accretion (see Equation 8 of G17 for the full form4).

Feedback from black holes is implemented in both radio and quasar mode. For the quasar mode,

thermal energy is injected isotropically into neighbouring gas cells, whilst for radio mode, bubbles

of gas are gently heated at locations within the halo, such that their distribution forms an inverse

square pro�le with distance from the black hole. In both cases, energy is injected continuously

with a rate given by _E = � f � r _M BH c2, where � r and � f are e�ciency parameters equal to 0.2 and

0.07, respectively, and _M BH is the rate that gas is being accreted onto the black hole.

2.2 Simulations

During this research, we ran a set of twelve high-resolution cosmological zoom-in simulations,

with magnetohydrodynamical and hydrodynamical simulations performed from common initial

condition �les. Resolution, choice of parameters, and set-up are discussed in Subsection 2.2.1.

The naming of the simulations is discussed in Subsection 2.2.2. The de�nitions of `halo' and

`galaxy', within the context of our analysis, are discussed in Subsection 2.2.3. The coordinate

system used during our analysis is de�ned in Subsection 2.2.4. Finally, a brief description of the

mergers analysed is given in Subsection 2.2.5.

2.2.1 Set-up and initial conditions

Initial conditions for our simulations are the same as those presented in Sparre and Springel

(2016). These were created by selecting galaxies from the hydrodynamic cosmological simulation

Illustris (Genel et al., 2014; Vogelsberger et al., 2014a,b) that had undergone a major merger

between 1< z < 0:5 but had relaxed by z = 0 5. For four such galaxies, zoom initial conditions

were created using a modi�ed version of theN-GenIC code (Springel, 2015) for a periodic box

with sides 75 Mpc/h (co-moving). This code uses the Zel'Dovich approximation (Zel'Dovich,

1970) to create Gaussian random �elds with a prescribed power spectrum (see Section 1.1). The

power spectrum follows from the cosmological parameters used. Naturally, we use the WMAP-9

(Hinshaw et al., 2013) parameters, as used in the initial Illustris run. These are: 
m = 0 :2726,


 b = 0 :0456, 
 � = 0 :7274, andH0 = 100 h km s� 1 Mpc� 1 with h = 0 :704.

Dark matter particles were given a high resolution within a roughly spherical region around

the target galaxy. A shell of standard resolution particles with resolution close to the original

4The radio mode accretion term is based on relations presented in Nulsen and Fabian (2000).
5See Sparre and Springel (2016) for a full list of selection criteria.



26

Illustris run then followed, with low resolution particles �lling the remaining volume. Dark

matter particles were split into dark matter particle and gas cell pairs. Mass was then placed

in gas cells according to the expected cosmological baryon fraction (i.e. 
b=
 m ). The gas cells

were displaced from the dark matter particles, such that the centre of mass for each particle-cell

pair was left unchanged. The mean distance between dark matter particles and mesh-generating

points was also maximised to avoid arti�cial pairing e�ects. This resulted in a computationally

e�cient simulation that also maintained the correct representation of external e�ects such as

mass infall and the cosmological tidal �eld.

The resolution of a dark matter particle is de�ned by the zoom factor, where 1 is equal to standard

resolution. We have run simulations with zoom factors 1, 2, and 3 (see Section 2.2.2), which

correspond to mass resolutions of 1.4, 11.4, and 38.5 times �ner than in the original Illustris

simulation6. The zoom factor is tied to the �nest dark matter mass resolution by the following

equation:

mdm =
�

1820
2048� `zoom factor'

� 3

� 6:299� 106 M � (2.1)

where 1820/2048 is the ratio between the number of dark matter particles per box length in

Illustris relative to our standard resolution, and the remaining numerical factor is the �nest dark

matter resolution in Illustris. The highest dark matter mass resolution reached in our simulations

is therefore � 1:6 � 105 M � , whilst the highest baryon mass resolution reached is� 2:7 � 104

M � .

Following Springel (2005) and Price and Monaghan (2007), we choose the softening length to be

� 1=40 of the average particle spacing in the initial conditions, i.e.:

� �
L

40� 2048� `zoom factor'

where L is the box length. The softening length is a co-moving length until z = 1, at which

point it is frozen in physical units, thereby maintaining the same resolution in the simulation for

z < 1. For our highest resolution simulations, the softening length is therefore 0.3 kpc atz = 0.

Calculating the softening length in this manner prevents unrealistic two-body interactions that

would violate the collisionless nature of the system at early times, whilst still allowing small-scale

structure to continue to form at late-times (see e.g. Power et al., 2003). As gas cells vary strongly

in density, their softening length is also scaled by the mean radius of the cell. Such cells have

a minimum softening length of � , as de�ned previously, and a maximum softening length of 1.1

kpc.

As previously mentioned, energy from AGN feedback is injected into neighbouring gas cells.
6For reference, Level 4 and Level 3 Auriga simulations are � 21 and � 157 times better than the original

Illustris resolution.
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As resolution increases, the number of cells neighbouring the black hole increases as well. We

therefore increase theblack hole neighboursparameter with resolution. Ideally, this number

would increase with the third power of the zoom factor (i.e. proportional to the increased mass

resolution) but this soon becomes extremely computationally expensive. As a compromise, we

double the number of neighbours instead for each increased level of resolution. This compromise

may be a factor in the slight, but systematic, increase in star formation rate seen for higher

resolution simulations, as observed in Sparre and Springel (2016) and G17 (see Subsection 3.1.2).

Finally, a homogeneous co-moving seed �eld of 10� 14 G is seeded throughout the simulated

volume at z = 127, orientated along the z-direction. This is equivalent to a physical strength of

1� 10� 10 G for this redshift 7. Such a choice is essentially arbitrary as, for a broad range of values,

all traces of the initial �eld strength and con�guration are erased by an exponential dynamo in

collapsed haloes (Pakmor et al., 2014). Our choice of initial �eld strength has also been shown

to produce magnetic �elds are dynamically irrelevant outside of collapsed haloes (Marinacci and

Vogelsberger, 2016).

Following this set-up, the Auriga galaxy formation model is evolved from a redshift ofz = 127

to z = 0, producing 136 snapshots. Gas cells, star and wind particles, black hole particles, and

dark matter particles are all tracked continuously. Gas cells are kept within a factor of two of the

mean cell mass, with the mesh being re�ned and de-re�ned as required. We also includetracer

particles (Genel et al., 2013), which are used in some of our analysis (see e.g. Section 3.5.3).

These are explained in detail in the apposite section.

2.2.2 Naming

Simulation names are given in the formatAAAA-BC , where AAAA is the four-digit friends-of-

friends group number in Illustris for the halo containing the galaxy at z = 0 (see Subsection

2.2.3 and Nelson et al., 2015),B is the `zoom factor' of the simulation (see Eq. 2.1), andC is

the letter `M' or `H', indicating whether the simulation included magnetohydrodynamic (MHD)

or hydrodynamical (HD) physics, respectively. This last letter is sometimes referred to as the

simulation su�x during this thesis, with the AAAA-B section of the simulation name is referred

to as the simulation pre�x . By de�nition, simulations that have the same pre�x were run from

the same initial conditions �le. During this thesis, we will sometimes use the simulation name

as a synecdoche for the main galaxy in that simulation, as de�ned in the following subsection.

In total, the following simulations were run:

71 co-moving Gauss = a2=h physical Gauss, where a is the scale factor.
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MHD simulations: 1330-1M 1330-2M 1330-3M 1349-3M 1526-3M 1605-3M

HD simulations: 1330-1H 1330-2H 1330-3H 1349-3H 1526-3H 1605-3H

As may be seen, eight of the twelve simulations were ran at the highest resolution, whilst four

were run at lower resolutions. The lower resolution runs have been used for convergence tests in

order to validate our results (see Section 3.1).

2.2.3 Galaxy tracking

Without discrete edges, the boundary of a cosmological structure is necessarily somewhat arbi-

trarily de�ned. This is especially true during mergers, and many algorithms have been created

and tested in an attempt to solve this problem (see e.g. Behroozi et al., 2015). In this study,

we use the standard friends-of-friends (FoF) approach (Davis et al., 1985) to identify haloes,

followed by use of thesubfind algorithm (Springel et al., 2001) to identify `subhaloes'. Such

subhaloes are considered to have a one-to-one correspondence with the location of galaxies.

An FoF group is produced by linking all particle pairs separated by less than a fractionb of

the mean interparticle separation. In our simulations, this algorithm is applied to dark matter

particles, using a value ofb = 0 :2, with groups only kept if they contain at least 32 particles.

Baryonic elements are then assigned to the same FoF group as their nearest dark matter particle.

Such an FoF group is de�ned as ahalo, and is then searched for further substructure.

subfind de�nes substructures within a halo as locally overdense, gravitationally bound groups

of particles. In the version written for arepo , a density �eld is calculated for all particles and

gas cells using an adaptive smoothing length. Any locally overdense region within this �eld is

then considered to be asubstructure candidate. The boundary of this substructure candidate is

determined by the �rst isodensity contour that passes through a saddle point of the density �eld

or, equivalently, the boundary of two separate substructure candidates. Once all substructure

candidates have been located, they are subjected to an iterative unbinding procedure with a

tree-based calculation of the potential. The result is the decomposition of the FoF group into a

set of disjoint self-bound subhaloes.

Whilst FoF haloes may form tenuous bridges during galaxy interactions, and hence be identi�ed

as a single structure, the criteria of `self-boundness' means that structure identi�ed bysubfind

remains essentially distinct until coalescence. This property makes the algorithm particularly

useful for the investigation of galaxy mergers. The main and secondary galaxy involved in the

merger were therefore identi�ed as the �rst and second most massive subhaloes atz = 0 :93,

respectively, as during this period both galaxies are relatively isolated. The time of merger is
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considered to be snapshot at which the galaxies have �nally coalesced. After this time, the

progenitors have the same descendants in the merger tree (see Sparre and Springel, 2016).

To track a galaxy between snapshots, it is a case of identifying the subhalo that shows the most

consistent trajectory to a previously identi�ed one. In practise, this provides the same results as

identifying the subhalo that contains the same black hole particle as the previous subhalo. Such

a result is expected, as earlier work has shown that reliable merger trees can be constructed by

tracking only the 10-20 most bound particles of each subhalo (Wetzel et al., 2009; Rodriguez-

Gomez et al., 2015). The di�erences that do occur are described in Section A.1.

2.2.4 Galactic coordinates

In our simulations, the centre of the galaxy is de�ned as the position of the particle in the subhalo

with the lowest gravitational potential energy (see Subsection 2.2.3). Galactocentric coordinates

are then produced by subtracting these coordinates from the general simulation coordinates that

map the periodic box. These new galactocentric coordinates are then rotated such that thez-axis

is aligned with the stellar angular momentum vector for the disc. The stellar angular momentum

vector for the disc is calculated using the formula:

L =
X

i

r i � mi v i

where i refers to a star particle, r is its galactocentric position, m is its mass, and v is its

galactocentric velocity. To select star particles that lie preferentially within the disc, we select

only star particles that are less than 3 Gyr old. In order to prevent excessive disruption due

to interactions with other subhaloes, only star particles within 10% of the distanceR200;crit of

the galaxy are included8. R200;crit , in turn, is de�ned as the radius of a sphere centered on the

galaxy, such that its mean density is 200 times the critical density of the Universe at the time

the galaxy is considered.

In order to rotate the system accordingly, a skew-symmetric matrix is created through the for-

mula:

M = I 3 �
L
jL j

where I 3 is the three-dimensional identity matrix. This matrix is transformed into a rotation

matrix using the formula:

R = exp( M� )

where the angle,� , is de�ned as the angle betweenL and the z-axis. This is then applied to

8This region is known to roughly encompass the galactic disc (Deason et al., 2011).
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all spatial coordinates used. These coordinates are given in a cartesian or a cylindrical basis

depending on the analysis being performed.

Naturally, this orientation procedure becomes unreliable when the galaxy does not show a clear

disc, or when external galaxies are too close to the disc (i.e. within 10% ofR200;crit ). In practice,

this is rarely an issue, as a) properties that apply to the subhalo as a whole, such as the total

star formation in the subhalo, are una�ected by a change of coordinates, and b) most analysis

is performed before and after the merger when the galaxies are isolated and show clear discs.

When this is not the case, it is discussed during the appropriate section.

2.2.5 Description of the mergers

Whilst the main merger in each simulation presented here is considered to be `major' | the

stellar mass ratio of the two participating galaxies in each simulation is within the range 1:0 .

M � ;1=M � ;2 . 1:5 | the trajectories and number of interacting galaxies involved in each simula-

tion varies. It is therefore of interest to give a brief overview of the qualitative merger history

for each simulation, as this helps to explain the di�erence in the results seen between them. We

create such a merger history by visually inspecting mock SDSS images, created for each snap-

shot through a process described in Subsection 2.1.1. We do not show these here due to space

constraints, but summarise the main points instead. Roughly speaking, we may separate our

merger scenarios into inspiralling (pre�xes 1330 and 1526) and head-on (pre�xes 1349 and 1605).

The main details of each scenario are then as follows:

� Simulations with the pre�x 1330 show a major merger, with an initial 
y-past followed by

a protracted period of inspiralling. The merger remnant also experience a minor merger,

which coalesces at a lookback time of� 4 Gyr. The galaxies undergo a series of minor tidal

interactions at late times.

� Simulations with the pre�x 1526 show a minor merger coalescing shortly after the major

merger. The remnant experiences 
ybys from small galaxies after the merger, as well as

having a relative major tidal interaction at a lookback time of � 2:5 Gyr. Both the 
y-bys

and the tidal interaction have smaller impact parameters in the hydrodynamic simulation.

� Simulations with the pre�x 1349 show a very complex merger, with 7 galaxies of signi�cant

mass within 100 kpc of the main galaxy at the time of the major merger. Many of these

coalesce with the main galaxy immediately following. The merger remnant then experiences

relative isolation until a 
y-past at a lookback time of � 1 Gyr, which has a relatively large

impact parameter.
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� Simulations with the pre�x 1605 show a highly energetic, head-on merger. Both simula-

tions also show a minor merger taking place at roughly the same time, as well as a small

inspiralling galaxy, which passes the main galaxy at its closest points at lookback times of

around 5, 1.8, and 0.1 Gyr.

The dynamical progress of each merger may also be well understood by examining the visual

time series shown in Fig. 1 in Sparre and Springel (2017). The trajectories may be similarly well

understood through Fig. 6 and Fig. 7 of Sparre and Springel (2016). The simulations presented

in these papers were run from identical initial conditions and used similar physics models. They

hence show similar trajectories and dynamical evolutions.
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Chapter 3

Analysis

We separate our analysis in the following chapter into: validation of the methods and simulations

(Section 3.1), global properties (Section 3.2), the e�ects of increased resolution on morphology

(Section 3.3), quanti�cation of the observed e�ects (Section 3.4), evidence for a potential mech-

anism (Section 3.5), and the impact of the merger on the magnetic �eld structure (Section 3.6).

3.1 Validation of methods and simulations

Before we investigate the impact of including MHD physics in our merger simulations, it is im-

portant to make sure that our simulations are: a) consistent with what is expected under �CDM

cosmology, and b) numerically convergent. To this end, we present a series of validation tests:

convergence of the bound dark matter mass of the galaxies between physics models (Subsec-

tion 3.1.1), appropriate values for the M � � M h relation over all resolution levels (Subsection

3.1.2), convergence of the star formation rate between resolution levels (Subsection 3.1.3), and

an appropriate magnetic �eld strength as a function of density (Subsection 3.1.4).

3.1.1 Dark matter mass evolution

As discussed at length in Section 1.1, the large-scale structure of the Universe is set predominantly

by its dark matter distribution. Dark matter interacts only gravitationally in our simulations,

and so we should not see any signi�cant di�erences to its distribution and evolution between

physics models. We check this by considering the evolution of the bound dark matter mass for

the main galaxy in each simulation. The dark matter mass bound to a galaxy is identi�ed by the

subfind algorithm, as described in Subsection 2.2.3. This quantity is similar, but not totally

33
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Figure 3.1: Total bound dark matter mass for the main galaxy (as de�ned in Section 2.2.3) in each

of our highest resolution simulations as a function of time. Colour indicates the pre�x of the simulation

name, whilst the linestyle indicates the su�x; i.e. inclusion of either MHD or hydrodynamic physics.

Data for simulation 1526-3H between 7.11 Gyr and 6.35 Gyr has been omitted due to identi�cation of

the subhalo by subfind being inconsistent with our de�nition between these times. Excluding this, lines

of the same colour show an almost identical evolution with a mean di�erence of less than 5%, as expected

from large-scale structure theory.

equivalent, to the M 200 parameter commonly used in observational literature1. The advantage

of using the bound dark matter mass overM 200 is that it is better at keeping structures distinct

during mergers and tidal interactions (see Subsection 2.2.3 for more detail). It is therefore a more

sensitive characterisation of the large-scale structure evolution. We may also use this parameter

to check that the galaxies in each pair of MHD and hydrodynamic simulations are undergoing

the same tidal processes at roughly the same times. Such interactions should be predominately

set by the large-scale structure, with allowances given for baryonic in
uence at close range.

The evolution of the bound dark matter mass is shown for the main galaxy in each of our highest

resolution simulations in Fig. 3.1. The dark matter mass evolution is clearly extremely similar

1M 200 is the mass contained within a sphere, such that the interior density of that sphere is 200 times the

critical density of the Universe.
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between physics models. Indeed, the mean di�erence over all snapshots between MHD and hy-

drodynamic simulations is less than 5%. This is very close, especially given the highly dynamic

nature of the system and the sensitivity of the bound mass parameter. This shows that our

simulations are well-converged. The missing line segments for simulation 1330-3H are due to a

corruption of the subhalo catalogues at these snapshots. The subhalo identi�cation process is

fully independent of the evolution of the simulation, however, and so does not a�ect the particle

dynamics. The missing line segments for 1526-3H between 7.11 Gyr and 6.35 Gyr are due to

subfind brie
y allocating extra mass to the merging galaxy, leading to a non-continuous mass

evolution for the main galaxy. This is inconsistent with our visual-based galaxy tracking method

(as de�ned in Subsection 2.2.3) and is a result of the fact thatsubfind identi�es subhaloes inde-

pendently at each snapshot, rather than using information about the dynamics and trajectories

of particles in other snapshots, as we do.

The time of the merger in each simulation pair is evident by the rapid increase in mass. This in-

crease is often somewhat discontinuous at the initial stages of the merger, assubfind reallocates

mass between interacting subhaloes. A discrete jump in mass is, however, typical of subhalo-

�nders during mergers (Behroozi et al., 2015). For simulations with the pre�x 1349-3 and 1605-3,

most of the growth in mass takes place within� 1 Gyr of the major merger, which occurs at

t lookback � 6:5 Gyr. The growth process takes a little longer (from t lookback � 7 - 4 Gyr) for

simulations with the pre�x 1330-3, as the galaxies inspiral and therefore take longer to coalesce.

This is seen by the two clear periods of mass growth, with dark matter being transferred from

the merging galaxy to the main galaxy during the initial 
y-bys. In the most head-on mergers

| i.e. in simulations with pre�x 1349-3 or 1605-3 | the bound dark matter mass dips slightly

after the merger before recovering. This is interpreted to be mostly a result of the destruction

and re-growth of structure in the merger remnant2 and the subsequent reallocation of matter by

subfind . The ejection of matter as the remnant relaxes may, however, also play a role (Carucci

et al., 2014).

After the merger, the total bound dark matter mass stays relatively constant in every simulation

except in those with pre�x 1526-3, where there is a continual increase in the bound dark matter

mass. This starts at a fairly gradual rate, in-line with the increases seen for other galaxies,

but accelerates after a lookback time of� 4 Gyr. A signi�cant percentage of this e�ect may be

attributed to the fact that another subhalo enters the system around this time. The di�erences

seen after� 1 Gyr are also interpreted as being a result of the tidal interaction that takes place

then. It is worth noting that the the galaxies in the 1526-3 simulations evolve slightly di�erently

2See e.g. Fig. 3.14 for comparison.
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from other pairs, as will be made clear in later analysis3. At least some of this may be attributed

to the di�erence in accretion history seen here. Regardless of evolution, byz = 0 each galaxy has

a total bound dark matter mass roughly within 1 � of the virial mass of the Milky Way (Ka
e

et al., 2014).

3.1.2 Stellar mass and halo mass evolution

Each halo should �t the so-called stellar mass - halo massrelation. As explained in Section 1.2,

for Milky Way-size haloes this relation takes a value ofM ?=Mh � 3 � 5%. We also expect to

see a rough convergence of both the halo and stellar masses between resolution levels, assuming

that the galaxy formation model is sensitive to the choice of physical parameters rather than the

numerical implementation4. To this end, in Fig. 3.2 we show the total bound mass and bound

stellar mass for the main galaxy in each simulation with pre�x 1330.

Once again, at the time of the merger we see a sharp increase in the total bound mass. The

exact time of this increase di�ers between resolution levels assubfind apportions mass between

subhaloes di�erently. This is expected as the particle dynamics at this time are highly non-

linear, and the separation of structures becomes more di�cult. This is unfortunately a problem

of most subhalo �nders that only use single snapshots to identify structure with (Behroozi et al.,

2015). The reapportioning of matter by subfind is also seen for the low and medium resolution

hydrodynamic simulations at � 6 Gyr. This is the manner of discontinuity that a�ects 1526-3H

between 7.11 Gyr and 6.35 Gyr, as described in Subsection 3.1.1. Despite these di�erences, the

ratio between the standard deviation and the mean atz = 0 is only � 2%. This shows that the

halo mass is very well converged between resolution.

The total bound stellar mass is also well converged, but not as well as the halo mass. For each

level of increased resolution, we see an increase of� 25% in stellar mass. The result is that

the highest resolution simulations have aM ? � M h ratio of � 8%. This is above the values

observed for Milky Way-size haloes, but is still within a factor of two of the target values, which

is considered acceptable. The increase in stellar mass is perhaps not too surprising, as both

Sparre and Springel (2016) and G17 also saw a slight, but systematic, increase in star formation

with resolution for versions of this galaxy formation model. In G17, it was found that the extra

star particles were created almost exclusively within the central 5 kpc of the galaxy. This has

been previously suggested to be a result of the highly non-linear and interconnected AGN and

3An especially clear example is Fig. 3.7.
4As discussed in Subsection 2.1.4, convergence between resolution levels is notoriously di�cult to achieve in

galaxy formation models, especially for stellar and AGN feedback implementations.
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Figure 3.2: Total bound halo and stellar mass for the main galaxy in each simulation (as de�ned

in Section 2.2.3) as a function of time. All data comes from simulations that have the pre�x 1330.

Simulations shown in the left-hand panel included MHD physics, whilst those in the right-hand panel

only included hydrodynamic physics. Linestyle indicates simulation resolution (see Section 2.2.2 for

details). In general, the halo mass evolution is very well converged, with the mass at z = 0 showing

a coe�cient of variation for all simulations of only � 2%. Total stellar mass, by contrast, increases on

average by � 25% with each increase in resolution level. During the merger of the two main haloes in

each simulation (at � 6 Gyr), identi�cation by subfind is not necessarily consistent with our method,

resulting in some of the observed discontinuities. All simulations stay generally within the M � -M h

relation, although this quantity ends up slightly too high in the best resolution runs.

stellar feedback loops active in this region (Marinacci et al., 2014).

Outside of this e�ect, the stellar mass shows a very similar evolution between resolution levels.

Some mild 
uctuations may be seen during the early stages of the merger, which are again a result

of the apportioning of mass bysubfind at this time. The remaining mass increases are almost

exclusively due to merger-induced starbursts and standard stellar evolution. It is reassuring that

our simulated galaxies are broadly consistent with theM ? � M h relation, as this indicates that

our galaxies resemble real ones.
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3.1.3 Star formation history as a function of resolution

Whilst a slight increase in star formation is allowable between resolution levels, the star formation

history (SFH) should still show the same general trends if the simulations are converged. That

is to say, that the peaks in star formation should take place at roughly the same times, and that

they should be roughly proportional to one another. We check this for the main galaxy in all

simulations that have the pre�x 1330 and present our results in Fig. 3.3. In the top two rows,

we show the SFH for MHD and hydrodynamic simulations, respectively. In the bottom row, we

show the proper distance between the centres of the main and merging galaxies (as de�ned in

Subsection 2.2.4). We use this distance as a proxy for the merger progress.

To create the star formation history, we select all star particles that are within 10% of R200;crit
5

of the centre of the main galaxy at z = 0. We then display the initial masses of these star

particles, binned by their formation time, with bin widths equal to 30 Myr. We �nd this bin

width provides adequate time resolution, without resulting in the plot becoming dominated by

stochastic noise6. A minor disadvantage of this method is that we neglect star formation that

immediately results in SNII, as well as excluding stars that have left the galaxy after formation.

This method also include e�ects from later tidal interactions. In practise, however, these factors

have a negligible impact on the �nal result. The star formation history is therefore dominated by

that of the two main galaxies, and hence by the merger event. A similar result would have been

given by following the average SFR of the main galaxy at each snapshot. We choose this method

instead, however, as it is independent of any galaxy tracking. This means that the e�ects we see

are dependent on the resolution, and not onsubfind .

Inspecting the �gure, we see that the star formation rates are systematically higher for increased

resolution until the merger is at an advanced stage. The timing of the various peaks in the

star formation before this point are also remarkably similar. As the galaxies coalesce, the star

formation rate takes on a more nonlinear relationship with resolution. This is especially the case

for the simulations that included MHD physics. One of the reasons behind this may be the rate at

which the merger progresses. At �rst, the distance between the galaxies decreases at essentially

the same rate for every simulation, as these dynamics are dominated by the gravitational potential

set up by the large-scale structure. As the galaxies get closer to one another, the orbits begin

to be a�ected by baryonic physics. This results in minor deviations after the �rst pass which,

due to the non-linearity of N-body problems, results in a spread in the time of �nal coalescence7.

5See Subsection 2.2.4 for a de�nition.
6Star formation between time steps is probabilistic, as explained in Subsection 2.1.4
7The deviation in merger progress is especially noticeable for the highest resolution MHD simulation, which

coalesces signi�cantly faster than the others. This e�ect will be seen to some extent in all of our highest resolution
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Figure 3.3: Top two panels: Star formation history for the main galaxy (as de�ned in Section 2.2.3)

for simulations that included MHD (top) and those that only included hydrodynamic physics (bottom).

Each point shows the mean star formation rate (SFR) during a period of � 15 Myr. Bottom panel:

Proper distance between the centres of the galaxies involved in the major merger of that simulation

(as de�ned in Section 2.2.4). Colours and linestyles follow from the upper panels. Star formation is

systematically higher for higher resolution in both sets of simulations but shows the same general trend

before the merger event. After the merger, the star formation takes on a more non-linear relationship

with simulation resolution. This is especially the case for simulations that included MHD physics. As

the main galaxy in each simulation is allowed to relax, the star formation rate begins to converge again.

The di�erence in orbits results in gas being brought into the centre of the galaxy at di�erent

times. As mentioned earlier, the star formation mechanisms at the centre of the galaxy are

particularly sensitive to such details. We therefore see slightly di�erent peak star formation

rates during this time. As the star formation rates drop to lower values again, they also begin to

converge again. Considering these e�ects, we must conclude that in general the shape of the star

formation history is well recovered for all resolution levels, and that our simulations are indeed

broadly converged.

simulations and will be discussed in more detail later (see Subsection 3.2.1).
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3.1.4 Magnetic �eld strength as a function of density

Whilst convergence is important, it is equally important that our MHD simulations are producing

appropriate magnetic �eld strengths. Naturally, the magnetic �elds will have no signi�cant

impact if their strength is too low. Correspondingly, the impact of including MHD physics could

be unrealistically high if the �eld strengths are too high. Following Dolag et al. (2005) and

Marinacci et al. (2018b), in Fig. 3.4 we plot the median magnetic �eld strength as a function of

density for simulation 1330-3M at z = 0. The dark and light gray shaded areas indicate the 1�

and 2� deviation from this relation, respectively. The median is plotted for gas density bins of

0.1 dex width. All cells within a radius 6 � R200;crit (approximately 1.4 Mpc) of the main galaxy

were used to calculate the data. This is outside the region covered by our high resolution cells,

which ends at approximately 3� R200;crit . This somewhat aggressive radial cut is made to reach

the lowest density values. The inclusion of lower resolution cells is the cause of the small dip

in the magnetic �eld strength at densities of � 10� 29 g cm� 3, as well as producing most of the

scatter below the median at densities lower than this. Correspondingly, the high resolution cells

provide the scatter above the median at these low densities. Towards the very end, the scatter

is mostly a result of low-number statistics, as few cells show densities so low.

The dashed black line has a gradient of� 2=3 and shows the density scaling of the magnetic �eld

strength as expected in the case of magnetic 
ux conservation. This is the relation we would see

if the magnetic �eld strength were ampli�ed purely by isotropic compression due to the collapse

of the gas (Heitsch et al., 2004). Instead, we see a rapid increase in the magnetic �eld strength to

a magnitude at least 5 orders higher than that expected from adiabatic compression alone. This

indicates that shearing and turbulent processes in the simulation have also worked to amplify the

�eld (Dolag et al., 1999; Marinacci et al., 2018a). The gradient of the median trend above 10� 28

g cm� 3 follows a relation of B � � 1=2. Interestingly, this is what is expected for self-gravitating,

magnetically sub-critical clouds (Heitsch et al., 2004). The vertical dotted line in the �gure

indicates the minimum density of all star-forming gas cells in simulation 1330-3M atz = 0. This

shows us that the magnetic �eld strength in star-forming gas cells is typically between 5 and 40

� G. The average for the whole disc is towards the lower end of this, whilst denser regions such as

the centre and the spiral arms of the galaxy will have higher values, as expected observationally

(see Section 1.4).

We compare our results with data available for other cosmological simulations. The solid green

line in Fig. 3.4 shows the median magnetic �eld strength as a function of density for the simu-

lation Au 6 from the Auriga project, as initially presented in G178. The solid blue line shows

8The simulation data for this galaxy was provided by R•udiger Pakmor.
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Figure 3.4: Median magnetic �eld strength as a function of density at z = 0 for the simulations (shown

in brackets) presented in the legend (top left). The dashed black line has a gradient of � 2=3 and shows the

density scaling of the magnetic �eld strength as expected in the case of magnetic 
ux conservation. The

dark (light) gray shaded areas indicate the 1 � (2� ) deviation from the median for simulation 1330-3M.

The vertical dotted line indicates the minimum density of all star-forming gas cells in this simulation at

z = 0. Our simulations are completely consistent with those done by G17 and Marinacci et al. (2018b).

This is expected as these simulations also use the same MHD implementation. Higher magnetic �eld

strengths at lower densities for these simulations are a result of increased resolution and the subsequent

ability to resolve the turbulent dynamo at smaller scales.

the same relation for the simulation TNG-100-1, as presented in Marinacci et al. (2018b)9. The

origin of the higher density gas in this simulation is unclear. However, it is likely to result from

the fact that this data is taken for the whole simulation volume rather than for one halo. Both

of these simulations employ the same MHD implementation as we do, but there are minor di�er-

ences in the galaxy formation model. More signi�cantly, there are large di�erences in the mass

resolution. The TNG-100-1 simulation has a dark matter mass resolution approximately 31�

lower than our highest resolution simulations, whilst Au-6 has a dark matter mass resolution

that is � 1:8� lower. This gap in resolution is the most likely reason behind the di�erences

seen between the relations at low densities. All three simulations attempt to keep the gas cells

within a target mass. For higher mass resolutions, this target mass is lower and hence so are

cell sizes. This means that shear and turbulent e�ects may be resolved at lower densities. Even

in this region, however, all lines lie within 1� of another. We may therefore conclude that the

magnetic �eld strength seen in our simulation is in very good agreement with that seen in G17

and Marinacci et al. (2018a). Our MHD implementation is hence considered to be representative

of what is state of the art in the �eld of cosmological galaxy formation simulations.

9This was converted from Fig. 3 of this paper using a factor of � b= 4.189 � 10� 31 g cm� 3 , as given in Planck

Collaboration (2016).
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3.2 Galaxy properties

In this section, we investigate the impact of magnetic �elds on the global properties of the

simulated galaxies. In particular, we investigate the e�ect of including MHD physics on: the

star formation history (Subsection 3.2.1); the evolution of the stellar mass fraction in the disc

(Subsection 3.2.2); and the evolution of the total bound gas and stellar mass (Subsection 3.2.3).

We conclude that the addition of MHD physics does not result in a signi�cant impact on galac-

tic global properties, and may even result in less e�cient feedback, as measured through the

evolution of the bound gas mass.

3.2.1 Star formation rate as a function of merger progress

As discussed in Section 1.3, mergers can have a dramatic impact on the star formation rates

in a galaxy. This, in turn, a�ects the morphological evolution of the galaxy. Some previous

simulations have suggested that su�ciently high magnetic pressures can launch a galactic wind

(e.g Steinwandel et al., 2019). This wind would eject cold gas from the galaxy, thereby reducing

the star formation rate. On the other hand, magnetic pressure could also act to support increased

gas densities or otherwise in
uence gas dynamics. This could possibly impact the timing and

duration of any merger-induced starbursts. To investigate these e�ects, we plot the star formation

rate as a function of time for each of our highest resolution simulations in Fig. 3.5. As in Fig.

3.3, we also show the distance between the centres of the main and merging galaxies in the

bottom row, and use this as a proxy for the merger progress. Broadly speaking, the galaxies

shown on the left-hand side of the �gure, being direct collisions, undergo more energetic mergers

than those on the right-hand side (see Subsection 2.2.5). In each panel, solid lines indicate

simulations that included MHD physics, whilst dashed lines indicate hydrodynamic simulations.

The missing distance points for 1330-3H are due to a corruption of the subhalo catalog at these

times, as explained in Subsection 3.1.1. The star formation history is calculated as described in

Subsection 3.1.3.

In general, the star formation history pro�les produced by both physics models are very similar.

Reassuringly, the pro�les for the hydrodynamic simulations are particularly close with those

presented in Sparre and Springel (2016), who ran hydrodynamic simulations from the same

initial conditions as our own. As expected, the more energetic mergers show more enhanced

star formation at the time of the merger. However, the galaxies in simulations with the pre�x

1330-3 and 1526-3 still fall well below the starburst threshold, as de�ned in Sparre and Springel
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Figure 3.5: Top two rows: The star formation history at z = 0 for the main galaxy (as de�ned in Section

2.2.3) in each of our highest resolution simulations. The simulation pre�x is located in the top right-hand

corner of each panel. Solid lines indicate simulations that included MHD physics whilst dashed lines

used hydrodynamic physics instead. Each point shows the mean star formation rate (SFR) during a

period of � 15 Myr. Bottom row: The proper distance between the centres of the galaxies involved in

the major merger of that simulation (as de�ned in Section 2.2.4). Colours follow from the upper panels.

Star formation in each panel follows a similar evolution despite the di�erent physics models being used.

In particular, there is no evidence to be seen of magnetically-driven winds suppressing star formation.

Interestingly, the time of coalescence in each merger shows a correlation with the physics model, with

simulations including MHD physics coalescing at systematically earlier times.

(2017)10. This is not too surprising, as our time and mass resolution is still too coarse to produce

the necessary gas-consumption timescales for such starbursts (Sparre and Springel, 2016).

Taking a closer look at the details of the star formation pro�les, for simulations that included

MHD physics we generally see slightly lower star formation rates during the merger, followed by

slightly higher star formation rates at later times. It is not clear from this plot whether these

di�erences are a result of physical processes, or whether they are a result of the numerically

stochastic nature of star formation at the time of the merger. It also remains to be seen whether

the di�erences a�ect the total stellar mass produced, or whether the same amount of gas is

10 A star formation rate to stellar mass ratio that lies 3 � away from the star formation main sequence in Illustris.
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being consumed at slightly di�erent times. We will determine this by inspecting the total bound

stellar mass evolution in Subsection 3.2.3. Either way, all merger remnants in our simulations

are star forming for long periods after coalescence. The galaxy in simulation 1330-3M even

has a similar star formation rate at z = 0 to that which it had pre-merger. This shows that

the Hopkins evolution scenario (see Section 1.3) does not tell the whole story. In particular, it

increasingly appears that `wet' gas-rich major mergers may produce a star-forming remnant (see

also Robertson et al., 2006; Sparre and Springel, 2017).

There also appears to be a weak correlation between the inclusion of MHD physics and an earlier

onset of enhanced star formation rates. This appears to result from the faster coalescence of

the galaxies in MHD simulations, as seen in the bottom row of the �gure. In every simulation,

the MHD galaxies coalesce before their hydrodynamic analogues. This di�erence is particularly

striking for galaxies that underwent sustained tidal interaction before merging, such as in the

simulations with pre�x 1330-3. In visual inspections (see Subsection 2.2.5), it appears that the

merging galaxy in both of these simulations has lost most of its mass by� 5 Gyr. The increased

rate of coalescence may therefore be an artefact of non-linear N-body dynamics. However, the

e�ect is systematic in our simulations. One could envisage a mechanism where the magnetic

�eld provides an additional drag force, particularly at periapsis, thereby hastening coalescence.

Con�rmation of this e�ect is outside of the scope of this thesis, however, and we leave the

investigation of it to future work (see Section 4.2 for further details). In general, we conclude that

the magnitude, duration, and timing of the star formation does not change signi�cantly between

physics models. As a corollary, we conclude that we do not see evidence of a magnetically-driven

wind suppressing star formation rates.

3.2.2 Disc-to-total ratio as a function of merger progress

The outcome of a merger may also be de�ned by the impact on the kinematics of the galaxy.

Sparre and Springel (2017) found that galaxies in simulations based on the same initial conditions

as our own regrew substantial stellar discs post-merger. As discussed in Section 1.2, elliptical

galaxies and the bulges of spiral galaxies are predominantly supported through anisotropic ve-

locity dispersion whilst stellar discs are predominantly supported by rotation. One method of

investigating the regrowth of discs within our own simulations is therefore to attempt to quantify

the amount of rotational support in the main galaxy as a function of time. We do this in Fig.

3.6 using the orbital circularity parameter, � , as de�ned in Abadi et al. (2003)11. To calculate

11 We could equally well have chosen other measures, such as � v as de�ned by Scannapieco et al. (2009) or � rot

as de�ned in Sales et al. (2012). We choose � as it is commonly used in literature discussing the Auriga and

Illustris simulations (e.g. Snyder et al., 2015; Rodriguez-Gomez et al., 2017).
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Figure 3.6: As Fig. 3.5, but showing the disc-to-total ratio (D/T) instead of the mean star formation

rate. Some values, such as those seen for simulation 1349-3M at� 4 Gyr and simulation 1605-3H at � 0

Gyr, appear super�cially lower due to tidal interactions with other galaxies distorting the calculation

(see text and Section 2.2.4 for details). Once these are ignored, the D/T ratio in each panel appears

to follow a similar evolution despite the di�erent physics models being used. Only for the top right

panel does including MHD physics seem to support the growth of the disc component relative to what

is achieved with hydrodynamic physics, but even here the e�ect is mild.

this value, we �rst identify every star particle within 0.1 � R200;crit of the centre of the main

galaxy | as previously noted, this is roughly the extent of the galactic disc. We then de�ne the

speci�c angular momentum in the z-direction, j z = ( v � r )z , and the speci�c binding energy,

E = 1=2v2 + Ugrav , for these particles, wherev is the galactocentric velocity, r is the galacto-

centric position, and Ugrav is the speci�c gravitational potential energy of the star particle. The

circularity of a star particle is then calculated to be: � = j z=j (E ), where j (E ) is the maximum

speci�c angular momentum possible for the speci�c binding energy of that star. Finally, we

de�ne the stellar mass fraction in the disc relative to the total as the fraction of all star particles

having � > 0:7. This ratio is also known as the disc-to-total or D/T ratio 12.

Before we discuss the trends seen, it is worth noting that there are some points in the �gure that

12 Our method will lead to slightly lower disc-to-total measurements than those presented in Sparre and Springel

(2016), who use the � v parameter instead. See Rodriguez-Gomez et al. (2017) for an explanation on how di�erent

circularity parameters may be compared.
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do not represent the true fraction of stellar mass in the disc. Trivially, as in previous �gures, there

are two regions where simulation 1330-3H is missing values. As explained in Subsection 3.1.1, the

positions of the main galaxy are missing for these snapshots due to corrupt subhalo catalogues.

Consequently the disc-to-total ratios are missing as well. Less trivially, the disc-to-total ratios

are also impacted by stars from outside the main galaxy entering the selection boundary. Whilst

this may cause a genuine disruption to the stellar dynamics, a signi�cant amount of the decrease

in the D/T value seen at these times results from the e�ect of the foreign stars on the calculation

of the stellar angular momentum vector (as de�ned in Subsection 2.2.4). This can result in a

mis-rotation of the coordinate system such that the disc of the galaxy no longer lies in thex-y

plane, thereby distorting calculations of j z . An example of this e�ect is seen for 1605-3H at

z � 0. The merger remnant in this simulation does not grow a large disc post-merger, and so the

calculation of the stellar angular momentum vector is unduly a�ected by a close 
y-by at this

time13. Whilst some galaxies show a dip in their disc-to-total ratio due to a tidal interaction,

the dip seen for 1349-3M at� 4 Gyr is due to the reorientation of the galaxy at this point 14.

Here, the galaxy builds a new stellar disc, orientated di�erently to its remnant. The dip in the

disc-to-total ratio signals the new disc becoming dominant over the old remnant disc.

With these factors in mind, we see that the evolution of the disc-to-total ratio is remarkably

similar for each galaxy pair. For each galaxy, the D/T value decreases rapidly during the merger.

The disc then starts to rebuild almost immediately after the merger, with regrowth proceeding at

approximately the same rate in each simulation. The regrowth is generally weaker in simulations

with the pre�x 1605-3. This results from the formation of a limited disc, rather than from the

formation of a large bulge component (see Fig. 3.9 and Fig. 3.14). As noted in Subsection

3.2.1, the merger does not progress at exactly the same rate in each simulation. This a�ects

the convergence of the disc-to-total ratios between the two physics models. These di�erences

are once again particularly clear for simulations with the pre�x 1330-3. The reduction in the

disc-to-total ratio at coalescence for 1330-3H is not as signi�cant as it was for 1330-3M. This

shows that the mass ratio between the merging and main galaxy is signi�cantly reduced by this

point. This explains why 1330-3H continues to form a strong disc byz = 0, despite the shorter

time since coalescence. The galaxy in this simulation ends with a very similar disc-to-total ratio

to that seen in 1330-3M. Indeed, allowing for tidal interaction a�ects, it seems that only the

galaxies in the 1526-3 simulations show a signi�cant di�erence between their �nal disc-to-total

ratios. Even here, however, the di�erence is mild. 1526-3H does not shown a distinct bulge at

z = 0, but does show a highly pu�ed-up disc relative to the other galaxies (see Fig. 3.3.2). This

13 A full range of times when the galaxy orientation is considered unreliable is shown by the grey bars in rows

6 and 7 of Fig. 3.20.
14 See the stellar angular momentum evolution in the 6th row of Fig. 3.20.
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could have reduced the circularity values of the star particles for this galaxy, relative to those in

1526-3M. Overall, however, we conclude that the addition of MHD physics does not signi�cantly

impact the disc-to-total ratio.

3.2.3 Bound gas and stellar mass as a function of time

In Subsection 3.1.3, we found that the star formation histories produced by MHD and hydro-

dynamic simulations were highly similar. We claimed that this meant it was unlikely that our

simulations produced a strong magnetically-driven wind. In this subsection, we check the cumu-

lative e�ect of any di�erences seen and investigate our claim more thoroughly. To this end, in

Fig. 3.7 we plot the bound gas and stellar mass, as allocated bysubfind , of the main galaxy in

each high resolution simulation as a function of time. We also plot the sum of the two masses

over time. Assuming a galaxy exists in relative isolation post-merger, the gradient of this line

provides us with information on how e�ective any feedback is in ejecting gas from that galaxy:

if gas is only being converted into stellar mass, this line will stay constant; if feedback is acting,

then this line will show a negative gradient, as gas is unbound from the system. As we will see,

this is the case for many of our hydrodynamic simulations, to a much greater extent than for our

MHD simulations.

Once again, the time of the merger in each panel is evident by the sudden uptake in bound

gas mass and the subsequent acceleration of star formation. Simulations with the pre�x 1330-3

show a couple of localised peaks as the merger progresses. This is due tosubfind reallocating

matter between galaxies as they inspiral. This e�ect is seen in all galaxies, but is most obvious

for the galaxies that take the longest to coalesce. The gas bound to the system at the time of

coalescence is generally higher for the MHD simulations than for the hydrodynamic simulations.

This supports the idea that the accelerated coalescence seen in Fig. 3.5 and Fig. 3.6 may be due

to more e�ective gas transport in MHD simulations at later stages of the merger. As discussed

in Subsection 3.2.1, further analysis would need to be done to really con�rm this e�ect, which

we leave to future research (see Subsection 4.2).

The nature of cosmological simulations is that the galaxies do not experience true isolation. We

therefore expect to see gas accretion after the merger; an e�ect that would be absent in idealised

merger simulations. In both simulations with pre�x 1330-3, a mild increase in gas mass can be

seen at� 4 Gyr, due to the minor merger that takes place at this time. Minor 
uctuations in

the gas mass may also be seen at later times, such as at� 2 Gyr. These are due to the 
y-bys

that take place at this time. For 1349-3H, we see a sudden stagnation of the rate of gas loss at

� 1 Gyr. Whilst it is true that star formation has also decreased at this point, reducing the
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Figure 3.7: Total bound stellar mass (green), total bound gas mass (orange), and the sum of these

quantities (blue) for the main galaxy in each simulation (as de�ned in Section 2.2.3) as a function of

time. Solid lines indicate simulations that included MHD physics whilst dashed lines used hydrodynamic

physics instead. The simulations shown in each panel start with the pre�x displayed above that panel.

The total stellar mass formed in each panel is mostly independent of the physics model used. Where

there are di�erences, the total stellar formation is higher when MHD physics were included, as in the

rightmost panel. Furthermore, the total bound gas mass is, in general, higher in all simulations except for

those with the pre�x 1526-3. This implies that feedback is more e�ective at removing gas in simulations

that did not include MHD physics. The growth in total bound mass for simulations with the pre�x

1526-3 show that these systems, unlike the others, are accreting signi�cant amounts of gas well after the

merger.

impact of stellar winds on the galaxy, the levelling-out of the bound gas mass at this time is

most likely a result of gas being brought into the system by the 
y-by at this time. The galaxies

with the pre�x 1526-3 also experience a range of minor 
y-bys, which lead to a steady intake of

gas after the merger. For the main galaxy in 1526-3H, gas mass is rapidly accreted at� 2:5 Gyr

due to a very close tidal interaction. This interaction is much more sustained than for 1526-3M,

and we see a clear di�erence in the gas accretion history as a result. The sudden loss of gas

mass after � 2 Gyr in the 1605-3 galaxies may be attributed tosubfind re-allocating mass to

an inspiralling galaxy. The main galaxy at this time in these simulations has a very limited size

relative to the other galaxies (see Fig. 3.9 and Fig. 3.4.1) and so is more strongly a�ected by

interactions.
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Considering these e�ects, it is apparent that for virtually every merger, feedback is more e�ec-

tively removing gas from in hydrodynamic simulations than in MHD simulations. Indeed, for

many MHD simulations, feedback is highly ine�ective, and the loss of gas mass may be accounted

for almost entirely by the corresponding increase in stellar mass. This is particularly clear for

simulation 1330-3M, but may also be seen in 1526-3M and 1605-3M. This means that we may

e�ectively rule out the existence of strong magnetically-driven winds in our simulations15. Inter-

estingly, whilst the gas accretion histories vary between galaxies, there is very little di�erence in

the bound stellar mass evolution. We see that for all simulations except those with pre�x 1605-3,

the total stellar mass at z = 0 is approximately the same. This shows that for these galaxies,

variations in the star formation history may be explained mostly as a temporal variation in gas

consumption rates. This variation is in
uenced both by the stochastic nature of star formation

as well as by the rate at which the merger progresses. Even for the 1605-3 galaxies, the variation

in total stellar mass at z = 0 is relatively mild. This suggests that feedback is not e�cient at

limiting the star formation in these galaxies.

15 Further evidence against the existence of such a wind will be produced in Subsection 3.5.1.
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3.3 Stellar and gaseous morphology

In this section, we investigate the impact of increased resolution on the stellar and gaseous

morphology of the merger remnant at z = 0 (subsections 3.3.1 and 3.3.3, respectively). We

�nd a signi�cant di�erence and show that these e�ects are systematic in our highest resolution

simulations (subsections 3.3.2 and 3.3.4). We then perform the same analysis for isolated Auriga

galaxies and �nd similar, but less marked, e�ects (subsections 3.3.5 and 3.3.6). We interpret this

to mean that these e�ects are induced by mergers.

3.3.1 Mock SDSS gri composites for increasing simulation resolution

In the previous section, we saw that the evolution of the stellar mass in each simulation was

similar between physics models. However, similar star formation histories must not necessarily

result in the the same galaxy morphology. For example, it has already been shown that the

addition of cosmic ray physics to the Auriga galaxy formation model can a�ect morphological

properties whilst leaving global properties relatively unchanged (Buck et al., 2019). On top of

this, we also expect that we will only begin to be able to resolve certain small-scale e�ects, such

as the turbulent dynamo, with signi�cantly increased resolution. If these processes signi�cantly

impact on the evolution of the galaxies, it will be clear through visual inspection of the merger

remnant. We therefore create a series of mock observational images for such inspection.

As discussed in Subsection 2.1.4, each star particle represents a single stellar population, with

photometric properties provided in the form of mock SDSS broad bands. These luminosities

are tabulated using the catalogues of Bruzual and Charlot (2003). Following Vogelsberger et al.

(2014b), we may map the mock g-, r-, and i- band luminosities of these star particles to the red,

green, and blue channels of an RGB image. Assuming there is a line of sight to every star, we bin

each channel to create a projected image. We then apply theasinh scaling given in Footnote 7

of Lupton et al. (2004)16. An alpha transparency factor is also set proportional to the maximum

binned g-band luminosity to provide the impression of saturation. The result is an an RGBA

image. This image does not include e�ects such as dust attenuation, and is therefore not a

true observational mock, but it nevertheless provides much useful information. For example, by

inspecting this image we may observe where young stars are distributed (bluish-silver pixels) and

where old stars are distributed (reddish-brown pixels). We may also qualitatively observe where

the most luminosity in the galaxy is concentrated and easily identify morphological features. In

16 In particular, we use the parameters � = 0 :01 and Q = 0 :1 for this equation, and set m to the minimum

luminosity value of all bands.
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Fig. 3.8, we present mock SDSS images of the merger remnant atz = 0, created in this manner.

The top two rows show simulations that included MHD physics, whilst the bottom two rows

show simulations that included hydrodynamic physics. The mass resolution of the simulation

also increases from left to right. In order to roughly conserve the average luminosity per bin, we

have coarsened the bin size for the lower resolution simulations.

The galaxy in simulation 1330-1M shows a distribution of younger stars at the centre and at the

edge of the disc, resulting in a brighter edge-on image than in 1330-1H. From Fig. 3.3, we may see

that the young stars in the MHD simulation are due to a recent boost to the star formation rate.

This is probably the result of a tidal interaction caused by the interloping galaxy, visible in the

face-on image. Apart from this, the size and stellar distribution of the lowest resolution galaxies

are extremely similar. It is likely that before the recent tidal interaction, the galaxies appeared

even more similar. By contrast, when we increase the spatial resolution of the simulations by

a factor of two, we already begin to see marked di�erences in the morphology produced. The

galaxy in simulation 1330-2M has begun to form sweeping spiral arms and shows a large bulge

component. On the other hand, the galaxy in simulation 1330-2H shows signi�cant star formation

concentrated in a ring at the edge of the disc. This galaxy also shows a thin stellar bar, with a

spiral of stars connecting the ring and the ends of the bar. The radial extent of the disc in the

hydrodynamic simulation is also already visibly reduced compared to its MHD counterpart.

Increasing the resolution yet again, we see these components develop further. The smaller spatial

resolution has allowed smaller-scale structure to form. The discs are noticeably thinner than

they were at the start, with halo stars also less spread out in both simulations. In 1330-3M, the

amount of spiral arm structure has increased, but the arms have become less connected. The

bulge component has also become much less dominant. In general, the galaxy has developed

into a typical 
occulent spiral galaxy. The tidal interactions that this galaxy has experienced

have led to a warping of the outer disc. The galaxy in simulation 1330-3H shows a much more

compact disc, with intense star formation in a stellar ring at the disc edge. The stellar bar is still

seen, but is not as well-de�ned as it was in 1330-2H. The arms linking the bar with the stellar

ring are also much less clear, if they exist at all. The stellar ring clearly heavily contributes

to the fraction of stellar mass in the disc. This shows that a high disc-to-total ratio does not

necessarily result in an extended disc. In general, there is a clear divergence in the evolution

of the galaxies between physics models. Importantly, this divergence is only uncovered with

signi�cantly increased resolution, suggesting that it is driven by small-scale e�ects.
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Figure 3.8: 1st row: Mock SDSS gri composite images for the main galaxy in each simulation (as

de�ned in Section 2.2.3) at z = 0. Simulations increase in resolution from left to right, with the

simulation name found in the top left-hand corner of the panel. All simulations were run with MHD

physics. Galaxy pro�les are seen face-on and show star particles to a depth of� 40 kpc in the z-direction.

2nd row: As above but galaxy pro�les are now seen edge-on. Star particles are seen to a depth of� 40

kpc in the y-direction. 3rd and 4th row: As 1st and 2nd row respectively, but simulations included

hydrodynamic physics rather than MHD physics. Whilst results for the lowest resolution runs appear

roughly independent of the choice of physics model used, increasing the resolution leads to divergent

evolution. For simulations that included MHD physics, increasing the resolution resulted in increased

radius and increased spiral structure, whilst for those that included hydrodynamic physics, it resulted

in a much more compact disc and the formation of bar and stellar ring elements.
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3.3.2 Mock SDSS gri composites for the highest resolution galaxies

Naturally, we must check whether the morphological di�erences seen between the MHD and

hydrodynamic simulations presented in Fig. 3.8 occur in all simulations, or whether these dif-

ferences are unique to the 1330-X simulations. We therefore create mock SDSS images of the

merger remnant in all of our highest resolution simulations. These are presented in Fig. 3.9. As

mentioned in Subsection 3.2.2, 1605-3H is strongly a�ected by a tidal interaction atz = 0. We

therefore present it and its MHD analogue atz = 0 :11, before this interaction takes place17. All

other simulations are presented atz = 0.

It is immediately apparent that the inclusion of MHD physics leads to a signi�cantly di�erent

morphology for every simulation. We also see many of the same features in these images as were

identi�ed in Fig. 3.8. For example, galaxies from MHD simulations have systematically larger

discs than their hydrodynamic analogues. Naturally, this di�erence is largest for the largest

galaxies. Furthermore, all galaxies from MHD simulations, except for 1605-3M, display extended

spiral arm structure. This structure is much less pronounced for 1349-3M than in 1526-3M

and 1330-3M, but this may simply be a result of the limitations imposed from possessing a

smaller disc-size. In comparison, hydrodynamic simulations result in highly compact galaxies.

Indeed, 1605-3H barely forms a disc at all relative to the other galaxies presented. Hydrodynamic

simulations also tend to produce stellar bars and rings, which are mostly not apparent in the

MHD simulations. That is not to say that stellar bars are systematic to one particular physics

model, however. For example, 1349-3M shows a thin stellar bar in its face-on image, whilst 1526-

3H does not show a bar. Nonetheless, where they do appear, they are generally much larger in

hydrodynamic simulations.

The stellar rings seen in the hydrodynamic simulations are nottypical of real galaxies, but

are also not unknown (see e.g. NGC 1073, NGC 1433, NGC 3081). Where they do exist in

reality, the rings are often theorised to be a result of resonant forces channelling the gas. The

existence of such resonances is also often interpreted to mean that the galaxy has undergone a

mostly secular evolution (see e.g. Buta et al., 2004). Our simulations show, however, that secular

evolution is not a necessary condition for such morphology. Interestingly, the galaxies from our

hydrodynamic simulations also show some similarities with those presented in Marinacci et al.

(2014). In particular, 1526-3H and 1330-3H look similar to Aq-C-4 and Aq-F-5, respectively.

This is perhaps to be expected as the Auriga galaxy formation model we use is built upon

that of Marinacci et al. (2014). There are, however, signi�cant di�erences between the models,

17 The interaction is caused by the small satellite galaxy seen in the top right of the edge-on and face-on images

for this galaxy.
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Figure 3.9: As Fig. 3.8, except all simulations presented are now at the highest resolution. Simulations

with pre�x 1605-3 are shown at z = 0 :11 due to a tidal interaction disrupting the main galaxy in 1605-

3H at later times. All others are shown at z = 0. Conclusions from Fig. 3.8 are still applicable here.

In particular, in every case including MHD physics has led to a galaxy with a larger radius. Whilst

some MHD simulations, such as 1605-3M and 1349-3M do show evidence of bars, these are smaller than

those seen in the hydrodynamic runs. 1526-3H does not show the formation of a bar, unlike the other

hydrodynamic simulations, however this galaxy is also signi�cantly more pu�ed-up, suggesting that other

dynamics are at play here. The stellar ring in this galaxy also appears qualitatively similar to that in

1605-3M. This suggests that not all features are being formed in the same way.

including a di�erent implementation of stellar feedback (see Subsection 2.1.4). The fact that our

hydrodynamic galaxies still look so similar after these changes implies that the addition of MHD

physics has been highly signi�cant for the Auriga galaxy formation model.

Outside of the general di�erences between hydrodynamic and MHD simulations, the galaxies in

simulations 1605-3M and 1526-3H are also slightly unusual. Some of their shared features may
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be caused by the same underlying mechanism. Both galaxies show a ring of star formation, but

this is less well-de�ned than that seen for other galaxies. The radius of the ring is also near

the edge of in
uence for an AGN. This is supported by the lack of well-de�ned structure at the

centre of 1526-3H, which may be another signature of such activity. A clearer understanding

of the dynamics here will be given by inspecting the gas density distribution, which we do in

Subsection 3.3.4. 1526-3H also shows a pu�ed up disc, relative to the other galaxies. Whilst

AGN activity could be behind some of this e�ect as well, the increased scale height has probably

resulted from the signi�cant tidal interaction that this galaxy undergoes at � 2:5 Gyr. This is

particularly likely as halo stars are included in this e�ect. Minor mergers and tidal interactions

have been seen to pu� up stellar discs in other simulations (see e.g. Welker et al., 2017).

3.3.3 Gas density distributions for increasing simulation resolution

Star particles in our simulations evolve over several Gyr. Therefore, in inspecting the mock

visual images, we are observing the accumulation of changes that have taken place throughout a

galaxy's history. As mentioned previously, the gas component is particularly sensitive to changes

of the gravitational potential and energy distribution. It therefore provides a window onto the

kinematics of the galaxy over much shorter timescales. Furthermore, as the star formation in a

region scales with the gas density (see Subsection 2.1.4), the distribution of the gas at a particular

time provides information on where future star formation will occur. To analyse the gas density

distribution 18, we take a slice through thex-y and x-z planes. We present these in Fig. 3.10.

Each pixel indicates the gas density of the cell with the closest Voronoi mesh-generating point.

Note, we have increased the dimensions of these images relative to the mock images, such that

they now have dimensions of 50� 50 kpc. This allows us to show more of the distribution outside

of the spiral arms, as well as above and below the galaxy in thex-z plane.

As in Fig. 3.8, di�erences between the physics models are clearly visible with increased resolution.

However, unlike for the visual mock images, such di�erences are already visible at the lowest

simulation resolution. For 1330-1M, we see that the gas takes on a 
occulent structure within

the disc. There is also a displacement of the gas at the galactic centre, visible both in the face-on

and edge-on images. The expulsion of gas in this manner is indicative of an AGN outburst. In

simulation 1330-1H, we see that the gas is distributed in a much more inhomogeneous fashion,

with the gas mass roughly divided between the centre and the disc edge, with little gas in between.

The gas disc is also already notably thinner in the hydrodynamic simulation compared to the

MHD simulation, and there is a signi�cant drop in the density above and below the galaxy as

18 As noted in Subsection 2.1.4, the gas mass of each cell is kept within a target value, so the gas density

distribution is roughly equal to the gas mass distribution.
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Figure 3.10: 1st row: Gas density distributions for the main galaxy in each simulation (as de�ned in

Section 2.2.3) at z = 0. Simulations increase in resolution from left to right, with the simulation name

found in the top left-hand corner of the panel. All simulations were run with MHD physics. Data is

displayed as a slice in thex-y plane through the gas cells. 2nd row: As above but galaxy pro�les are now

seen edge-on. Data is displayed as a slice in thex-z plane through the gas cells. 3rd and 4th row: As

1st and 2nd row respectively, but simulations included hydrodynamic physics rather than MHD physics.

Di�erences between the galaxies may already been seen at the lowest resolution, and only increase with

increased resolution. The average gas density decreases steadily by radius for simulations that included

MHD physics, whilst those that included hydrodynamic physics show peaks in the gas density towards

the disc edge followed by a dramatic decrease thereafter.
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