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Abstract

Galaxy clusters consist of hundreds to thousands of galaxies. The space between the
galaxies is filled with a hot plasma, known as the intracluster medium (ICM). Galaxy
clusters are magnetised. Radio observations reveal that the magnetic fields, embedded
into the ICM, have field strengths of ∼ µG and coherence lengths of ∼ kpc. The details
about how these magnetic fields are created and how they evolve to the observed state
are not yet fully known. Magnetic fields in galaxy clusters can be created in structure
formation processes via means of the Biermann battery at the order of ≈ 10−20G.
Theories suggest that, starting with a small seed field, the magnetic fields in the ICM
can be amplified to the observed strengths. The underlying process is referred to as
a turbulent small-scale dynamo. It converts turbulent, kinetic energy into magnetic
energy. Non-radiative galaxy cluster simulations show that the turbulent small-scale
dynamo is able to grow magnetic fields to the observed strengths within the age of
the universe. In the framework of this thesis, we analyse how adding radiative physics
modifies this picture. We analyse the fifth most massive galaxy cluster with a mass
of ∼ 3 · 1015M� from a cosmological simulation. We analyse two different simulations
of this galaxy cluster. The first simulation includes a module for solving the ideal
magnetohydrodynamics (MHD) equations, a gravity solver and a module for radiative
physics. The second simulation only includes the MHD and the gravity module. We
analyse and compare both simulations. The magnetic field grows faster in the radiative
simulation. In the radiative simulation, the magnetic field reaches the final strength of
∼ 5µG in the central regions at a redshift of z ≈ 3.5. In the non-radiative simulation,
this happens at z ≈ 1. The galaxies in the radiative simulation grow magnetic fields
with strengths of ∼ 20µG approximately within the same time. The magnetic field
grows in three epochs in the radiative simulation. After the collapse of the protocluster,
from 9.5 > z > 4.5, the magnetic field grows mainly in the central ICM. The center
is dominated by the high densities and feedback induced turbulence in the central
galaxy of the cluster. After the first merger, from 4.5 > z > 3.5, the magnetic field
experiences an exponential growth phase. The exponential growth is associated with
the galactic magnetic fields. These are injected into the ICM via galactic winds or ram
pressure stripping. The merger at z = 4.5 injects turbulence into the ICM such that
the turbulent small-scale dynamo can pick up the high galactic magnetic fields as initial
fields and amplify them until z = 3.5. From z = 3.5 on, merging substructures enrich
the ICM with their own gas. The gas has a similar magnetic field strength, compared
to the ICM. The merging substructures also keep the level of turbulence in the ICM
high. This turbulence feeds the magnetic field, which would otherwise decay, and
mixes central and higher radii ICM. Inside galaxies, the magnetic field grows fast due
to high gas densities and a high level of turbulence. A large fraction of galaxies loses all
their gas. This starts already at z = 9. This fraction grows with time. We see evidence
for ram pressure stripping, as well as for galactic winds caused by supernovae. The
magnetic field profile evolution is closely related to the metallicity profile evolution.
Furthermore, there is a positive correlation between the metallicity and the magnetic
field strength in the ICM from z = 2 on. The similarity between the magnetic field
and metallicity distributions in the ICM shows, how closely related galactic magnetic
fields are to those in the ICM. In the non-radiative simulation, the magnetic field
experiences an initial growth of the magnetic field with the collapse of the protocluster.
Afterwards, it stays constant between the redshifts 9.5 > z > 4.5. We define two
growth phases for the following growth of the magnetic field in the non-radiative
simulation. Between the first and the second major mergers, at 4.5 > z > 2 it starts
to grow exponentially. After the second merger at 2 > z > 1 it grows with an increased
rate. The amount of turbulence is approximately the same in both simulations. Only
the very central ICM shows an increased level of turbulence at 9.5 > z > 4.5 in the
radiative simulation. Our findings are an important step towards understanding the
evolution of the magnetic field in galaxy clusters and the contribution of galaxies and
their interactions with the ICM. Understanding the evolution of magnetic fields is
important as they are intrinsically linked to physical processes in the ICM such as
conduction, viscosity, cosmic ray acceleration and transport, and the observed radio
emission.
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Zusammenfassung

Galaxienhaufen enthalten hunderte bis tausende Galaxien. Den Raum zwischen den
Galaxien füllt ein heißes Plasma, bekannt als das Intracluster Medium (ICM). Galaxienhaufen
sind magnetisiert. Radio Observationen zeigen, dass die Magnetfelder, eingebettet in
das ICM, Feldstärken im Bereich ∼ µG und Kohärenzlängen von ∼ kpc haben. Die
Details darüber, wie diese Magnetfelder entstehen und wie sie sich entwickeln sind noch
nicht komplett bekannt. Magnetfelder in Galaxienhaufen können in Strukturformationsprozessen
mit der Biermann Batterie in der Größenordnung von ≈ 10−20G kreiert werden.
Theorien zufolge können kleine Ausgangs-Magnetfelder durch einen Prozess namens
turbulenter Dynamo zu den beobachteten Stärken amplifiziert werden. Der turbulente
Dynamo konvertiert turbulente, kinetische Energie in magnetische Energie. Nicht-radiative
Simulationen von Galaxienhaufen zeigen, dass der turbulente Dynamo Magnetfelder
mit den beobachteten Stärken im Alter des Universus erzeugen kann. Im Rahmen
dieser These analysieren wir, wie radiative physikalische Prozesse dieses Bild modifizieren.
Wir analysieren den fünft massereichsten Galaxienhaufen mit ∼ 3 · 1015M� aus einer
kosmologischen Simulation. Wir analysieren zwei verschiedene Simulationen von diesem
Galaxienhaufen. Die erste Simulation enthält ein Modul für die magnetohydrodynamischen
(MHD) Gleichungen, einen Gravitations-Solver und ein Modul für radiative Prozesse.
Die zweite Simulation enthält nur das MHD Modul und den Gravitations-Solver. Wir
analysieren und vergleichen beide Simulationen. Das Magnetfeld wächst schneller in
der radiativen Simulation. In der radiativen Simulation erreicht das Magnetfeld die
finale Stärke von ∼ 5µG bei einer Rotverschiebung von z = 3.5. In der nicht-radiativen
Simulation wird das bei einer Rotverschiebung von z ≈ 1 erreicht. Die Galaxien in
der radiativen Simulation haben Magnetfelder mit Stärken ∼ 20µG, die etwa zur
selben Zeit erreicht werden. Das Magnetfeld in der radiativen Simulation wächst in
drei Epochen. Nach dem Kollaps des Proto-Galaxienhaufens, von 9.5 > z > 4.5, wächst
das Magnetfeld primär im zentralen ICM. Das Zentrum wird von den hohen Dichten
und Feedback-induzierten Turbulenzen der zentralen Galaxie dominiert. Nach dem
ersten Merger 4.5 > z > 3.5, wächst das Magnetfeld exponentiell. Das exponentielle
Wachstum ist verbunden mit den Magnetfeldern in Galaxien. Die galaktischen Magnetfelder
können durch Staudruck oder galaktische Winde mit dem ICM vermischt werden. Der
Merger bei z = 4.5 versetzt das ICM mit Turbulenzen, so dass der turbulente Dynamo
die galaktischen Magnetfelder als Ausgangsfelder nutzen kann und so die Magnetfelder
im ICM bis z = 3.5 verstärken kann. Ab z = 3.5 mixen Merger ihr eigenes Gas, welches
eine ähnliche Magnetfeldstärke hat, mit dem ICM. Die Merger sorgen auch für ein
konstant hohes Turbulenz-Level im ICM. Diese Turbulenzen füttern das Magnetfeld,
welches sonst zerfallen würde, und sie mixen zentrales ICM mit äußerem ICM. Eine
große Fraktion aller Galaxien verliert ihr Gas. Dieser Prozess startet schon ab z = 9.
Diese Fraktion wird mit der Zeit größer. Wir sehen Hinweise darauf, dass das Gas
durch Staudruck oder galaktische Winde entfernt wird. Die Evolution des Profils
des Magnetfeldes weist große Ähnlichkeiten zu dem Profil der Metallizität auf. Wir
sehen eine positive Korrelation zwischen der Metallizität und der Magnetfeldstärke,
beginnend ab z = 2. Die Ähnlihkeit zwischen Magnetfeld und Metallizität im ICM
zeigt, wie eng galaktische Magnetfelder und die im ICM, miteinander verbunden sind.
Auch in der nicht-radiativen Simulation erfährt das Magnetfeld ein erstes Wachstum
mit dem Kollaps des Proto-Galaxienhaufens. Darauf bleibt das Magnetfeld konstant
zwischen 9.5 > z > 4.5. Wir definieren zwei Wachstumsphasen für das Magnetfeldwachstum
danach. Zwischen dem ersten und dem zweiten größeren Merger, 4.5 > z > 2 beginnt
es, exponentiell zu wachsen. Nach dem zweiten Merger, zwischen 2 > z > 1, wächst
es mit einer erhöhten Rate. Das Level an Turbulenzen ist ungefähr gleich in beiden
Simulationen. Nur das zentrale ICM zeigt ein leicht erhöhtes Level an Turbulenzen
zwischen 9.5 > z > 4.5 in der radiativen Simulation. Unsere Ergebnisse sind ein
wichtiger Schritt hin zu dem Verständnis von der Evolution von Magnetfeldern in
Galaxienhaufen und wie Galaxien damit zusammenhängen. Es ist wichtig, dass wir
Magnetfelder verstehen, da sie fundamental sind um physikalische Prozesse, wie Konduktion,
Viskosität, die Beschleunigung und den Transport von kosmischer Strahlung und die
beobachtete Radio Strahlung zu begreifen.
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1 INTRODUCTION

1 Introduction

The Universe is magnetised. Astrophysical magnetic �elds can be found across a great
range of di�erent scales (Donnert et al., 2018). These scales reach from stars (106km), at
the small scales to galaxy clusters (� Mpc), the biggest gravitationally collapsed objects
that we know of (Reblinsky, 2000). Magnetic �elds in galaxy clusters can be observed via
synchrotron emission at radio wavelengths (van Weeren et al., 2009; Botteon et al., 2022).
Other measurement methods go via the Faraday rotation measure (Taylor et al., 2001;
van Weeren et al., 2019; Osinga et al., 2022). How are magnetic �elds in galaxy clusters
created? What ampli�es them? So far, there is no de�nite answer. There are di�erent
astrophysical mechanisms that can potentially produce magnetic �elds in galaxy clusters,
similar to the ones that we observe.

Numerical simulations are a useful tool to investigate these questions. The creation and
ampli�cation of magnetic �elds has been studied in simulations of stars, galaxies, galaxy
clusters and whole cosmological boxes. These simulations di�er in their setups. The
objects can be simulated in isolation, which means that there is no large scale interaction
with the environment. Or they are simulated as part of a bigger cosmological box,
where environmental e�ects can heavily in�uence the simulated object. Furthermore, the
simulations can include radiative physics, meaning a model for gas cooling, star formation,
black hole formation and associated feedback models is included in the simulation. To
choose a setup, it is a question of computational power, desired output and availability.
To be mentioned are simulations of galaxy clusters that investigate the evolution of the
magnetic �eld performed by other groups. Marinacci et al. (2015) perform a cosmological
simulation, where they run a setup, including radiative physics and the other one, only
using adiabatic considerations. They analyse the magnetic �eld evolution in the cosmological
box. Miniati & Beresnyak (2015b) simulate an isolated cluster using the CHARM code
without radiative physics. The structure formation induced feedback is reconstructed from
a merger history code. Roh et al. (2019) also simulate an isolated cluster without radiative
physics. Interactions with the environment are computed separately and inforced. Basu
& Sur (2021) use the FLASH code to simulate a non-radiative, isolated cluster. Also
here, the environmental interactions are inforced. Vazza et al. (2018) use the ENZO code
to perform a cosmological simulation of a galaxy cluster. They do not include radiative
physics. Steinwandel et al. (2022) do a cosmological, non-radiative simulation using the
GADGET3 cosmological code. Adduci Faria et al. (2020) studied the magnetic �eld
in a whole cosmological box, including galaxies, clusters and �laments. They only add
passive magnetic �elds in equipartition with the thermal gas pressure, instead of actively
simulating the magnetic �eld. Donnert et al. (2018) review the magnetic �eld evolution
in simulated galaxy clusters. Most of the simulations come with the problem that a large
variety in scales must be covered in order to properly simulate the magnetic �eld. The
scales reach from small objects, for example supernovae to large objects, for example
merger with other clusters. All these processes can in�uence the magnetic �eld.

What is our understanding on the magnetic �eld evolution in galaxy clusters so far?
Magnetic seed �elds can be created in the early Universe. With the so called Biermann
battery (Biermann, 1950; Kunz et al., 2022), an astrophysical battery that uses baroclinic
motions of charged gas, magnetic �elds can be created from scratch. Such a baroclinic
motion can be induced in di�erent scenarios: structure formation processes, ionization
fronts or in supernovae to mention a few (Miranda et al., 1998; Furlanetto & Loeb, 2001;
Kulsrud et al., 1997; Zhao et al., 2008; Doi & Susa, 2011; Garaldi et al., 2021; Mtchedlidze
et al., 2021). These weak seed �elds can be ampli�ed via adiabatic compression, for
example in gravitationally collapsed gas or in cooled gas (see e.g. Pfrommer 2022). They
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1 INTRODUCTION

can also be ampli�ed non-adiabatically, in a turbulent medium, such as the gas in galaxy
clusters. Merger, as well as interactions with galaxies constantly inject turbulence in galaxy
clusters (Wittor et al., 2017; Vazza et al., 2017; Wittor & Gaspari, 2020). The ampli�cation
works in such a way that the turbulence stretches the magnetic �eld lines. This e�ect
is especially applicable to small scale turbulence, that has a shorter timescale and can
faster stretch the magnetic �eld. This process is also referred to as turbulent small-scale
dynamo (Kunz et al., 2022). It is described with the Kazantsev theory (Kazantsev, 1968;
Kraichman, 1966).

The turbulent small-scale dynamo cannot only work in galaxy clusters, but also in galaxies
(Schober et al., 2013) and stars (Schober et al., 2012). Here, stars can grow a strong
magnetic �eld and carry it to the gas in galaxies through supernova explosions. This also
adds a high amount of turbulence to the gas (de Gouveia Dal Pino et al., 2009), giving
potentially rise to a turbulent small-scale dynamo. Due to their smaller length scales and
shorter dynamical timescales, galaxies can grow a strong magnetic �eld in a short period of
time. Galaxies can potentially lose their gas due to feedback processes that cause galactic
winds (Heckman et al., 1990; Veilleux et al., 2005). In galaxy clusters, galaxies can also
lose their gas due to interactions with the gas in clusters (Jáchym et al., 2019; Serra et
al., 2023). Thus, galaxies provide a source for a fast ampli�cation of the magnetic �eld in
galaxy clusters.

We analyse the evolution of the magnetic �eld in galaxy clusters in a cosmological,
radiative simulation with active magnetic �eld simulation. In a cosmological simulation,
the environmental e�ects are included, while in a radiative simulation, galaxy formation
and associated feedback is included. We want to tackle the question: how does including
radiative physics in�uence the magnetic �eld evolution in galaxy clusters? In order to
investigate this, we run a cosmological simulation with two di�erent setups: one, where
we enable radiative physics and one, where we disable it. We compare the magnetic
�eld evolution in both simulations. We use the cosmological moving-mesh code AREPO
(Springel, 2010) with a module for magnetohydrodynamics (Springel, 2010; Pakmor et al.,
2011) to simulate a cosmological box. We run a zoom-in technique on postselected galaxy
clusters (Springel et al., 2001). We use the galaxy formation module FABLE (Henden et
al., 2018) to simulate the run including radiative physics.

In section 2, we give the theoretical background. We describe what a galaxy cluster is,
how it evolves together with the Universe, we describe the gas dynamics in galaxy clusters
and how the magnetic �eld is embedded into this gas. We summarize the physics of
the magnetic �eld evolution: the seed �eld creation with the Biermann battery and the
ampli�cation with the turbulent small-scale dynamo. Then, we also give an overview
on galaxy evolution. We focus on the e�ects that are connected to the magnetic �eld
evolution: the evolution of stars and stellar feedback, galactic winds and interactions with
the cluster. For each of these topics, we give a description on how we model these physical
processes in our simulation. In section 3, we analyse the magnetic �eld growth in our
simulation. In section 4, we summarize the most important results and eventually give an
outlook.

11
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2 Background

What kind of information do we need in order to understand, how the magnetic �eld in
galaxy clusters evolves with time? How can we simulate this? This section provides the
needed background to answer these questions. The section is split into four subsections:
Cosmological evolution, the intracluster medium, magnetic �elds and galaxies. Each
subsection begins the topic with an observational introduction. Then, the theory is
explained. Eventually, every subsection provides the information on how we exactly
simulate this.

In order to understand the evolution of magnetic �elds in galaxy clusters, understanding
the development of galaxy clusters, within cosmic history, is important. The evolution of
galaxy clusters is tightly related to the evolution of the Universe. According to the theory
of hierarchical structure formation, they form latest, building up on previous steps of
structure formation (Kravtsov & Borgani, 2012). We give an overview on the cosmological
evolution of galaxy clusters in subsection 2.1.

Galaxy clusters are �lled with a hot, � 107-108K gas, called the intracluster medium
(ICM). The ICM is so hot, that mostly all particles are thermally ionized (Mohr et al.,
1999). This makes the magnetic �eld embedded into this hot plasma. It is strongly
dependent on the dynamics in the ICM and vice versa. We introduce the hydrodynamical
properties of the ICM in subsection 2.2.

There are di�erent mechanisms that can create weak astrophysical magnetic �elds (Mtchedlidze
et al., 2022; Rees, 1987; Andreasyan, 1996; Gnedin et al., 2000; Durrive & Langer, 2015).
Astrophysical magnetic �elds can be ampli�ed with the turbulent small-scale dynamo. It
converts turbulent kinetic energy into magnetic energy (Schober et al., 2012; Pakmor et
al., 2020; Kunz et al., 2022; Pfrommer et al., 2022). Magnetic �elds in galaxy clusters are
introduced in subsection 2.3.

Galaxy clusters contain hundreds to thousands of galaxies (Zenteno Vivanco, 2014). This
makes them dependent on the evolution and dynamics of the galaxies and vice versa.
Galaxies have shorter dynamical times as well as higher density gas. This can enable the
turbulent dynamo to work more e�ciently (Kunz et al., 2022). The gas can be removed
from galaxies by galactic winds or ram pressure stripping (Wada et al., 2009; Gent et al.,
2023; Van De Ven et al., 2009; Serra et al., 2023). This enables the galaxies to pollute
the ICM with their gas. We give an overview on galaxies in galaxy clusters in subsection 2.4

12
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2.1 Cosmological Evolution

Galaxy clusters are the largest collapsed objects that we know of (Reblinsky, 2000). They
are the product of ongoing structure formation during cosmic history and they are still
forming today (Kravtsov & Borgani, 2012). This makes them strongly coupled to the
evolution of the cosmos. This section describes the evolution of galaxy clusters dependent
on the evolution of the cosmos. Additionally, we introduce, how sizes and masses of galaxy
clusters can be described.

2.1.1 Observations and the General Picture

What is a galaxy cluster? Galaxy clusters are an assemble of galaxies. They contain
hundreds to thousands of galaxies (Zenteno Vivanco, 2014). Galaxy cluster's masses range
between� 1014� 1015M � (Snowden et al., 2008). The radii lie in the range of a few hundred
kpc to a few Mpc (Rees & Ostriker, 1977). Galaxy clusters are rare objects. Figure 1
shows a galaxy cluster. The picture was taken with the Hubble Space Telescope that
records in the optical. The picture shows hundreds of galaxies with the brightest ones in
the center. Optical matter though makes only � 2% of the total matter content (see e.g.
Pfrommer 2022). Most of the matter is in the form of dark matter.

Figure 1: The galaxy cluster ACO S 295. The image is taken by the Hubble Space
Telescope. The cluster contains hundreds of galaxies. This image shows optical and
infrared wavelengths. Image credit: NASA / ESA / Hubble / F. Pacaud / D. Coe.

Galaxy clusters are the product of ongoing structure formation. Structure formation is
dominated by the gravitational interaction of dark matter. At large scales, the matter in
the Universe forms to build the so called cosmic web. Galaxy clusters sit as overdense
knots in this cosmic web. They connect smaller substructures.

How does the cosmic web form? Figure 2 shows temperature anisotropies in the cosmological
microwave background (CMB). This is the oldest light in the Universe. It was released
380000years after the Big Bang, when baryonic matter and radiation decoupled. Dark
matter only interacts gravitationally. It has already build substructures at this early time
through gravitational interactions. These density �uctuations are the seeds for structure
formation. They are imprinted onto the CMB. In �gure 2, the red areas show regions
with slightly higher temperatures. These correspond to regions with higher densities.
The blue areas correspond to regions with lower densities. Once, the baryonic matter and
radiation are decoupled, the baryonic matter follows the potential wells of the dark matter
substructures. The �rst stars and galaxies start to form. The very �rst galaxies grow with
time. They keep attracting less massive substructures. At later times, even smaller mass
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galaxy clusters can be attracted (Kravtsov & Borgani, 2012). Galaxy clusters form in the
most dense regions as the endproducts (so far) of previous structure formation steps.

Figure 2: Anisotropies in the CMB. The light was emitted 380 000 years after the Big Bang.
At this time, matter and radiation decoupled. Seeds of structure formation are imprinted
onto the CMB. Blue regions shows underdense regions with slightly lower temperatures,
whereas red indicates slightly overdense regions; higher temperatures. Image credits: ESA
Planck Collaboration

The central galaxies in galaxy cluster are giant elliptical galaxies. They are also referred
to as Brightest Cluster Galaxies (BCGs) (De Lucia & Blaizot, 2007; O'Dea et al., 2010;
Laporte et al., 2013; Ito et al., 2019; Kubo et al., 2021). These BCGs are the most massive
galaxies Universe wide (De Lucia & Blaizot, 2007; Von Der Linden et al., 2007). The BCGs
contain the most massive black holes universe wide (Von Der Linden et al., 2007). Active
Galactic Nuclei (AGN) are powered by these Supermassive black holes. Also the AGN
grow constantly in time through attraction of matter and merging with other black holes.
Feedback from AGN in�uences the dynamics in the centers of clusters (Ehlert et al., 2021).

2.1.2 Cosmological Model

How can we describe this analytically? The key assumptions to do cosmology are isotropy
and homogeneity (Bartelmann, 2012): on large scales , the Universe looks the same at
every position, no matter what direction we are looking into. We introduce the scale
factor a as a proxy for the size of the Universe. Conveniently, we seta = 1 nowadays. In
order to map this to observations, we translate the scale factor to a redshiftz:

z =
1
a

� 1: (1)

The most widely used cosmological model is the Lambda Cold Dark Matter (� CDM)
model (Springel & Hernquist, 2003; Baugh et al., 2005; Gao et al., 2008; Meng & Dou,
2009; Governato et al., 2012). With the � CDM model, we describe the evolution of the
cosmos with time, ranging from shortly after the Big Bang, until now. According to this
model, the large scale dynamics of the Universe is dominated by cold dark matter and
dark energy (� ). The expansion of the universe is described with the Friedmann equation
(Bartelmann, 2012; Meng et al., 2005; Meng & Dou, 2009):
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H 2 (a) = H 2
0 (a)

h

 m0a� 3 + 
 �

i
; (2)

whereH (a) = _a=a is the scale factor dependent Hubble function. It describes the velocity
of the expansion in units of the scale factora. Here, H0 = _a(t0)=a(t0) = 100hkms� 1Mpc� 1

is the Hubble constant. The density components
 m0 and 
 � are the fraction of matter
energy density and dark energy density over the critical energy density respectively. We
treat the density components by relating the actual density to the so called critical density

( t) = � (t)=� cr(t). Here, the critical density is (Bartelmann, 2012; Wang & Steinhardt,
1998)

� cr =
3H 2

8�G
; (3)

i.e. a sphere �lled with this density can gravitationally exactly balance it's kinetic energy.
Here,G is the gravitational constant. From the latest measurements of the Planck satellite
(Aghanim et al., 2020), h = 0 :67, 
 m0 = 0 :315and 
 � = 0 :685. We have set the curvature
energy density and the radiation energy density to zero. Most of the matter is in the form
of dark matter (White & Frenk, 1991; Meng & Dou, 2009). For small scale factors, the
expansion is dominated by (mostly) dark matter. For a > 1, it is dominated by dark
energy. To make estimates about cosmological times, we rearrange (2) and integrate
(Bartelmann, 2012):

H0t =
Z a

0

p
a0da0

p

 m0 + 
 � a03

: (4)

The result is (Bartelmann, 2012):

H0t =
2

3
p

1 � 
 m0
arcsinh

" s

 m0 � 1


 m0
a3=2

#

: (5)

With equation (2), we can make assumptions on how clusters form, when they form and
with which abundances. We do this by describing the amplitude of a density contrast
with the variance of a Gaussian distribution. The abundance of these overdensities can be
estimated with a Gaussian probability function. The growth of the overdensities can be
described with equation (2) (Kravtsov & Borgani, 2012). Once, the overdensities reach a
certain amplitude, they collapse and start to form the �rst dark matter halos.

How can we describe the sizes and masses of galaxy clusters? Galaxy clusters evolve
together with their surroundings. One common approach to de�ne the size of a galaxy
cluster is to de�ne it via the critical density (Pfrommer, 2022; Press & Davis, 1982):

200� � cr =
M 200

4
3 �R 3

200
: (6)

We take a sphere with radiusR200 and a massM 200, so that the mean density inside the
sphere is 200 times the critical density.

We can assign a corresponding characteristic temperature. We assume the thermal gas to
be in equilibrium with the cluster potential. This is also referred to as virial temperature:
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3
2

kBT200 = �m
M 200G
R200

; (7)

where kB is the Boltzmann constant and �m = �m p is the mean particle mass. Here,
� � 0:588 is the mean molecular weight (see e.g. Pfrommer 2022) andmp is the proton
mass. With R200 = 2Mpc and M 200 = 1015M � , this yields virial temperatures of
T200 � 108 K. The R200 radius is also referred to as virial radius, the radius, up to
which we can apply the virial theorem.

2.1.3 Cosmological Simulation

How do we perform a cosmological simulation? We assume that the universe can initially
be described as weakly magnetised gas and dark matter. These interact gravitationally.
The hydrodynamical interactions can be described with magnetohydrodynamics (MHD).
We use AREPO (Springel, 2010) to solve the gravitational and hydrodynamical equations.
We use the subgrid model for galaxy formation FABLE (Henden et al., 2018) to simulate
radiative physics. How does the magnetic �eld look like in this cluster? How does
including radiative physics in�uence the evolution of the magnetic �eld? We run 2 di�erent
simulation setups to answer these questions. One, where we use gravity, MHD and include
radiative physics. In the other setup, we only use MHD and gravity.

In �gure 3, we show the simulated cluster that we analyse in this thesis. The cluster
has been re-simulated from a cosmological simulation, using the zoom-in technique. The
�gure shows a proxy for the optical spectrum. At z = 0 , it contains 8795galaxies within
the virial radius. The size is R200 = 2968:495kpc and the massM 200 = 2 :76 � 1015M � .
Equation (7) yields a virial temperature of 1:9�108K . This cluster is the �fth most massive
one in the simulation.

Figure 5 shows our cosmological box atz = 0 . We see the density of the gas forming
the cosmological web. The isotropy and homogenity of the simulated cosmos is shown
beautifully. The black frame shows one of the halos that we postselected from this box.
We run a cosmological simulation with a boxsize of one comovingGpc=h. Comoving means
that the box is expanding with the expansion of the universe. We run the simulation from
z = 127 to z = 0 . The initial size of the box is thus a factor of 128 smaller than at z = 0
(see equation 1). We save all properties of the simulation in a snapshot in a non-linear
redshift spacing. In total, there are 248 snapshots in this redshift range. In �gure 4, we
show the redshift range of the snapshots and the corresponding age of the Universe.

We use the moving mesh code AREPO (Springel, 2010) to solve the hydrodynamical
and gravitational equations. The mesh consists of unstructured voronoi cells. These
represent the �nite volume discretization of our �uid. It is a quasi lagrangian code, such
that the cells are moving together with the movement of the �uid. We let the mesh
expand together with the expansion of the universe. We calculate the redshift dependent
Hubble parameter (equation 2) to calculate the expansion rate. We use the parameters
from Planck measurements (Aghanim et al., 2020),
 � = 0 :684 and 
 m0 = 0 :316, where

 b0 = 0 :049. The Hubble parameter is h = 0 :673.

What are our initial conditions at the �rst snapshot? We use the CAMB code to generate
an initial power spectrum (Lewis & Bridle, 2002; Lewis et al., 2000) and the NGENIC
code to set up a N-body implementation of Gaussian random �elds prescribed with the
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Figure 3: Halo4: A projection of the �fth most massive galaxy cluster from our
cosmological simulation. The image has sidelengths of4 � R200(z = 0) , where R200(z =
0) = 2969kpc)3, and a similar projection depth. This cluster is going to be analysed in
this thesis. Indicated in red, we show the projected masses of the star particles. The
colors correspond to1010M � =h, weighted within the projection depth. The image shows
thousands of galaxies at di�erent sizes.

Figure 4: Our snapshots cover this redshift range. The corresponding age of the Universe
is indicated on the x-axis.

power spectrum (e.g. as described in Springel et al. 2005; Angulo et al. 2012). At the
beginning of the simulation, we place the dark matter particles accordingly. We run the
parent simulation with 10243 particles and a mass resolution of1:0� 1011M � per particle.
We evolve the cosmological box untilz = 0 . We pick the most massive halos atz = 0
using a Friend of Friends algorithm (FoF) (Springel et al., 2001) and rerun the simulation
with a higher mass resolution in this region (zoom-in technique). Every particle that ends
up in the halo is attributed with a higher resolution. We use three di�erent resolutions:
zoom4, zoom8 and zoom12. In this thesis, we focus on the highest resolution run, zoom12.
For the zoom12 high resolution simulation, we have7:5 � 108 dark matter particles, each
with a mass of3:99� 107M � . The high resolution particles are distributed within a radius

17



2 BACKGROUND

of three times R200. Between this region of high resolution inside the halo and lower
resolution outside, we use a third dark matter particle type with an intermediate mass to
smooth the transition between both regions. Each high resolution particle creates a gas
cell with the same mass. The code re�nes by splitting or merging cells so that every cell
contains approximately the same gas mass. Cells with higher densities split automatically
in order to ful�ll this mass criterion. This automatically enables a higher resolution in
the high density regions. The gravitational interactions are solved by AREPO. It uses a
TreePM code (e.g. as introduced in Springel 2005), which splits gravitational forces into
long- and short-range forces. The long-range force is calculated using a Fourier transform
on a mesh. The short-term contribution is solved with an oct-tree algorithm (J. Barnes
& Hut, 1986).

Figure 5: A projection of our simulation box at z = 0 with sidelengths of 1 Gpc/h and
a projection depth of 10Mpc=h. The image shows the cosmic web. Blue colors indicate
dense regions, while light colors indicate underdense regions. The black square shows a
cluster that we select in a post processing step. Credits: Thomas Berlok
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2.2 The Intracluster Medium

Most of the baryonic matter in galaxy clusters is in the form of X-ray emitting, hot 107 �
108K gas (Walker & Nagai, 2019; Rudnick, 2019), which we refer to as Intracluster Medium
(ICM). Due to the high temperatures, most particles are ionized. Thus, the magnetic �eld
is embedded into this gas. The magnetic �eld evolution is strongly dependent on the
dynamics in the ICM and vice versa. This section gives an overview on how to describe
the �uid dynamical processes in galaxy clusters. We focus on the properties density and
turbulence. These can both in�uence the evolution of the magnetic �eld.

2.2.1 Observations

How do we know that galaxy clusters are �lled with hot gas? This was revealed by
the �rst X-ray missions that were launched in the 70's (Gunn & Gott, 1972; Sarazin,
1986). They found that galaxy clusters are among the brightest X-ray sources in the sky
(Snowden et al., 2008; Walker & Nagai, 2019; Sarkar et al., 2022). The X-ray emission
is created by Bremsstrahlung (Cavaliere & Fusco-Femiano, 1976; Sarazin, 1986). Here,
electrons get de�ected in the electric �eld of ions and emit photons. The X-ray emission is
proportional to the ion and electron densities in the gas and also depends on temperature.
The ICM makes up most of the baryonic matter and roughly 7% of the total matter (see
e.g. Pfrommer 2022). Figure 6 shows the Perseus cluster. The right panel shows an
optical image. The BCG is shown with its neutral hydrogen content in blue and red. The
left panel shows an X-ray image of the same cluster. It shows, how the space between the
galaxies is �lled with X-ray emitting plasma. The left panel shows how the gas density
is very dense in the center and then declines steeply towards the outskirts. The plasma
nature of the ICM tightly couples the magnetic �eld to its density.

Figure 6: The Perseus cluster shown in the X-rays and optical. The X-ray image traces
the gas in the cluster. It is denser in the center and declining towards the outskirts. Two
cavities near the center show the e�ects of AGN feedback that dilutes the gas. The optical
image shows the stars and galaxies in the cluster. The most massive galaxy is overlayed
with H� observations, indicating the cold gas reservoir. Image credits: Fabian et al.
(2011), Gabany (2009).

The X-ray image shows two cavities near the center with a lower density. These are
caused by the central AGN that injects energy into the gas and dilutes it. Feedback by
the AGN causes turbulence in the central regions. Also structure formation processes add
a high amount of turbulence to the ICM. Not only plasma densities in�uence the magnetic
�eld, but also turbulence (as we will show in section 2.3). Turbulence can be detected via
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Doppler broadening of emission lines, but this requires a high spectral resolution (Rudnick,
2019). This is the reason that the origin and e�ects of turbulence in the ICM are still
poorly understood (Rudnick, 2019). An X-ray mission that observed turbulence in the
Perseus cluster center, was the HITOMI X-ray satellite. It observed the center of the
Perseus cluster (higher densities give rise to a higher amount of X-ray emission), where
the turbulence is mainly associated to AGN activity (Hitomi Collaboration, 2016; Zhang,
Zhuravleva, et al., 2022). Turbulent kinetic energy can be converted into magnetic energy.
The theory is described by the turbulent small scale dynamo in section 2.3.3. Thus, it is
important to understand the properties and the dynamical state of the ICM.

2.2.2 Thermodynamical Considerations

What kind of analytical assumptions can we make about the ICM? We describe the ICM
as a �uid. A system can be described as �uid, if the particle mean free path is smaller
than the characteristic size of the system (so a few Mpc for a galaxy cluster):� mfp � L
(Kunz et al., 2022). This requirement ensures the occurrence of particle scatterings that
are characteristic for a �uid. We describe the particle mean free path as (e.g. as described
in Pfrommer 2022)

� mfp =
1

n� ln �
=

1
n�r 2

e ln �
: (8)

We assume that the particle mean free path is dominated by large angle electron scatterings.
Here,n = �= �m is the particle number density. The � = re� term is the Coulomb scattering
cross section andre the classical electron radius. The� = re=� D term is the Coulomb
logarithm ln � � 35� 40. It takes into account, that we are dealing with a plasma, which
is neutral on large scales, but not within the Debye length� D . The Debye length reads
(Block, 1978):

� D =

s
kBT

4�e 2Z
; (9)

where Z is the charge number of the ion species (Z = 1 for hydrogen). The Coloumb
logarithm enlarges the scattering cross section, taking also long range electromagnetic
wave interactions into account. Equation (8) yields values of0:1 kpc in the center and 10
kpc in the outskirts (Kunz et al., 2022). Though particle-particle collisions are very rare,
due to the low densities in the ICM, electromagnetic wave-particle scatterings can actively
act as collisions to justify the �uid treatment (see e.g. Pfrommer 2022).

We can describe the processes in a �uid as adiabatic, if the process induces no change in
entropy. In terms of the �rst law of thermodynamics, this reads:

dq = 0 = Tds = d� + PdV; (10)

where q is the internal speci�c heat, s is the speci�c entropy, � is the speci�c internal
energy, P is the pressure andV the volume.

A common approach to describe the state variables of the ICM is to use an e�ective
equation of state (Hernquist & Springel, 2003; Vogelsberger et al., 2013):

� =
P

(
 � 1) �
: (11)
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With equation (11), we state that the state of the ICM can be described by pressure and
density � = �m=V only. The adiabatic index is 
 = cV =cP = 5=3, the ratio of heat capacity
at constant volume and pressure, respectively, for non-relativistic particles.

2.2.3 Density Pro�les

Why are density pro�les of the ICM important? The density in the ICM is tightly coupled
to the magnetic �eld. The Alfvénic �ux freezing theorem states that the magnetic �eld
is �ux frozen into the plasma and depends on its density (Mouschovias, 1976; Field &
Carroll, 2000).

The density pro�le is mainly dominated by gravity, cooling and heating. How can we
describe the cooling of the ICM? Cooling is e�cient, where the particle number density
n = �=� is high. The cooling time of a gas cloud can be calculated with (Sarkar et al.,
2022):

tcool =
5nkBT

2n2� cool (T)
: (12)

Here, � cool(T) is the cooling function. It is dependent on the element abundances in the
gas as well as on the processes that cause the cooling. Thus, the cooling is very e�cient
in the centers of galaxy clusters, where the densities are high.

Galaxy clusters can be split into two groups, based on the plasma temperatures in the
center. The clusters, represented by a cooler core (T � 2keV) are referred to as Cool Core
(CC) clusters. While the clusters with an ehanced central temperature pro�le belong to
the group of non-Cool Core (nCC) clusters (Chen et al., 2007; Hudson et al., 2010). What
exactly causes this bimodal distribution, is area of active research (Planelles et al., 2014;
Bi� et al., 2016; Giacintucci et al., 2017; D. J. Barnes et al., 2018; Ruppin et al., 2021).
Simulations suggest that the interplay of cooling, AGN heating and gravity in�uence the
central pro�les (Nobels et al., 2022; Ruppin et al., 2022).

How can we describe the density pro�les in galaxy clusters? Density pro�les are commonly
inferred from X-ray observations. X-ray observations show high densities in the center and
an exponential decline towards the outskirts. A so called beta pro�le is commonly used to
describe the ICM density pro�le. Here � = �m� 2

gal=kB T (Aghanim et al., 1997; Pfrommer,
2022) is the ratio of speci�c kinetic energy of a galaxy and the internal gas energy (not
to be confused with the plasma� , which is the ratio of thermal and magnetic pressure).
The � parameter varies with distance from the center. We de�ne a central density pro�le
and a pro�le beyond a scaling radius (Churazov et al., 2003; Pfrommer, 2022):

� (r ) = � 0;1

2

41 +

 
r

r0;1

! 2
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5

� 3� 1=2
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r
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5

� 3� 2=2

: (13)

X-ray measurements are usually used to constrain the parameters. The densities� 0;1 and
� 0;2 are asymptotically approached at radiusr0;1 and r0;2, respectively. We di�erentiate
between a single beta pro�le (� 0;2 = 0 ) and a double beta pro�le (� 0;2 6= 0 ). The single
beta pro�le is characterised by a �at distribution in the central region r < r 0;1. It is used
to describe nCC clusters. Forr > r 0;1, it drops with a power law. The double beta pro�le
is characterised by an enhanced density in the center. We use it to describe the class of CC
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clusters. BeyondR200, both density pro�les approach the mean baryonic matter density
of the universe.

The magnetic �eld is �ux frozen into the plasma. An easy way to amplify magnetic �elds
(or decrease) is therefore by adiabatic compression (or expansion) (Winske & Quest, 1988;
Martin-Alvarez et al., 2022). Consider the mass inside a sphere and the magnetic �ux
through it staying constant (e.g. Pfrommer 2022):

�r 3 4
3

� = const: , � / r � 3 (14)

and

� = B 4�r 2 = const: , B / r � 2; (15)

so that

B / � 2=3: (16)

Such simple, spherically symmetric density pro�les are in general to be treated carefully, as
they do not account for the unique history of each cluster. Turbulence, feedback processes
and cooling can modify the inner density pro�les (Wittor et al., 2017). Merger, structure
formation processes, and cooling of gas clumps are what mostly in�uences deviations in the
outer regions (Bennett & Sijacki, 2022; Gaspari & Churazov, 2013). Accounting for more
baryonic e�ects, these models can easily get more and more complicated (see for example
Vikhlinin 2019; Halenka & Miller 2020 who use more advanced gas density pro�les). Here,
we are essentially interested in when the cluster deviates from such self similar approaches.
Deviations are associated to turbulence, which gives rise to the turbulent dynamo. In the
next section, we will introduce how to describe turbulence in the ICM.

2.2.4 Turbulence, Vorticity and Enstrophy

The other way to in�uence the magnetic �eld evolution goes via turbulence. What exactly
is turbulence? How is turbulence connected to the magnetic �eld? Turbulent kinetic
energy can be converted into magnetic energy. The underlying theory is described with
the turbulent small scale dynamo. In a turbulent medium, it is able to amplify small
magnetic seed �elds. The velocity �eld in the ICM is highly turbulent (Wittor et al.,
2017; Vazza et al., 2017; Wittor & Gaspari, 2020). In this subsection, we give the basics
of hydrodynamic turbulence, which is a prerequisite for the turbulent dynamo discussion
in section 2.3.3. Note that turbulence in the ICM is in fact plasma turbulence, which
complicates the picture (see e.g. Schekochihin 2022 for a review).

Turbulence is, for example injected in shocks. What is a shock? At this point, it is useful
to de�ne the Mach number (Pfrommer et al., 2006):

M =
v
cs

: (17)

It relates the speed of an object (or a �uid parcel) to the speed of soundcs =
p


P=� in
the surrounding medium. When M > 1, the �uid cannot properly communicate changes
in states anymore. If an object or �uid parcel is moving at this speed, it inforces jumps
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in the state of the �uid. This is referred to as a shock. Shocks convert kinetic energy into
heat and can add subsonic turbulence to the ICM (Price, 2012). In galaxy clusters, shocks
can be caused by accretion or mergers (Ensslin et al., 1998; Markevitch & Vikhlinin, 2007),
AGN (Wittor & Gaspari, 2020) or supernovae (SN) (Spitzer, 1978; Woosley & Weaver,
1995).

Turbulence can be described as random, heuristically chaotic motions in a �uid. In general,
we can decompose any vector �eld into a compressible and a solenoidal part (Helmholtz,
1858). In the ICM, most of the turbulence is in solenoidal form (Gaspari & Churazov,
2013; Vazza et al., 2017). We refer to a rotating �uid parcel as a vortex or an eddy.
In general, anything can be described as vorticity, where the motion is incompressible:
r � v = 0 . Vorticity is ! = r � v . We refer to vorticity as the the eddy turn over rate
(Pfrommer, 2022):

j! � j =
v�

�
: (18)

Here, � is the eddy size andv� the eddy velocity. Equation (18) shows, that higher
vorticity is caused by smaller eddies or higher velocities. Kinetic energy is injected on
large scales (for example by a merger). Large scale eddies cascade down to smaller eddies
until viscous e�ects set in and turn the kinetic energy into thermal energy. In the presence
of a magnetic �eld, the kinetic energy is also converted into magnetic energy. We describe
the speci�c kinetic energy within an eddy with

� � =
v2

�

2
: (19)

The cascade from large scales to small scales is described by the Kolmogorov spectrum
(Kolmogorov, 1941; Gaspari & Churazov, 2013) in wavenumberk space:

E (k) / _� 2=3
� k� 5=3; (20)

where (Pfrommer, 2022)

_� � =
v2

�

2
v�

�
=

v3
�

2�
(21)

is the constant energy �ux from scale to scale through an eddy. It corresponds to dividing
the speci�c kinetic eddy energy by the eddy turnover time. In equation (20), 1=k = � is
the size of an eddy and reaches from the large injection scales to the small viscous scales.
The larger eddies contain more power, compared to the smaller eddies, but the smaller
eddies have a higher vorticity. The vorticity evolution with time reads (see e.g. Wittor et
al. 2017):

@!
@t

= r � (v � ! ) +
r � � r P

� 2 : (22)

What in�uences vorticity in (22), is a �rst term, which describes how vorticity can
be advected or produced in compression and stretching, and a baroclinic term. The
baroclinic term describes, how misaligned gradients of density and pressure (or equivalently
temperature) will create vorticity. This happens, for example, in bow shocks, where
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vorticity is transported along sideways of the shock.

In a �uid with no viscosity and no baroclinic term, the vorticity is frozen into the �uid
in the same way that the magnetic �eld is. The energy �ow through the eddies stays
constant: (21) = const.. The eddies are dissolved, when they reach a size that equals the
particle mean free path. Viscous e�ects set in and turn the kinetic energy into heat.

We would like to have a measure of the amount of turbulence in a (simulated) galaxy
cluster. Since the vorticity is a vector �eld, a simple sum will have contributions cancelling
out. It is useful to de�ne a quantity called enstrophy (see e.g. Wittor et al. 2017):

e =
1
2

j! j2: (23)

Enstrophy is also injected in shocks or mergers (or any baroclinic motion). It is a proxy
for turbulence.

In order to quantise the level of turbulence in a �uid, we de�ne an advection time tadv =
�= v� and a dissipation time tdiss = � 2=� . Here, � = � mfp v is the viscosity. Their ratio
de�nes the Reynolds Number (Pfrommer, 2022; Nishikawa & Liu, 2018):

Re =
tdiss

tadv
: (24)

It is is a number to characterise whether the �uid is susceptible to turbulence. A high
number means the �uid is dominated by advection and that the �ow is turbulent. A low
number means it is dominated by dissipation and that the �ow is laminar.

2.2.5 Simulating the ICM

How can we simulate the ICM and use the MHD module in AREPO (Springel, 2010;
Pakmor et al., 2011) to solve the magnetohydrodynamical (MHD) equations? A voronoi
cell is created from each DM particle with the cell center coinciding with the DM particle
position. We solve the MHD equations on this voronoi mesh. The magnetized �uid obeys
mass, momentum and total energy (kinetic, internal and magnetic) conservation.

The MHD equations are solved on a moving grid using quasi Lagrangian �nite volume
method. In MHD, we assume a perfectly conducting (no resistivity and viscosity) �uid.
In order to ensure no resistivity, we assume, that electrons move su�ciently fast, so that
they can short circuit all electric �elds ( @E =@t= 0 ) (see Pfrommer 2022). The absence
of resistivity also causes the absence of magnetic di�usion (magnetic di�usion shows up
due to numerical errors, so called numerical resistivity, as described in section 2.3.4). The
MHD equations without gravity and cooling read (Pakmor et al., 2011)

@
@t

� + r � (� v) = 0 ; (25)

@(� v)
@t

+ r �
�
� vv T + p � BB T

�
= 0 ; (26)

@(E)
@t

+ r � (Ev + pv � B (v � B )) = 0 ; (27)
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@B
@t

+ r �
�
B vT � vB T

�
= 0 : (28)

The magnetic pressure is added to the total pressure:p = pgas + B 2=2 and the magnetic
energy density is added to the total energy density:E = �u + � v2=2+ B 2=2, wherev is the
velocity of the �uid. Equation (25) is the mass continuity equation. It states that mass
is conserved. Equation (26) is the momentum conservation equation. The momentum
density changes due to a movement of the �uid, pressure that acts on the �uid or the
magnetic �eld that adds the Lorentz force FL = e(E + v e

c � B ) onto the �uid. Equation
(27) is the energy conservation equation. The energy density changes due to spatially
varying density, momentum or magnetic �eld. Equation (28) is the magnetic induction
equation. The magnetic �eld changes due to a rotation of the magnetic �eld. The MHD
equations are subject to the no-magnetic-monopoles constraint:r � B = 0 .

It is possible to combine equations (25) and (28) to see that the magnetic �eld is frozen onto
the motion of the �uid (Alfvén �ux freezing theorem) in the absence of magnetic di�usion.
The �ux-freezing strongly couples the magnetic �eld evolution to the �uid movement.

How does AREPO solve equations (25) - (28)? The MHD equations obey the form of a
conservation equation (Springel, 2021):

@U
@t

+ r � F(U ) = 0 : (29)

A �nite volume discretisation is used, where the equations are evolved in time. Within
a timestep, the conservation laws are integrated and the average over the cell is taken,
yielding the exact solution between the cell interfaces. The timesteps are chosen, such
that the �uid cannot traverse a cell within a timestep (that is the CLF timestep criterion,
see e.g. Springel 2021):

t < � x=cmax (30)

wherecmax is the maximum wave speed and� x the one dimensional size of a cell. Between
the cell interfaces, there is an exact Riemann solution, representing the �ux from one cell
to another one. We use a HLLD Riemann solver, which is an approximate solver. Exact
Riemann solvers are rarely used in real applications. AREPO uses a second order Gudunov
unsplit scheme to calculate the eigenstructure within the cell and also the upwind direction.
Unsplit means, that the �uxes into di�erent 3D directions are calculated separately, but
simultaneously applied to the cell. Second order, because we consider a linear gradient
over the cell. For the Riemann solver, it is assumed that the values at the interfaces are
constant. To enable this, the �ux calculation has to be done within half a timestep and is
then extrapolated to the cell interfaces. A slope limiting function is added, otherwise local
extrema could cause the extrapolated interface values to overshoot. Each mesh generating
point gets a velocity assigned. The timestep has to be modi�ed from the hydrodynamical
consideration (30) to account for faster MHD waves:

� t < C CFL
� x
ch

; (31)

where CCFL is the timestep coe�cient from only hydrodynamics and � x the size of a cell
and ch the speed of the fastest MHD wave. Using the Riemann solver in the rest frame of
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the mesh generating points would give only small �uxes, as the points move almost with
the same velocity as the �ow. This could in the approximation lead to negative �uxes.
Instead, the MHD equations are solved in the rest frame of the interfaces. We have to
subtract the velocity of the �ow by the velocity of the interfaces: w = v 
uid � v interface .
Then we transform from the interface restframe to the mesh points restframe by adding
@U
@t + r � F(U ) + V(U ) = 0 (Pakmor et al., 2011):

V (U ) =

8
>>><

>>>:

0
� w(v � w)T

� (v � w)(v � w) � �= 2w2(v � w) + pw � B (w � B )
� wB T

9
>>>=

>>>;

: (32)

The volume and time discretization approach introduces numerical errors that have the
form of magnetic divergencer � B acting as source term:

@U
@t

+ r � F(U ) = S; (33)

but there are no magnetic monopoles, so we requirer � B = 0 . These divergence errors
grow exponentially in time. In order to remedy this, we use the Powell 8 divergence control
scheme Powell et al. (1999) that adds additional terms to reduce the error:

@U
@t

+ r � F(U ) + G(U ) = Ssmall : (34)

What is done basically is that we calculate equations with the divergence error, but then
subtract the error from the initial state. This reduces the error and ensures stability.

The grid is moving with the expansion of the universe; all MHD quanities are calculated in
comoving form. Here we have described the ideal MHD equations in their standard form.
In our simulations, we actually solve these equations in a form that takes into account
(Pakmor & Springel, 2013):

r = ax (35)

u = v � a_x (36)

� = � ca� 3 (37)

P = Pca� 3 (38)

B = B ca� 2: (39)

Check out the appendix for a more detailed description on the conversion: Berlok (2022).
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Figure 7: A projection of halo4 with sidelengths of R200 = 2969kpc at z = 0 and a
similar projection depth. Red indicates a proxy for X-ray emission, which we calculate
as L / � 2

p
T. The galaxies shine bright in X-rays, because the gas cannot form neutral

hydrogen. The colorscheme indicates the values ofL in comoving code units, weighted
within the projection depth.

Figure 7 shows a proxy for the X-ray emission of the ICM of our simulated cluster. The
�gure shows how higher densities in the center enable a more e�cient cooling and brighter
X-ray luminosity. The bright spots (that don't show up in the X-ray observation of the
Perseus cluster in �gure 6) show up as a result of our one phase ICM. Once, the gas reaches
a certain density threshold, the cooling is so e�cient that electrons and protons recombine
to form neutral hydrogen. Neutral hydrogen does not emit Bremsstrahlung. Instead in
the simulation, we do not form neutral hydrogen. Galaxies are shining bright in X-rays
thus, instead of being invisible in neutral hydrogen.
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2.3 Magnetic Fields

The goal of this thesis is to study the generation of magnetic �elds in simulations of
the ICM of galaxy clusters. This is important to check if we can match the �eld values
inferred from observations, but it is further motivated by the e�ect magnetic �elds can
have on other astrophysical processes. Magnetic �elds are for instance important for the
acceleration, transport and cooling of cosmic rays (H. Xu, 2009). They can in�uence the
evolution of galaxies within the cluster, for example by magnetic draping (Sparre et al.,
2019). They cause anisotropic particle movement, which is important to understand the
properties of the ICM. In this subsection, we describe how magnetic �elds can be created
with astrophysical batteries. We also describe how magnetic �elds can be ampli�ed with
the turbulent small-scale dynamo.

2.3.1 Observations

How do we know that galaxy clusters host magnetic �elds? Their existence was �rst proven
by radio observations (van Weeren et al., 2009) and later by the Faraday rotation measure
(Taylor et al., 2001; van Weeren et al., 2019; Osinga et al., 2022). These observations
revealed that galaxy clusters are �lled with magnetic �elds of a few � G strength. They
have coherence lengths at the order of a few kpc (Subramanian, 2008).

Figure 8: The galaxy cluster PSZ2 G096.88+24.18 shown in the radio wavelengths. Radio
observations of clusters trace their magnetic �eld. The arc shaped features are so called
radio relics. They sit at the outskirts of the cluster. They are associated to accretion or
merger shocks. The light bubbles further inside are aged AGN bubbles. The articles in
the bubbles are reaccelerated by the shock and emit radio emission. Credits: Jones et al.
2021

As an example, we show in �gure 8 a radio image of a galaxy cluster. The radio emission
is created by relativistically moving, charged particles, which get de�ected by magnetic
�eld lines. This is known as synchrotron emission. Regions with orange colors indicate a
high radio emission. The emission regions sit as arc shaped areas at the outskirts of the
cluster. These are called radio relics and they sit at Mpc scales (H. Xu, 2009; Brunetti
& Jones, 2014; van Weeren et al., 2019). The particles are thought to be accelerated at
shocks that can be caused by merger or accretion (Brunetti & Jones, 2014; van Weeren et
al., 2019). The light radio bubbles closer to the center are spatially correlated to galaxies
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in the cluster. These are thought to be aged AGN bubbles. The accretion shock runs over
the bubbles and reaccelerates the particles.

We can calculate the magnetic �eld strength from radio observations. We do this by
assuming equipartition of the particle (electrons and protons) kinetic energy and magnetic
energy (H. Xu, 2009):

E tot = Ekin ;e + Ekin ;P + EB ; (40)

where the magnetic energy is

EB = B 2V: (41)

Here,B is the magnetic �eld strength and V is the volume that is occupied by the magnetic
�eld. In equation (40), we assume that the electron kinetic energy is equivalent to a fraction
of the protons kinetic energy: Ekin ;P = aEkin ;e. These values for the kinetic energy depend
on the injection mechanism, which comes with big uncertainties (H. Xu, 2009).

The radio measurements can be complemented by X-ray measurements. We assume,
that the same particles that create the radio emission also undergo inverse Compton (IC)
scattering with CMB photons. Here, the hot, relativistically moving electrons in the ICM
collide with CMB photons and upscatter them to higher energies. This enables us to relate
the �uxes of IC scattered CMB photons, FIC to the synchrotron photons, FS. We do this
by dividing the CMB energy density, UCMB by the magnetic �eld energy density (Beck &
Krause, 2005; Akamatsu et al., 2013):

FIC

FS
=

UCMB

B 2 : (42)

Another way of measuring magnetic �elds uses the so called Faraday rotation measure (van
Weeren et al., 2019; Osinga et al., 2022). The e�ect describes, how the plane of polarization
of linearly polarized light rotates when traveling through a magnetized medium. This is
due to a di�erent refractive index for left and right handed circularly polarized light (Kunz
et al., 2022). The rotation measure is given by:

RM /
Z

ne(l ) � B (l)dl; (43)

where B (l) is the line of sight component of the magnetic �eld. In order to get the
electron line of sight density ne(l ), the measurement needs to be combined with X-ray
measurements (Clarke et al., 2001). Rotation measurements yield magnetic �elds of few
� G (3:9-5:4 � G in the coma cluster Kunz et al. 2022).

2.3.2 Magnetic Seed Fields

How is the magnetic �eld in the ICM created? The turbulent dynamo is able to amplify
weak magnetic seed �elds (see section 2.3.3). But where do these seed �elds come from?
The creation of seed �elds is still under debate. There are two ideas being discussed: the
generation from structure formation in the early Universe (Subramanian, 2008; Mtchedlidze
et al., 2022), or via astrophysical batteries. Here, we focus on the creation from astrophysical
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scenarios.

The best known approach to do astrophysical battery is the Biermann battery (Biermann,
1950; Kunz et al., 2022). It describes, how an inhomogeneity in the electron number
density induces a current. If the induced electric �eld is spatially varying, this will create
a magnetic �eld. The e�ect relies on the mass di�erence between electrons and protons.
The ICM consists mostly of ionized particles. It is neutral on scales larger than the Debye
length. This means, that there are in principle as many electrons as protons in a hydrogen
plasma. Introducing a pressure gradient, the electrons move faster than the protons. This
creates a pressure supported electric �eld. If this �eld is spatially varying, Faraday's law
of induction r � E = � c� 1@B =@tallows to create a magnetic �eld.

In the following, we show how this works technically. The result is the Biermann battery
equation. First, we look at the the electric �eld resulting from the charge separation. We
do this by balancing the electric �eld force density onto an electron by its pressure support
(Andreasyan, 1996):

E =
r Pe

ene
: (44)

We only consider the electrons, as they move faster than the protons by a factor ofq
mp=me. We add this term (44) to the right hand side of Ohm's law with zero resistivity:

E = � ve=c� B and apply the curl to it. This allows us to insert it into Farady's law.
We use the ideal gas lawPe = nekBTe to rewrite the pressure in equation (44) in terms of
density and temperature. We arrive at the Biermann battery equation (Kunz et al., 2022;
Pfrommer, 2022):

@B
@t

= r � (ve � B ) �
ckB

e
r ne

ne
� r Te: (45)

The �rst term is similar to the term on the RHS in the induction equation (28) (only
that here we only include electrons). It describes, how the magnetic �eld changes due
to advection, compression and stretching. The second term is new. It is referred to as
the baroclinic term. It describes the evolution of the magnetic �eld due to non-aligned
gradients of electron number density and temperature. Starting with no initial magnetic
�eld B = 0 , the baroclinic term can create magnetic �elds.

Such a baroclinic term can be created within di�erent scenarios. In ionization fronts, the
electrons are more easily hit by the photons, because of the larger Thomson cross section
(Gnedin et al., 2000). This can occur e.g. in quasars, supernovae or starburst galaxies
(Miranda et al., 1998; Furlanetto & Loeb, 2001; Doi & Susa, 2011; Garaldi et al., 2021).
Also, for example, bow shocks or structure formation shocks can create magnetic �elds,
using the Biermann battery e�ect (Kulsrud et al., 1997; Zhao et al., 2008; Mtchedlidze et
al., 2021). This mechanism has been applied to various scenarios (Rees, 1987; Andreasyan,
1996). The created �elds are at the order of10� 21 � 10� 18G at the coherence length of
a few kpc. Now we introduce three further mechanisms that are able to produce small
magnetic seed �elds.

Photoionization during reionization can create magnetic �elds. It adds an additional
electron charge separation (Gnedin et al., 2000; Durrive & Langer, 2015). This uses the
same assumption as stated above for the Biermann battery equation (45). The e�ects

30



2 BACKGROUND

of photoionization add two additional terms. They account for the additional electron
pressure and momentum gradients created by the ionizing photons. Both Gnedin et
al. (2000) and Durrive & Langer (2015) �nd that the strength of the created �elds is
comparable to those created with the Biermann battery.

Schlickeiser & Shukla (2003), Bret et al. (2010), Bresci et al. (2022) and Kunz et al.
(2022) suggest, that the Weibel instability could create a magnetic seed �eld at the order of
10� 4� G (e.g. Kunz et al. 2022) on small scales. The Weibel instability is induced by a small
transverse magnetic �eld perturbation. This can occur either due to counterstreaming
�ows or via temperature anisotropies. The Lorentz force will naturally sort particles with
positive charge and negative charge, such as electrons and positrons, into counterstreaming
current sheats. This ampli�es the magnetic �eld perturbation and induces a magnetic
instability. The remaining question is whether the generated small-scale �eld can be
carried to larger scales (this is under active research, see e.g. Cagas et al. 2017; Zhang,
Wu, et al. 2022).

Primodial magnetic �elds from the early Universe are also potential candidates for seed
magnetic �elds. Discussed scenarios include vacuum electromagnetic �eld �uctuations
that are stretched to large scales during in�ation (Mtchedlidze et al., 2021, 2022) or
seed �eld creation via phase transitions (Vachaspati, 1991; Subramanian, 2016). The
phase transition results from quarks that are con�ned within hadrons. The free binding
energy can be converted into magnetic energy (Grasso & Rubinstein, 2001). Both these
approaches come with the problem that the expansion of the Universe will lower the
magnetic �eld values. Therefore, initially very high seed �eld values are required.

There are di�erent scenarios that are able to create initially weak seed �elds. Commonly,
it is assumed that, on cluster scales, seed �elds are created by structure formation via
means of the Biermann battery (Mtchedlidze et al., 2021). None of the above described
mechanisms are able to create magnetic �elds at the strength that is being observed on
their own. We need to �nd mechanisms that are able to amplify weak magnetic �elds.

2.3.3 The Turbulent Small-Scale Dynamo

Magnetic seed �elds can be generated within di�erent astrophysical scenarios, for example
via means of the Biermann battery (45) (section 2.3.2). But how can those rather weak
seed �elds get ampli�ed to the values of a few� G that we observe today? In this subsection,
we describe how the magnetic �eld can get non-adiabatically ampli�ed via the turbulent
small-scale dynamo.

What is the turbulent small-scale dynamo? The ICM is turbulent. Feedback processes,
as well as structure formation processes add energy mostly in kinetic or thermal form (at
�rst) to the ICM (section 2.2.4). How can we convert these into magnetic energy? To see
this, we compare the Biermann battery equation (45) to the vorticity evolution equation
(22). Both come with a "convective" term that describes how the magnetic �eld/vorticity is
frozen into the �ux. Also the second terms look very similar: both describe a misalignment
between the density and temperature gradients (or pressure, which can be rewritten as
temperature, using the ideal gas lawP = nkBT). The vorticity evolution is tightly coupled
to the magnetic �eld evolution. This is a manifestation of the famous stretching, twisting,
folding and merging of magnetic �eld lines (Asgari-Targhi & Berger, 2009). This process
increases the magnetic �eld line density and thus the magnetic �eld strength, as shown
in �gure 9. Vorticity is the eddy velocity divided by its size (equation 18). Small eddies
have a high vorticity. Thus, on the smallest scales, the stretching, twisting, folding and
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merging of �eld lines works most e�ciently. Together with this, also the magnetic �eld
ampli�cation works fastest on the smallest scales.

Figure 9: An illustration of the stretching, twisting, folding, merging of magnetic �eld
lines. This process ampli�es the magnetic �eld strength by increasing the �eld line number
density. Credits: www.mpifr-bonn.mpg.de/3622111/lectures6-9.pdf.

How does the turbulent dynamo work? Figure 10 provides an illustration of the turbulent
small-scale dynamo. Turbulence is injected in form of eddies at large scales. The eddies
decay, accordingly to the Kolmogorov spectrum (equation 20). The vorticity is truncated
at the viscous scaleslvisc = k� 1

visc. The magnetic �eld though can dynamically evolve
below these scales, if the resistivity is much smaller than the viscosity (which is he case
in the ICM). In this case, the resistive scales lie below the viscous scales:l res = k� 1

res.
The magnetic �eld dynamics is truncated at the resistive scales. There, resistive di�usion
prevents any further folding of the �eld lines. The resistive scales lie below the viscous
scales: l res � LRe� 1=4Re� 1=2

m � lviscPm� 1=2 << l visc for a plasma with a high magnetic
Prandtl number (Kunz et al., 2022). We de�ne the magnetic Reynolds number (similar
to the "normal" Reynolds number in equation 55)(Pfrommer, 2022):

Rem =
convection
di�usion

=
vB
L

�
�

DB
L 2

� � 1

: (46)

Here, D is the magnetic di�usion coe�cient. The di�usion coe�cient is dependent on
the electric resistivity � . The ICM is turbulent. The convective term dominates and the
magnetic Reynolds number is high. The �uid is very conductive. The magnetic Prandtl
number reads (Kunz et al., 2022):

Pm =
Rem

Re
=

�
�

: (47)

It sets viscosity � and magnetic resistivity � into relation. The right panel of �gure 10
shows how the magnetic �eld, on large scales, follows the rotational movement of the �ow.
On small scales, it inspirals further, where it is stretched over the subviscous scales. On
the smallest scales that have the highest vorticity, the ampli�cation works fastest and the
magnetic �eld grows exponentially. Technically, this is described by a correlation function
(Rincon, 2019). It correlates motion in the velocity �eld to motion in the magnetic �eld,
but on smaller scales.

The ampli�cation of the magnetic �eld on small scales is truncated at the resistive scales.
This is due to resistive dissipation. The magnetic �eld cannot grow any further on small
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scales. All small scale kinetic energy is used up. Looking at the Kolmogorov spectrum
(20), indicated in �gure 10, the larger scale eddies provide more power, though they have
a smaller vorticity. Thus, the magnetic �eld keeps growing with the larger eddies, that
provide more power, but on larger time scales. This phase is referred to as the non-linear
regime.

This is described by Kazantsev theory (Kazantsev, 1968; Kraichman, 1966). We do not
provide a mathematical description here, but instead refer to Subramanian (2008); Schober
et al. (2013); Subramanian (2018); Rincon (2019); Kunz et al. (2022); Steinwandel et al.
(2022). In contrast to the Kolmogorov spectrum scaling with � 5=3, see equation (20), the
Kazantsev spectrum reads (Kunz et al., 2022)

E (k) / k3=2: (48)

Figure 10: On the right: A MHD simulation of a three dimensional box. The magnetic
energy is concentrated at the resistive scales, wherePm � 300. It shows nicely, how the
magnetic �eld lines follow the large scale rotational movement, but then inspiral further
on smaller scales. On the left: turbulence is injected with the Kolmogorov spectrum
and truncated at the viscous scales. The magnetic �eld inspirals further until it reaches
the resistive scales, where it is ampli�ed fastest. Once, the magnetic �eld energy is in
equipartition with the eddy energy at the viscous scales, the magnetic �eld keeps growing
with the larger eddies, until their energies are in equipartition. This is referrred to as
non-linear regime. It grows, accordingly to the Kazantsev spectrum Credits: (Kunz et al.,
2022).

During the ampli�cation through the turbulent dynamo, Schober et al. (2013) estimate
the growth of the magnetic �eld with an exponential (also Pfrommer et al. 2022 estimate
with an exponential):

B (t) =

(
B0 exp (� t) t < t sat;

Bsat t > t sat
: (49)

Here, B0 is the amplitude of the magnetic seed �eld and� is the growth rate. The time at
which the maximum magnetic energy is reached at the injection scales istsat. The growth
rate can be estimated with (Pfrommer et al., 2022):

� =
V
L

Re1=2; (50)
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where V and L are the velocities and sizes of the injected eddies. The growth rate is most
e�cient for a high Reynolds number (equation 55).

At what strength Bsat is the magnetic �eld saturated? In theory, the magnetic �eld
saturates, when the magnetic energy is in equipartition with the turbulent kinetic energy.
The coherence length equals the eddy injection scale (see �gure 10). Near the equipartition
scale, the magnetic �eld is so strong that it backreacts onto the plasma (see e.g. Pfrommer
et al. 2022). In strong, curved magnetic �elds, the magnetic tension force is high and
prevents the magnetic �eld from further folding. The tension can be released by a process
called di�usive reconnection (Treumann & Baumjohann, 2013). Partly, it is released to
turbulence in form of kinetic energy again. The di�usive reconnection lowers the magnetic
�eld energy again and leads to an increase in the turbulent energy (S. Xu & Lazarian,
2020). At this point, the turbulent stretching of the magnetic �eld exactly balances the
shrinking due to reconnection.

What is magnetic tension and why does it act in curved �eld lines? The coherence length
and the energy in the magnetic �eld are strongly coupled to the curvature. This is referred
to as helicity (Balsara et al., 2004). We take another look at the Lorentz force to better
visualize this (Pfrommer et al., 2022):

fL =
1
c

(j � B ) =
1

4�
(B � r ) B �

1
8�

r B 2 =
B 2

4�
(b � r ) b �

1
8�

r ? B 2: (51)

Here, j is the current density, B = B b and r ? = ( 1 � bb )r . The Lorentz force can be
divided into two terms. The �rst one, B 2=4� (b � r ) b is referred to as curvature term.
The second term1=8� r ? B 2 is referred to as pressure term. Both act perpendicular to
the �eld lines. The pressure term can be seen analogous to pressure in a �uid. It always
points into the direction of less magnetic �ux densities. The curvature force always acts to
straighten the magnetic �eld lines. In highly curved �elds with strong �eld strengths, the
force becomes large and pushes the �eld lines to larger radii. There, the curvature force
becomes weaker again. Physically speaking, the magnetic di�usive reconnection releases
the high tension force in highly curved magnetic �elds. Some of the energy is released
back to turbulence (S. Xu & Lazarian, 2020).

In practise, it is topic of current research, what exactly causes the saturation of the
magnetic dynamo at the large scales. Real turbulence is not only provided in solenoidal
form. S. Xu & Lazarian (2020) suggest, that at the injection scales, for a self-gravitating
system, the gas gets compressed again. This can cause the magnetic �eld to saturate,
dependent on the density. They �nd a scaling ofB / � 0:535 for a saturated dynamo, being
subject to di�usive reconnection and being compressed (note, that they derived this for a
star forming cloud, which can very e�ciently cool and compress). Fitting to observations
of nearby clusters yields a scaling ofB / � 0:47 (Govoni et al., 2017; Kunz et al., 2022).
We adapt a scaling of

B / � 1=2 (52)

as indicator for a saturated dynamo.

Not all kinetic energy can be converted into magnetic energy. Real turbulent motions
do not only contain solenoidal motions, but also bulk motions and compressible motions
(Schober et al., 2013; Carteret et al., 2023). Also, parts of the turbulent energy are
dissipated into heat. Wittor et al. (2017) introduce an e�ciency factor

34



2 BACKGROUND

EB = CEE turb ; (53)

stating, how much of the turbulent kinetic energy (equation 19) can be converted into
magnetic energy (equation 40). Wittor et al. (2017) estimate the e�ciency coe�cient
with CE = 4 � 5 %. Carteret et al. (2023) �nd that a high amount of compressible
motions in turbulence does not change the slope of the Kazantsev spectrum (48).

2.3.4 Simulating the Turbulent Small-Scale Dynamo

How can we create magnetic �elds in a cosmological simulation? In our simulation, we
do not include any astrophysical batteries. We add an initial homogeneous magnetic seed
�eld, which we justify with the Biermann mechanism that can work in the early universe
via means of structure formation processes. We use a magnetic seed �eld of comoving
10� 14G at z = 127.

How can we simulate the turbulent small scale dynamo? The e�ciency of the turbulent
dynamo is dependent on the smallest scales. The dynamo relies on the e�ects at the viscous
and resistive scales. In our MHD equations (25)-(28), we assume a perfectly conducting
(no resistivity and viscosity) �uid. Nevertheless, these show up as numerical e�ects. This
is due to the �nite volume and time discretization of our MHD solving approach (see
subsection 2.2.5). Numerical di�usion can be described with (Wittor et al., 2017)

� n = 0 :014� 3=2l2visc: (54)

The numerical di�usivity is dependent on the eddy kinetic energy (equation 19) and the
minimum scale of the turbulence. Herelvisc = 2 � dx, where dx is the cellsize (Wittor et
al., 2017).

Our resolution is what de�nes the viscous scales, which is equivalent to the smallest eddy
scales. The numerical Reynolds number can be estimated with (Pfrommer et al., 2022):

Ren =
LV
� n

�
3LV
dxvth

: (55)

Here, � n is the numerical viscosity and dx is the cellsize. The velocityvth is the thermal
velocity of the cell. Both, the viscous scales and the resistive scales are dependent on the
smallest cell sizes. Thus,Pm � 1.

How does the magnetic �eld evolve in our simulation? How good can we resolve the
turbulent dynamo in the ICM? How does including radiative physics in the simulation
modify the performance? We analyse these questions in the analysis part of this thesis.
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2.4 Galaxies

Why is it important to consider galaxies at this point? Galaxy clusters are �lled with
galaxies (see section 2.1.1). Galaxies provide a setup to grow a strong magnetic �eld in
a short period of time, due to higher gas densities and a high amount of turbulence. In
galaxy clusters, there is a large fraction of galaxies without any self-bound gas (Butcher
& Oemler, 1984; Abadi et al., 1999). Di�erent processes, such as galactic winds and ram
pressure stripping can remove the high magnetic �eld gas from galaxies to pollute the ICM
(de Gouveia Dal Pino et al., 2009; Serra et al., 2023).

2.4.1 Observations

Galaxies are subject to the theory of structure formation (section 2.1). Their sizes
and masses, abundances and feedback processes are highly dependent on the age and
environment of the galaxy (Kau�mann et al., 2003; Perret et al., 2014; Santini et al.,
2017). Galaxies form from the collapse of an initial gas cloud inside dark matter halos.
The �rst stellar populations start to form. Galaxies consist of dark matter, gas, which we
refer to as Interstellar Medium (ISM) and stars. Most galaxies contain AGN. The halo
masses lie in the range of� 108 � 1014M � . The star mass fraction lies in the range of
0:001� 0:1 (Mandelbaum et al., 2006). The gas mass fractions in galaxies vary widely.
This is due to feedback processes and environmental e�ects.

Galaxy cluster at higher redshift are observed with large fractions of blue galaxies (they
have a large gas amount and are star forming). Low redshift clusters show larger fractions
of red galaxies (less gas and less star formation). This is referred to as the Butcher-Oemler
e�ect (Butcher & Oemler, 1984; Abadi et al., 1999). This evolution is shown in �gure 11.
Each dot represents a galaxy cluster at di�erent redshifts. With increasing redshift, the
fraction of blue galaxies in the cluster increases. Atz = 0 , there are almost no blue galaxies
in clusters. Thus, throughout time, galaxies undergo a morphology evolution from star
forming to quiescent. What causes this?

Figure 11: The Butcher-Oemler e�ect: with increasing redshift, the fraction of blue
galaxies f b increases. Each dot shows a galaxy cluster at di�erent redshift. At low
redshifts, there are almost no blue galaxies in clusters. Credits: (Butcher & Oemler,
1984).

What kind of feedback processes are there? Figure 12a shows a starburst galaxy with
a galactic wind. It exhibits a period of enhanced star formation. The galactic wind,
indicated in purple, is inferred from X-ray and H� emission. TheH� emission is likely
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