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Abstract

Galaxy clusters, the most massive dark matter halos in the uni-
verse, decisively influence their environment and the evolution of galax-
ies within them. As galaxies move supersonically through the hot, mag-
netized intracluster medium (ICM) filling the space between galaxies in
galaxy clusters, ram pressure stripping (RPS) can remove large fractions
of the interstellar and circumgalactic gas of galaxies. This process cre-
ates jellyfish galaxies with tails extending up to 100 kpc, and transforms
star-forming spirals into quenched galaxies. The multiphase, magne-
tized and star-forming tails of jellyfish galaxies also serve as unique
astrophysical laboratories. Cosmological simulations can model RPS,
but their resolution is often too low to capture the detailed physics of
jellyfish galaxies. Alternatively, windtunnel simulations, which expose
galaxies in their rest frames to a wind that resembles the ICM, allow
for a higher resolution but typically rely on idealized wind conditions.
In this thesis, I present eight high-resolution windtunnel simulations
of RPS for 1012 M� galaxies. I build on the setup from Sparre et al.
(2024a) and incorporate realistic ICM-winds derived from galaxy orbits
in the cosmological zoom-in simulations PICO-Clusters. I validate the
initial conditions using PICO-Clusters, explore simulating the impact of
dark matter via a static potential, and optimize the simulation mesh to
reduce computational costs. My simulations reveal fragmented jellyfish
tails with fountain flows and aligned magnetic fields. The properties
of these tails and the efficiency of stripping vary depending on whether
galaxies already experience significant ram pressure outside the clus-
ter’s virial radius or only after a period of falling in to galaxy clusters,
together with material that is accreted onto these clusters and shocked
near the cluster’s virial radius.

ii



iii

Kurzzusammenfassung

Galaxienhaufen, die massereichsten Dunkle Materie Halos des Uni-
versums, haben einen entscheidenden Einfluss auf ihre Umgebung und
auf Galaxienentwicklung in ihnen. Wenn Galaxien sich supersonisch
durch das heiße, magnetisierte Intracluster-Medium (ICM) bewegen,
das den Raum zwischen den Galaxien in Galaxienhaufen füllt, kann
Abtragung durch Staudruck (engl. ram pressure stripping, RPS) große
Teile des interstellaren und zirkumgalaktischen Gases aus Galaxien her-
auslösen, was Quallengalaxien (engl. jellyfish galaxies) mit Schweifen
entstehen lässt, die bis zu 100 kpc ausgedehnt sein können. RPS wandelt
mithin sternbildende Spiralgalaxien in erloschene Galaxien um. Zudem
sind die magnetisierten und sternbildenden Schweife von Quallengalax-
ien aus mehreren Phasen ein einzigartiges astrophysikalisches Labor.
Während kosmologische Simulationen RPS zwar modellieren können,
ist deren Auflösung doch oft zu gering, um die detaillierte Physik von
Quallengalaxien zu enthüllen. Alternativ ermöglichen Windtunnelsim-
ulationen, in denen Galaxien in ihren Ruhesystemen einem Wind aus-
gesetzt werden, der das ICM nachbildet, höhere Auflösungen, sind aber
typischerweise auf idealisierte Windmodelle angewiesen. In dieser Ar-
beit stelle ich einen Satz von acht Windtunnelsimulationen von RPS
für 1012 M� Galaxien vor, das den Simulationsaufbau aus Sparre et al.
(2024a) mit realistischen ICM-Winden erweitert, die von Galaxienorbits
in den kosmologischen zoom-in Simulationen PICO-Clusters abgeleitet
wurden. Ich überprüfe die Anfangsbedingungen mithilfe von PICO-
Clusters, untersuche das Simulieren des Einflusses dunkler Materie mit-
tels eines statischen Potentials und passe das Simulationsnetz an, um
Rechenkosten zu reduzieren. Meine Simulationen zeigen fragmentierte
Schweife von Quallengalaxien mit fontänenartigen Gasströmungen und
ausgerichteten Magnetfeldern. Die Eigenschaften der Schweife sowie die
Effizienz der Materialabtragung variieren abhängig davon, ob Glaxien
bereits signifikanten Staudruck außerhalb des Virialradius des Galax-
ienhaufens erleben oder erst nach einer Periode des gemeinsamen Ein-
fallens in den Galaxienhaufen mit umgebenden Gas, das erst nahe dem
Virialradius des Galxienhaufens verdichtet, abgebremst und erwärmt
wird.
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Chapter 1.

Introduction

Galaxy evolution is shaped by the interaction of galaxies with their environment. In
particular, high-density environments such as galaxy clusters host galaxy populations
with distinct properties: elevated fractions of early-type galaxies (Hubble and Humason
1931; Oemler 1974; Dressler 1980), increased gas de�ciencies (Giovanelli and Haynes
1983; Gavazzi et al. 2013; Boselli et al. 2014, 2016b) and lower star formation rates
across all types of galaxies (Osterbrock 1960; Dressler et al. 1985; Balogh et al. 1997).
The latter observation is known as environmental quenching, driven by the interactions
between galaxies and their environment.

Ram pressure stripping is a key mechanism contributing to environmental quench-
ing (Fujita and Nagashima 1999; Abadi et al. 1999; Balogh et al. 2000). As galaxies
move with high velocities through the hot intracluster medium (ICM), the ram pres-
sure,Pram = � ICM v2

gal (Gunn and Gott 1972;� ICM denotes the mass density of the ICM,
vgal is the velocity of the galaxy relative to the ICM), can exceed the gravitational force
that binds the gas in and around a galaxy (interstellar and circumgalactic medium, ISM
and CGM, respectively), and the gas can be stripped from the galaxy. Understand-
ing ram pressure stripping is therefore an important aspect of understanding galaxy
evolution in high-density environments.

Ram pressure stripped galaxies are moreover themselves interesting objects for the
study of a range of astrophysical phenomena. Rather than immediately dissolving into
the hot ICM, the stripped material typically forms tails that can extend far into the
ambient space (Kraft et al. 2011; Jáchym et al. 2019; Cramer et al. 2019; Ramatsoku
et al. 2020; Roberts et al. 2024). The material in these tails is multiphase, containing
components of a range of di�erent densities and temperatures, e.g., neutral atomic gas
(Ramatsoku et al. 2020) as well as ionized plasma (Gavazzi et al. 2001; Fossati et al.
2012; Boselli et al. 2016a). Their multiphase composition makes the tails of these so-
called jelly�sh galaxies accessible for a broad range of observational windows, such as
radio (Roberts et al. 2021a), optical (Sun et al. 2007; Zhang et al. 2013; Ramatsoku et al.
2020), UV (George et al. 2018) and X-ray observations (Sun et al. 2006; Randall et al.
2008; Sun et al. 2010). E�cient radiative cooling of the mixed gas in the tails of jelly�sh
galaxies makes the gas thermally unstable and allows for a net-accretion of material
to the tail rather than its destruction in the hot ICM (Armillotta et al. 2017; Gronke
and Oh 2018; Sparre et al. 2020; Abruzzo et al. 2023), and gives rise to a fragmented,
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2 Introduction

shattered structure of the tails (McCourt et al. 2018). In addition to mixing and cooling,
magnetic �elds are found to crucially contribute to the stability of the tails of jelly�sh
galaxies. Their tails are magnetized (Poggianti et al. 2019), with the tail magnetic �elds
being aligned with the tails (Müller et al. 2021). ICM magnetic �elds are draped around
galaxies that orbit in galaxy clusters (Dursi 2007; Dursi and Pfrommer 2008; Pfrommer
and Jonathan Dursi 2010) and protect the material in the tail against �uid instabilities
(Sparre et al. 2020). Further, observations reveal star formation within the tails of
jelly�sh galaxies (Sun et al. 2007, 2010; Jáchym et al. 2014; Vulcani et al. 2018).

In spite of the availability of a wide range of observational tracers for the processes
shaping jelly�sh galaxies, ram pressure stripping operates on scales of Gigayears (Oman
et al. 2021) so that it is desirable to complement observational studies with simulations.
Cosmological simulations (Jung et al. 2018; Yun et al. 2019; Rohr et al. 2023; Göller et al.
2023; Zinger et al. 2024; Kurinchi-Vendhan et al. 2025) and cosmological zoom-in simula-
tions (Nelson et al. 2024; Tevlin et al. 2024) can model RPS in realistic environments, but
their resolution is often too low to be able to draw detailed conclusions on the properties
of jelly�sh galaxies. Alternatively, ram pressure stripping can be studied in windtunnel
simulations in which a galaxy at rest is exposed to a time-variable wind that simulates
the properties of the ICM along the orbit of a galaxy (Schulz and Struck 2001; Roediger
et al. 2006; Roediger and Brüggen 2006; Tonnesen and Bryan 2010, 2012; Ruszkowski
et al. 2014; Tonnesen 2019; Sparre et al. 2024a, b). However, these simulations often rely
on idealizing assumptions about the properties of the ICM wind. Nevertheless, wind-
tunnel simulations have revealed important aspects of the physics of jelly�sh galaxies,
such as the role of magnetic �elds for their tail formation (Tonnesen and Stone 2014;
Ruszkowski et al. 2014), the presence of fountain �ows and aligned magnetic �elds in
the tails (Sparre et al. 2024a) and the importance of CGM gas for the tail formation
(Sparre et al. 2024b).

The goal of this thesis is to extend the work presented in Sparre et al. (2024a, b)
and to conduct a set of windtunnel simulations of jelly�sh galaxies that model ICM
conditions along realistic galaxy orbits. I base my simulations on the setup presented
in Sparre et al. (2024a) with several modi�cations that I apply to this setup. Chap.
2 provides the physical context that is important for understanding the processes re-
lated to jelly�sh galaxies, introducing cosmology, galaxies, galaxy clusters and relevant
astrophysical processes, with a focus on ram pressure stripping. Chap. 3 outlines the
numerical methodology relevant to the simulations and analyses in this thesis. At the
end of that chapter, I present tests and modi�cations that I applied to the existing
numerical setup which particularly aim at increasing its computational e�ciency (Sec.
3.6). In Chap. 4, I explain the method that I used to generate winds that realistically
model ICM conditions along the orbits of galaxies in galaxy clusters from the PICO-
Clusters simulations, and how a turbulent magnetic �eld can be included in that wind.
The suite of high-resolution windtunnel simulations that I conducted with these winds
is presented in Chap. 5. I summarize my results and provide an outlook on further
research in Chap. 6.



Chapter 2.

Physical background

2.1. Cosmology

2.1.1. Cosmic expansion

In cosmology, the most simple description of the evolution of the universe is given by
the Friedmann equations. The conceptual idea of these equations is to describe the
expansion of the universe from the Big Bang to its present-day extent via the evolution
of a scale factora that depends on the timet. Starting at a value of0, this dimensionless
quantity grows over time to a present-day value of1. Physical distancesr (t) = a(t) · x
1 between separated points in space thus grow over time proportionally toa, and the
time evolution of a is in turn given by the Friedmann equations (Friedman 1922)

� _a
a

� 2

=
8�G

3
� � Kc2a� 2 +

� c2

3
; (2.1)

•a
a

= �
4�G

3

�

� +
3p
c2

�

+
� c2

3
; (2.2)

where �; p and K describe the density, pressure and spatial curvature of the universe,
respectively, and the constantsG; c and � denote the gravitational constant, the speed
of light and the cosmological constant, respectively. The density of the universe is
composed of matter (� m) and radiation (� r) which get diluted due to the expansion of
the universe according to

� m = � m0 a� 3; (2.3)

� r = � r0 a� 4: (2.4)

The dilution of matter simply arises from the expansion of three-dimensional space,
while the dilution of radiation happens with a higher power of the scale factora due to
the relativistic nature of radiation: as the universe expands, radiation experiences an

1Here, x denotes thecomoving distance between two points. Comoving coordinates are obtained by
factoring out the e�ect of the expansion of the universe from the physical coordinates.
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4 Physical background

additional loss of energy due to its redshifting (e.g. Bartelmann and Pfrommer 2023).
The values� m0 and � r0 correspond toa = 1.

It is useful to de�ne the Hubble parameter

H (t) =
_a
a

; (2.5)

and its present-day value asH0 = H (t0), and to moreover de�ne a critical density as

� cr(t) =
3H (t)2

8�G
: (2.6)

This enables to introduce the notation


 m0 =
� m0

� cr0
; (2.7)


 r0 =
� r0

� cr0
; (2.8)


 �0 =
� c2

3H 2
0

; (2.9)


 K = 1 � 
 m0 � 
 r0 � 
 � = �
Kc2

H 2
0

; (2.10)

with which the �rst Friedmann equation (2.1) takes the form

H 2(a) =
� _a

a

� 2

= H 2
0

�

 m0 a� 3 + 
 r0 a� 4 + 
 �0 + 
 K a� 2

�
= H 2

0 E(a)2: (2.11)

The Friedmann equations can be derived from Einstein's �eld equations, assuming
that the universe is homogeneous, isotropic and that it can be described as a perfect �uid
of density � and pressurep. These equations show that the evolution of the universe
is governed by its content of energy in the form of matter (
 m) and radiation (
 r), its
content of dark energy (
 � ) and its curvature (
 K ). Adopting the values from Planck
Collaboration et al. (2020), the parameters are approximately given as(h; 
 m0; 
 �0 ) =
(0:68; 0:31; 0:69) with h = H0=(100 km s� 1 Mpc� 1). 
 r0 and 
 K are close to zero. Hence,
radiation only plays a role for the overall evolution of the universe at early times, and
the universe is nearly �at. The present-day universe is thus governed by the interplay of
matter and dark energy, with (2.2) showing that the (positive) density of matter acts to
decelerate the expansion of the universe while dark energy accelerates the expansion. In
addition, as given in Planck Collaboration et al. (2020),
 b0 = 0:05, which is, similarly
to (2.7), the baryon density in the universe in units of the critical density, implying that
only about 16 percent of the matter in the universe is baryonic and about84 percent
of the matter is dark matter that almost exclusively interacts gravitationally and is
collisionless. Dark matter is moreover assumed to be cold (cold dark matter, CDM),
i.e., it has a negligible velocity dispersion. The existence of dark energy and dark matter,



Physical background 5

and the latter beingcold, are among the assumptions that within the framework outlined
above give rise to the� CDM model, the standard model of cosmology.

Due to the uniform expansion of the universe, objects that are separated by larger
distances will recede from each other with higher velocities. This leads to the light
being increasingly redshifted when observing the light from an increasingly distant light
source. Since the speed of light is �nite, this observed redshifted light will have been
emitted at a time when the universe was less advanced in its expansion and was thus
described by a smaller scale factor. Thus, one can relate thecosmological redshiftz to
the scale factora at the time of emission via

z =
� �

� emission
=

1
a

� 1: (2.12)

The present-day state of the universe corresponds toa = 1 and thus z = 0. Higher
redshifts are therefore associated with earlier stages in the evolution of the universe.
Another important quantity in this context is the lookback time. It is de�ned as the
di�erence of the present-day age of the universe and its age corresponding to a givena
(or z) and is given as

t lb =
Z t0

ta

dt =
Z 1

a

da0

a0H0E(a0)
=

Z z

0

dz0

(1 + z0)H0E(z0)
; (2.13)

where the de�nitions of the Hubble parameter (2.5) and of the redshift (2.12) as well as
the Friedmann equation (2.11) were used.

2.1.2. Formation of dark matter halos

Clearly, the picture of the universe given in Sec. 2.1.1 is enormously simpli�ed. For
example, homogeneity will only hold when the properties of the universe are averaged
over very large scales, whereas on small scales, matter has a strongly inhomogeneous
distribution. This structure is a result of tiny spatial �uctuations in the initial density
�eld of the universe. As the universe expands, the �uctuations grow until they collapse
into dark matter halosthat eventually reach avirialized equilibrium, i.e., the time aver-
ages of their respective kinetic energy and potential energy,hEkin i and hEpot i , obey the
virial theorem,

2hEkin i + hEpot i = 0: (2.14)

Virialized structures have reached a stable con�guration and are henceforth decoupled
from the expansion of the universe. This structure formation is assumed to happenhier-
archically (Peebles 1965): small scale �uctuations collapse earlier so that small structures
are formed �rst while large structures are formed by later collapses or through mergers
of smaller structures that gravitationally attract each other. The halos resulting from
hierarchical structure formation exhibit a broad range of masses (Press and Schechter
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1974), and they may even be much smaller than dwarf galaxies. Higher mass instances
form spiral and elliptical galaxies, andgalaxy clustersstand at the high mass end of halo
masses.

Treating the collapse of individual structures within the framework ofspherical col-
lapseand assuming a matter-dominated universe (
 m0 = 1) (Gunn and Gott 1972), a
collapsed dark matter halo in virial equilibrium has a density of18� 2 � 178 in units of
the mean density of the background universe (see e.g. Pfrommer 2024). Based on that,
one may de�ne thevirial mass M 200c and the virial radius R200c of a dark matter halo.
Setting the coe�cient of the overdensity to 200instead of178, R200c is the radius of the
sphere around the overdensity within which the mean density is equal to200 times the
critical density (2.6). M 200c is accordingly the mass contained within this sphere and
follows along with the virial radius as

M 200c = � 200cV200c = 200� cr �
4�
3

R3
200c =

100H (t)2

G
R3

200c; (2.15)

R200c =

 
GM200c

100H (t)2

! 1=3

: (2.16)

To account for the distribution of matter within dark matter halos, one may adopt a
simple spherically symmetric description which is for example given by theNFW -pro�le
(Navarro et al. 1995, 1996, 1997)

� NFW (r ) =
� s;NFW

x(1 + x)2
; (2.17)

where r = x � r s;NFW , denoting the distance to the center of the halo, andr s;NFW and
� s;NFW denote a scale radius and a scale density. The NFW-pro�le is in agreement with
the �ndings of many numerical simulations (see e.g. Pfrommer 2024). Alternatively,
another description is given by theHernquist-pro�le (Hernquist 1990)

� Hernquist (r ) =
Mr s;Hernquist

2�r
1

(r + r s;Hernquist )3
=

� s;Hernquist

x(1 + x)3
; (2.18)

where once againr = x� r s;Hernquist denotes the distance to the halo center, andr s;Hernquist

and � s;Hernquist = M=(2�r 3
s;Hernquist ) denote a scale radius and a scale density. Both the

NFW-pro�le and the Hernquist-pro�le scale asr � 1 for small distances to the halo center
and steepen in its outskirts. At large distances, the Hernquist pro�le falls o� more
steeply than the NFW-pro�le. In fact, the Hernquist-pro�le falls o� su�ciently steeply
such that the total mass M (< r ) that is enclosed in the halo up to the distancer
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converges forr ! 1 . M (< r ) follows from the density distribution (2.18) as

M (< r ) =
Z

r 0<r
� Hernquist (r 0) d3r 0

= 2Mr s;Hernquist

Z r

0

r 0

(r 0+ r s;Hernquist )3
dr 0

=
Mr 2

(r + r s;Hernquist )2
; (2.19)

so that the total mass for r ! 1 is equal to M . This property, together with the
possibility to analytically express the potential corresponding to (2.18) by the simple
expression (Hernquist 1990)

� Hernquist (r ) = �
GM

r + r s;Hernquist
(2.20)

whereG is the gravitational constant, makes the Hernquist pro�le a particularly simple
and useful description of the mass distribution in a dark matter halo.

2.2. Galaxies

Galaxies emerge in dark matter halos of a wide range of masses. In addition to the
dark matter component, they consist of stellar populations and often, depending on the
type of galaxy, appreciable amounts of gas. This section provides a brief overview of the
properties of galaxies that are relevant in the context of this thesis. In particular, the
classi�cation of di�erent types of galaxies will be discussed as well as some aspects of
the properties of their stellar and gaseous components.

2.2.1. Galaxy classi�cation

A basic classi�cation of galaxies is obtained by considering their morphological appear-
ance, de�ning the so-called Hubble sequence (Hubble 1926). The di�erent morphological
types are illustrated in Fig. 2.1. In this scheme, galaxies are classi�ed along a sequence
ranging from elliptically shaped galaxies to disk-shaped galaxies that exhibit a spiral
structure. The Hubble sequence moreover distinguishes barred and non-barred spirals.
Between the spiral galaxies (also denotedlate-type galaxies) and the elliptical galaxies,
the Hubble-sequence describes lenticular galaxies that often exhibit a central region with
an elliptical morphology and an outer region assuming a disc shape however without any
spiral structure. Elliptical and lenticular galaxies are together denoted as theearly-type
galaxies. Any remaining galaxies that do not fall into the Hubble-sequence are called
irregular galaxies.
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Figure 2.1.: Sequence of galaxies according to the Hubble classi�cation scheme, where early-
type galaxies are on the left and late-type galaxies are on the right (image credit:
Zooniverse/ESO). To the right of the ellipticals (E) and starting at the lenticular
galaxies (S0/SB0), the sequence is split into spirals (S) and barred spirals (SB).
Irregular galaxies (Irr) are at the end of the sequence of late-type galaxies.

While the order along the sequence itself as well as the labelsearly-typeand late-type
are of no immediate physical signi�cance, they are still often correlated with important
physical properties (Roberts and Haynes 1994). For instance, early-type galaxies are
on average more massive and larger than late-type galaxies (Roberts and Haynes 1994).
Early-type galaxies contain on average much less cold gas (e.g. neutral hydrogen, molec-
ular hydrogen; for example in the sense of surface densities or the HI mass fraction) than
late-type galaxies (Roberts and Haynes 1994). Moreover, late-type systems exhibit much
brighter and larger HII-regions (i.e., regions with a large amount of ionized hydrogen
which is usually associated with star formation) than early-type systems (Sérsic 1960;
Kennicutt et al. 1989; Roberts and Haynes 1994). Photometric analyses additionally
reveal that early-type galaxies tend to be redder (i.e., predominantly emit in parts of
the electromagnetic spectrum associated with low-mass, long-lived stars) while late-
type galaxies are bluer (i.e., are dominated by emission in parts of the electromagnetic
spectrum associated with high-mass, short-lived stars; Holmberg 1958). Accordingly,
late-type systems are generally considered to be actively star forming while early-type
galaxies exhibit less pronounced or even mostly ceased formation of new stars (for an
extensive discussion of these properties, see e.g. the review Roberts and Haynes 1994).
Also, the kinematics of stars in galaxies often vary characteristically among galaxies of
di�erent types, with many stars in disc galaxies often following nearly circular orbits
around the disc center, while the orbits in elliptical galaxies tend to be more chaotic as
they are not con�ned to a disc plane. In case of the latter, stellar orbits can be described
as either loop orbits (that are closed after several periods but that however may exhibit
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signi�cant variations in the distance to the center of the galaxy) and box orbits (that are
not closed and may even pass through the center of the galaxy; an extensive discussion
of the di�erent orbits in galaxies can be found in Bovy 2026, in press).

2.2.2. Distribution of gas and stars in disc galaxies

In addition to the dark matter component, spiral galaxies consist of a gaseous and a
stellar component (baryonic component). An e�ective description of spiral galaxies is
obtained by considering them as thin discs. The distribution of baryonic mass is then
described by a surface density. For the stellar and gaseous (theinterstellar medium,
ISM) component of the galaxy, a useful model follows by assumingexponential disc
distributions, respectively, (Domainko et al. 2006),

� � (R) =
M �

2�R 2
0�

exp
�

�
R

R0�

�

; (2.21)

� gas(R) =
M gas

2�R 2
0gas

exp

 

�
R

R0gas

!

; (2.22)

where M � and M gas denote the total amounts of stellar and gaseous mass in the disc,
respectively, andR0� and R0gas denote scale lengths of the exponential pro�les. Here,
R =

p
x2 + y2 denotes the distance to the center of the disc in the disc plane.

2.3. Galaxy clusters

Galaxy clusters form later than galaxies and are mostly absent at high redshifts (e.g.
Planck Collaboration et al. 2016a). In the picture of hierarchical structure formation,
galaxy clusters form because lower mass halos gravitationally attract each other and
eventually cluster together. They aggregate to proto-cluster regions, and via mergers
of these smaller systems and via further accretion of material, they eventually form
large dark matter halos that reach virial equilibrium (Press and Schechter 1974). These
galaxy clusters are the largest virialized components of the inhomogeneous structure
of the universe, with masses ranging from about1014 M � to more than 1015 M � (e.g.
Planck Collaboration et al. 2016a; see e.g. Kravtsov and Borgani 2012 for a review of
the formation of galaxy clusters). The dark matter halos of galaxy clusters typically
host from a few hundred to more than a thousand galaxies (e.g. Binggeli et al. 1985).
After their formation, galaxy clusters keep gravitationally attracting galaxies, gas and
plasma from their environment. As the infalling gas reaches the galaxy cluster, it gets
compressed and heated. A particularly abrupt increase of the density and the thermal
energy of the gas falling in to a cluster occurs at accretion shocks where the ambient
gas exhibits discontinuous jumps to higher temperatures and densities (see, e.g., Quilis
et al. 1998; Miniati et al. 2000 for studies on the properties and the role of accretion
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Figure 2.2.: The galaxy cluster Abell 2744 as seen in di�erent parts of the electromag-
netic spectrum (�gure taken from van Weeren et al. 2019). Left: optical view
(Medezinski et al. 2016) with white contours indicating the mass surface den-
sity, obtained from weak lensing (Merten et al. 2011; Lotz et al. 2017). Middle:
X-ray emission (blue) observed with Chandra (Pearce et al. 2017). Right: radio
emission (red) observed with the Very Large Array (VLA; Pearce et al. 2017).

shocks; Sec. 2.4.2 for a formal description of shocks). The infalling gas contributes to
the hot ICM that �lls the space between the galaxies in galaxy clusters.

Although the ICM is generally still much less dense than the ISM between the stars
in galaxies, it is nevertheless considerably more dense than the ambient medium of
galaxies outside of galaxy clusters and gives rise to a range of physical phenomena.
For instance, the interaction of galaxies with the ICM may strip material from galax-
ies, thereby crucially reducing their abilities to form stars. Thisram pressure stripping
(RPS) is one of the key mechanisms by which galaxy clusters in�uence the evolution of
galaxies. Although its occurrence is not exclusively limited to galaxy clusters, it is most
e�cient in them and turns spiral galaxies into jelly�sh galaxies. This process will be
explained in detail in Sec. 2.5. Together with interactions between galaxies, which are
particularly relevant in galaxy clusters due to the elevated number density of galaxies,
and interactions with the massive dark matter halo of galaxy clusters (see Sec. 2.4.7),
galaxy clusters strongly impact galaxy evolution and create distinct galaxy populations
that are, in comparison to galaxies outside galaxy clusters, observed in di�erent colors
(Butcher and Oemler 1984), they are observed to have lower star formation rates (Os-
terbrock 1960; Dressler et al. 1985; Balogh et al. 1997), lower amounts of gas (Giovanelli
and Haynes 1983) and di�erent abundances of the di�erent galaxy types (Hubble and
Humason 1931; Oemler 1974; also see Sec. 2.5). Understanding galaxy clusters and their
interactions with galaxies is therefore an important aspect of studying galaxy evolution.

In addition, the ICM itself exhibits interesting properties that make galaxy clusters a
laboratory for a range of special physical phenomena. They enable to study the physics
of processes at high energies, as the ICM is a hot, magnetized (Taylor and Perley 1993;
Govoni and Feretti 2004) plasma and interacts with highly energetic relativistic particles,
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so-called cosmic rays (Ruszkowski and Pfrommer 2023). The magnetic interaction gives
rise to di�use radio synchrotron emission in the centers of galaxy clusters and in their
outskirts (radio halos and radio relics, respectively; van Weeren et al. 2019; also see
Fig. 2.2). Due to the high temperatures of the ICM (Mushotzky et al. 1978), galaxy
clusters are luminous emitters of thermal bremsstrahlung, making them observable as
bright X-ray sources (see Fig. 2.2; also see e.g. Forman and Jones 1982; Sarazin 1986)
and resulting in a cooling of the ICM (see Sec. 2.4.3 for details on radiative cooling).
The accretion of mass onto supermassive black holes, so-called active galactic nuclei,
in turn provides substantial heating to the ICM (Mittal et al. 2009), and the ICM is
shaped by this interplay of cooling and heating. Galaxy clusters are found to exhibit
di�ering thermal properties, with the so-called cool-core clusters having lower central
temperatures and short time scales of radiative cooling, and non-cool-core clusters having
longer cooling times and elevated central temperatures (Molendi and Pizzolato 2001;
Hudson et al. 2010). This bimodality of galaxy clusters is also observed for other central
thermal properties Cavagnolo et al. (2009) and remains an important aspect of research.

Finally, galaxy clusters are an important probe for cosmology. As galaxy clusters
are the most massive objects produced by cosmological structure formation, studying
cluster abundances and populations enables to draw conclusions on cosmic structure
formation and thus to constrain cosmological models and parameters (Voit 2005; Allen
et al. 2011). To this end, observations of the Sunyaev-Zel'dovich (SZ) e�ect are par-
ticularly useful. The SZ e�ect arises from the interaction of photons from the cosmic
microwave background (CMB) with hot electrons in the ICM, leading to inverse Comp-
ton scattering that shifts CMB photons to higher frequencies (Sunyaev and Zeldovich
1970). As the resulting distortion of the CMB spectrum does not depend on the cluster
redshift, the SZ e�ect is a useful tool for the study of galaxy clusters at high redshifts
(Planck Collaboration et al. 2016b).

2.4. Astrophysical processes

In the following, astrophysical processes that are relevant to this thesis will be discussed,
with a focus on aspects of the physics of the ISM and the ICM and their mathematical
description. Further, the interaction of the stellar component with the ambient gas in
galaxies is described. Finally, as galaxies often do not reside in isolated environments
but interact with other galaxies and galaxy clusters, these interactions will be discussed
in the last part of this section, thereby connecting the physics of galaxies and galaxy
clusters to the subject of this thesis, ram pressure stripping. Much of this section is
based on the lecture notes from Pfrommer (2024) and is discussed in detail there.
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2.4.1. Fluid dynamics

Astrophysical media like the ISM or the ICM can be well described within the picture
of �uid dynamics. Although, especially, the ICM generally is in the plasma state, i.e.
it consists of ions and electrons, and forces due to magnetic �elds are important, an
instructive description already follows from the purely hydrodynamic picture, neglect-
ing the impact of magnetic �elds. Rather than the individual particle level, the �uid
description considers media as continuous �uids with density and velocity �elds. Given
the low densities especially of the ICM, at �rst sight, it may seem counterintuitive to
consider it as a continuous medium. However, the key requirement for the applicability
of �uid mechanics is that the size of the system is much larger than the particle mean
free path, i.e. the typical length scale on which particle interactions are relevant. The
mean free path in an ionized plasma can be estimated as (Pfrommer 2024)

� mfp � 4:6
� n

10� 3 cm� 3

� � 1
 

kBT
6 keV

! 2

kpc (2.23)

wheren and T denote the number density and the temperature of the plasma. In galaxy
clusters, this length scale is hence of the order of a fewkpc and thus much smaller than
the extent of a galaxy cluster (� Mpc) (see, e.g. Pfrommer 2024). For comparison,
in galaxies, where the temperature is at least two orders of magnitude lower and the
density is at least one order of magnitude larger (Ferrière 2001), the mean free path is
generally far below thepc scale.

The evolution of the �uid quantities in the hydrodynamic picture is described by
conservation equations that can be derived as
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+ r · (�~v ) = 0 ; (2.24)
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where � , ~v, � and Ptherm denote the mass density, the velocity, the speci�c internal
energy, and the thermal gas pressure of the �uid, and� and 	 denote the viscous stress
tensor and the viscous dissipation rate.~Q denotes the conductive heat �ux and~g the
gravitational acceleration. Accordingly, local changes of the mass density may only occur
due to advection. The momentum of �uid parcels can change locally via advection and
forces due to external gravity, pressure gradients, and viscous forces. The local internal
energy can change through the advection of internal energy, adiabatic compression and
expansion, viscous forces, and heat conduction. Discontinuous changes of �uid quantities
occur at shocks (see Sec. 2.4.2). Equivalent to the conservation of internal energy (eq.
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2.26), one can formulate a conservation law for the speci�c entropys as

�T
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2.4.2. Shocks

If the local �uid speed exceeds the sound speed,

cs =

s



Ptherm

�
; (2.28)

where
 = 1+2 =f is the adiabatic index andf denotes the number of degrees of freedom,
a shockoccurs, generating discontinuities in the �uid properties. For a non-relativistic
medium, f = 3 and 
 = 5=3.

From the conservation laws (2.24)�(2.26), one can derive jump conditions that de-
scribe the changes in the �uid quantities at the discontinuity. To this end, an upstream
and a downstream region are considered, with the �uid coming from the upstream re-
gion. To derive the jump conditions, the �uid quantities are assumed to have constant,
steady-state values� 1; v1; Ptherm1 ; � 1 and � 2; v2; Ptherm2 ; � 2 upstream and downstream
of the shock. Further, the velocity is assumed to be perpendicular to the discontinuity.
Therefore, there is a mass �ux through the discontinuity. The Rankine-Hugoniot jump
conditions following from these assumptions in the rest frame of the discontinuity read
as (see e.g. Pfrommer 2024)

[�v ] = 0; (2.29)
h
�v 2 + Ptherm
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= 0; (2.30)
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Here, the brackets are de�ned as

[f (�; v; P therm ; � )] = f (� 1; v1; Ptherm1 ; � 1) � f (� 2; v2; Ptherm2 ; � 2): (2.32)

The strength of the shock is characterized by theMach number, which is the ratio of
the �ow velocity v1 to the sound speedcs1 (eq. 2.28) in the upstream region,
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wherekB is the Boltzmann constant and�m is the mean particle mass. Generally, a shock
slows the upstream medium down and compresses and heats it. Between the upstream
and the downstream region, there is a transition layer in which the �uid description
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breaks down. In the transition layer, viscous e�ects dissipate energy. Therefore, shocks
generate heat and entropy and are irreversible phenomena.

Tangential discontinuities are discontinuities without a mass �ux trough the discon-
tinuity, i.e., the upstream and downstream velocity components perpendicular to the
discontinuity are zero. If such tangential discontinuities additionally have continuous
tangential velocities, they are calledcontact discontinuity.

2.4.3. Radiative cooling

Astrophysical media usually have high temperatures and are often partially or fully
ionized (they are in theplasma-state). Especially in the presence of charged particles,
various processes can lead to the emission of radiation whose energy is provided by the
thermal energy of the medium. Such processes, i.e. the emission of radiation that leads
to a loss of thermal energy, are calledradiative cooling. There are di�erent processes
contributing to radiative cooling:

Free-free emission. In the presence of ions, free electrons can be scattered due
to the Coulomb force. The de�ected electrons consequently emit X-ray radiation. The
X-ray emissivity of a plasma, i.e. the energy radiated away in the form of X-rays over
all frequencies per time and unit volume, scales as (see e.g. Pfrommer 2024)

j � neni

q
kBT ; (2.34)

where ne and ni are the number densities of electrons and ions. In the case of quasi-
neutrality, i.e. if all charges in the plasma approximately sum up to zero,neni � n2,
where n is the total number density of particles, so that the total X-ray emissivity
increases with the square root of the temperature and with the square of the density.
At high temperatures, free-free emission is the dominant channel for radiative cooling.

Emission due to collisional excitation. Collisions of a particle with an atom or
an ion can excite electrons bound to the atom or ion to a more energetic state. The
energy that is consumed for the excitation reduces the kinetic energy of the colliding
particle and thus the thermal energy of the particle ensemble, and is eventually radiated
away as line emission (or continuum emission in the case of the generation of multiple
photons) when the excited electron relaxes to the ground state. The colliding particles
need to have su�ciently high kinetic energies to produce excited states of ions and atoms
so that radiative cooling via collisional excitation is more e�cient at high temperatures.
In the case of excitation of atoms and ions of metals, i.e. elements with higher atomic
number than helium, the number of possible excited states and thus the number of
possible transitions is particularly high, and many of these transitions are available at
temperatures at which hydrogen and helium (the primordial gas components) are already
fully ionized and are therefore no longer available for collisional excitation. This channel
of radiative cooling is separately denotedmetal cooling . In addition and in particular,
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Figure 2.3.: Cooling rate as a function of temperature for a low metallicity gas, accounting
for di�erent cooling processes (taken from Thoul and Weinberg 1995). At high
temperatures (how high depends on metallicity, see e.g. Revaz et al. 2009),
cooling is dominated by free-free emission. The interplay of multiple processes
makes cooling at intermediate temperatures very e�cient. At low temperatures,
a low metallicity gas cannot e�ciently cool.

the additional transitions from metal cooling allow for cooling to lower temperatures
than the transitions of primordial gas alone.

Emission due to recombination. Ions in the plasma may capture free electrons
and emit the electron's former kinetic energy and the binding energy in the form of
radiation, thereby reducing the thermal energy reservoir of the plasma.

Inverse-Compton cooling. Free electrons can be scattered on photons (e.g. pho-
tons from the cosmic microwave background) and increase the photon energies at the
expense of thermal energy.

Molecular cooling. Molecules possess rotational and vibrational degrees of freedom
that are connected to their geometry. Thermal excitation of such modes o�ers another
channel for the emission of radiation and thus for radiative cooling. Because molecules
form only at su�ciently low temperatures, molecular cooling is only available at low
temperatures. For the ICM, the contribution of this process to radiative cooling is
negligible.

Another process that contributes to the cooling of a plasma iscollisional ionization ,
consuming thermal energy to unbind electrons from atoms or ions. The interplay of the
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di�erent cooling processes adds up to a cooling rate that is a function of temperature
(see Fig. 2.3). Generally, if cooling is faster than thermal conduction, i.e. di�usion
of thermal energy cannot smooth out temperature gradients, a �uid becomes thermally
unstable and forms dense and cold condensed clouds (Field 1965; also see below and
Sec. 2.5.3).

2.4.4. Heating, mixing and instabilities

Several astrophysical processes can lead to a heating of astrophysical plasmas. For in-
stance, heat can be generated by shocks (see above) or feedback (see Sec. 2.4.6). In
addition, radiative processes can contribute to heating. For instance, photoionization,
i.e. the process of unbinding an electron by a su�ciently energetic photon, transfers
energy from the photon to the consequently free electron and thus contributes to the
thermal energy of the plasma. The ionizing radiation can for example be X-rays or ener-
getic UV-radiation from the cosmic UV-background, originating from various processes
such as stellar radiation or AGN-activity (see Sec. 2.4.6). Depending on the energy of
the radiation, radiation can propagate di�erently far into regions of neutral gas so that
the inner parts of these regions are shielded from ionization. The penetration depth is
larger for more energetic radiation.

Similarly to photoionization heating, photoelectric heating can unbind electrons from
dust that then contribute to the thermal energy. In addition, particles such as protons
and electrons can be accelerated at shocks and in turbulence, generating so-called cosmic
rays that interact with the ambient medium, thereby increasing its thermal energy.

Another process that provides heating in astrophysical plasmas and gases is turbu-
lence. Turbulence can for instance be produced by �uid instabilities at the interface of
two �uid components with di�erent �ow velocities (Kelvin-Helmholtz instability). Tur-
bulent �ows exhibit irregular �ow patterns, and �uid motions occur on a broad range of
length and time scales. At their smallest scales, turbulent �ows dissipate kinetic energy
and produce heat. In addition to heating, turbulence results in a mixing of di�erent
�uid components, e.g. hot and cold phases, and can either dissolve cold clouds or, by
mixing of di�erent phases to intermediate temperatures and thus changing their cooling
properties, lead to a cloud growth (Armillotta et al. 2017; Gronke and Oh 2018; Sparre
et al. 2020; Abruzzo et al. 2023). This is particularly relevant for the tails of ram pressure
stripped galaxies and will therefore be discussed in detail in Sec. 2.5.3.

2.4.5. Magnetic �elds

The hydrodynamic �uid description as given above neglects the impact of magnetic
�elds. The time evolution of quantities describing a magnetized, quasi-neutral (i.e.,
the charges in the �uid add up to zero) �uid are given by the equations ofmagneto-
hydrodynamics(MHD). As already in the hydrodynamic description, the MHD-equations
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do not explicitly consider the particles that compose the considered medium but provide
an e�ective description of it as a single �uid of density� , velocity ~v, thermal gas pressure
Ptherm , magnetic �eld strength ~B, electric current density~j and speci�c entropy s. In
ideal MHD, the viscosity and the resistivity of the �uid are set to zero (or, equivalently
to the latter condition, the conductivity is assumed to be in�nite) so that viscous and
ohmic dissipation are neglected. The equations of ideal MHD are given as (see e.g.
Pfrommer 2024)
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Here, I denotes the identity matrix, and the term ~B ~B T indicates an outer product.
Eqs. (2.35)�(2.38) are similar to the pure hydrodynamic equations (2.24)�(2.27) and
only di�er from the latter by neglecting viscous forces and by including magnetic �elds.
Eq. (2.35) is the mass continuity equation and describes the conservation of mass. Eq.
(2.36) is the momentum equation, describing conservation of momentum, with the forces
due to thermal pressure gradients and the Lorentz force~j � ~B on the right-hand side. Eq.
(2.36) moreover shows how these forces can be rewritten in terms of a magnetic pressure,
~B 2=(8� ), that together with the thermal gas pressure adds up to a total pressure, and
a magnetic curvature forcer

�
~B ~B T

�
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correct separation of the Lorentz force into a pressure forcef p and a curvature force
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· r (Pfrommer 2024). The magnetic pressure

force then acts perpendicular to the magnetic �eld lines and results from gradients of
the magnetic �eld strength in this direction. The magnetic curvature force in turn
leads to magnetic �eld lines resisting bending and straightens out curvatures (Pfrommer
2024). Eq. (2.37) shows that entropy is conserved for ideal MHD. Eq. (2.38) is the
induction equation, governing the local time evolution of magnetic �elds. The second
term in (2.38) shows that magnetic �elds are convected with the �ow. In fact, combining
eq. 2.38 with the continuity equation (2.35) and Maxwell's equation on the absence of
magnetic monopoles,r · ~B = 0, yields the �ux-freezing equation
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It states that any two �uid parcels that are connected by a magnetic �eld line at some
time will remain connected by this �eld line for all times. The magnetic �eld is hence
frozen into the �ow.

A particular phenomenon in magnetized plasmas as the ICM that is of special rele-
vance for ram pressure stripping ismagnetic draping(Dursi and Pfrommer 2008). Ob-
jects moving through a magnetized plasma with a speed above the so-calledAlfvén-speed
can sweep up a magnetic layer (Bernikov and Semenov 1979) . The Alfvén speed is given
as vA = B=

p
4�� and is a characteristic speed of plasma waves. Here,B and � denote

the magnetic �eld strength and the density of the plasma, respectively. The swept up
magnetic layer can then be draped around the object, and the strength of the magnetic
�eld in the layer is then given as (Dursi and Pfrommer 2008)

B =
B0q

1 � R3=(R + s)3
�

s
R
3s

B0; (2.40)

where B0 is the magnetic �eld strength of the ambient plasma,s is the distance to
the stagnation point (the point directly facing the stream and where the velocity of
the �ow relative to the object is zero) andR is the curvature radius at the stagnation
point. In fact, the magnetic �eld in the draping layer can grow to dynamically signi�cant
magnitudes, and its magnetic pressure can become large enough to form a protective
layer around the object, such as a ram pressure stripped galaxy and its tail. Interestingly,
the magnitude of the magnetic pressure is directly related to the magnitude of ram
pressure via (Dursi and Pfrommer 2008)

PB �
B 2

8�
= ��v 2 � �P ram (2.41)

where the constant of proportionality is� � 2. Notably, the magnetic pressure in the
draping layer is fully independent of the magnetic �eld strength in the ambient medium.
For a galaxy with radius of a few tens ofkpc, the thickness of the draping layer can be
estimated as a few hundredpc (Dursi and Pfrommer 2008), and the stabilizing e�ect
of the draping layer around the enclosed material against �uid instabilities even holds
against modes with wavelengths larger by a factor of 10 than this scale (Dursi 2007).

2.4.6. Feedback

Naively, the e�ciency of transforming a given amount of gas into stars in a galaxy
would be primarily limited by the time it takes for the gas to cool to su�ciently low
temperatures (thereby reducing the thermal pressure of the gas) and that allows it
to eventually collapse to compact objects. As the time scale on which radiative cooling
occurs can typically be assumed to be smaller than the typical time scale of the formation
of galaxies (comparable to the order of magnitude of the age of the universe), one would
expect that most of the baryonic mass in galaxies would be found in stars, and that their



Physical background 19

mass fraction with respect to the total mass of the galaxy would be similar to the cosmic
baryon fraction. However, the statistically found ratios of stellar to total halo masses
(see e.g. Moster et al. 2010) suggests that star formation is less e�cient than it would
be within this simpli�ed picture. Therefore, there have to be mechanisms at play that
reduce the e�ciency of star formation. Particularly in low-mass galaxies, feedback by
supernova explosions probably is an important mechanism responsible for this property
while for higher-mass galaxies, feedback by so-called active galactic nuclei (AGN) seems
to be the relevant mechanism reducing star formation.

Stellar feedback provides additional energy to the interstellar medium especially
via explosions of stars (see e.g. Larson 1974; McKee and Ostriker 1977; Dekel and Silk
1986). A supernova (SN) occurs either when a massive star at the end of its lifetime
collapses (core-collapse SN) or due to a merger of two white dwarfs (thermonuclear/type
Ia SN). Core-collapse SNe take place as soon as nuclear fusion ceases to liberate a
su�cient amount of energy to create a su�ciently high pressure that stabilizes a massive
star against gravitational collapse. They result in the ejection of metal-enriched material
and an outward traveling shock that carries a large amount of kinetic energy and heats
the ambient gas. In addition to that, massive stars already before the SN-explosion itself
release large amounts of energy via the emission of energetic radiation and the ejection
of material. For type Ia SNe, two carbon-oxygen white dwarfs (i.e. the remnants of
intermediate and low mass stars at the end of their lifetimes) that initially exist in a
binary system collide as soon as they have lost a su�cient amount of orbital angular
momentum. Overall, SNe inject thermal energy into the ISM and may even lead to
out�ows of material out of a galaxy or prevent the in�ow of additional material into the
galactic disc and thereby partially prevent the formation of clouds of cold, condensed
gas, eventually reducing the e�ciency of star formation (for further details, see e.g.
Pfrommer 2024).

AGN feedback in massive galaxies occurs due to the accretion of mass onto a
supermassive black hole in the center of the galaxy. During accretion, the infalling gas
is heated, releasing large amounts of energy and possibly launching relativistic out�ows
of material. Like supernova feedback, AGN feedback eventually prevents the formation
of cold gas clouds and reduces the e�ciency of star formation (Di Matteo et al. 2005;
Schawinski et al. 2006). In addition to its impact on star formation in galaxies, AGN
activity at the centers of galaxy clusters also a�ects the ICM (for further details, see e.g.
Pfrommer 2024).

2.4.7. Interactions of galaxies and galaxy clusters

Galaxies are not only shaped internal processes but also by the interaction with their
environment. One of these interaction mechanisms is ram pressure stripping, i.e. the
interaction of a galaxy that, for instance, moves through the ICM of a galaxy cluster,
removing large fractions of the gaseous component of the galaxy. This process will be
extensively discussed in Sec. 2.5. As ram pressure stripping may occur simultaneously
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or in similar environments as other e�ects, it is important to distinguish the impacts
of di�erent interaction processes. Besides ram pressure stripping, the most important
interaction processes of galaxies in a cluster environment with other galaxies or with the
cluster potential itself are tidal interactions and dynamical friction.

Tidal interactions

The encounter of a galaxy with another galaxy and the in�uence of the gravitational
potential of a galaxy cluster modify the gravitational potential of the galaxy in which
stars and gas orbit. Thereby, the orbits and thus the distribution of stars and gas in
the galaxy get modulated. Under certain circumstances, this may lead to stripping of
stars and gas from the galaxy (tidal stripping). The key property of tidal stripping that
distinguishes this process from ram pressure stripping is that the former directly a�ects
every gravitationally interacting component of a galaxy, i.e. both dark matter, stars
and gas, while the latter only a�ects the gaseous component of the galaxy directly (for
further details on tidal interactions, see e.g. Pfrommer 2024).

Dynamical Friction

When a galaxy orbits in a galaxy cluster, it moves through the dark matter distribution of
the galaxy cluster. In doing so, the galaxy exerts a gravitational pull on the surrounding
dark matter. Rather than accreting dark matter onto the galaxy, the dark matter is
pulled into the wake of the moving galaxy, creating an overdensity behind the galaxy
that in turn exerts a gravitational pull onto the galaxy and thus slows it down on its
orbit. The reduction of the kinetic energy and orbital angular momentum of the galaxy
causes a continuous shift of the orbit of the galaxy towards the center of the galaxy
cluster. As the gravitational force of the galaxy is proportional to its mass, massive
galaxies are stronger a�ected by dynamical friction (for further details on this process,
see e.g. Pfrommer 2024).

2.5. Ram pressure stripping

When an object moves with a velocityv through a gaseous medium of density� , the
medium will exert a ram pressure force on this object. For example, this is the case
for a galaxy moving through the ICM of a galaxy cluster. In the reference frame of the
galaxy, the ICM that moves relative to the galaxy has a momentum density� � ICM vgal.
The momentumdp of a volume elementdV that streams towards the galaxy through a
cross section elementdA during the time dt is hence given by

dp
dA dt

= � � ICM vgal
dV

dA dt
: (2.42)
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The left-hand side expresses a momentum change in a surface element which is equal
to a force per surface area which in turn is equal to a pressure � theram pressure.
Identifying dV =(dA dt) = d x? =dt = v? as the velocity of the ICM relative to the galaxy2

and inserting v? = � vgal, the ram pressure that the ICM exerts on the galaxy is then
given by (Gunn and Gott 1972)

Pram = � ICM v2
gal: (2.43)

If the ram pressure is large enough to overcome the force that binds the gas (ISM, CGM)
in the galaxy to the halo of the galaxy, the gas can be removed from the galaxy. This
process is calledram pressure stripping(RPS).

The circumstances under which RPS may happen will be explored in Sec 2.5.1. If
considerable amounts of the gas content of a galaxy get removed, the absence of gas will
reduce the amount of star formation and thus in�uence the subsequent evolution of the
galaxy, as well as the deposition of this gas in the ICM will in�uence the evolution of
the galaxy cluster. These e�ects will be presented in Sec. 2.5.2. One of the most char-
acteristic e�ects of RPS is the formation of elongated gaseous tails of stripped material
along the galaxy's orbit. Sec. 2.5.3 will provide a description of these gaseous tails. Such
tails are not only a striking morphological feature, expressed in the description of these
galaxies asjelly�sh galaxies, but also a laboratory for a range of peculiar phenomena.

2.5.1. Conditions for ram pressure stripping

A simple criterion for gas being stripped from a galaxy was suggested by Gunn and Gott
(1972) as the ram pressure (eq. 2.43) exceeding the gravity by which the gas in the ISM
and the CGM is bound to the galaxy,

Fgrav;max = M gas

�
�
�
�
�
@�
@z

�
�
�
�
�
max

; (2.44)

wherez is the coordinate perpendicular to the disc of the galaxy. Gravity in the disc of
a galaxy is suitably treated by assuming a thin disc with potential according to Kuzmin
(1956),

�( R; z) = �
GM �q

R2 + ( a + jzj)2
; (2.45)

where the stellar mass in the disc is denoted byM � and the distance to the disc center
in the plane of the disc is denoted byR =

p
x2 + y2. G denotes the gravitational

constant. Here,a is a positive parameter, removing the central singularity of a point
mass potential that follows fora = 0. With a > 0, �( R; z) according to eq. (2.45)
is continuous everywhere with respect toz and continuously di�erentiable everywhere

2The subscript ? indicates the dimension normal to the cross sectiondA facing the momentum stream.
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with respect to R. Taking the derivative with respect to z for z � 0, one obtains

@�
@z

= GM �
a + jzj

(R2 + ( a + jzj)2)3=2 ; (2.46)

where the maximal value follows forz = 0 as
�
�
�
�
�
@�
@z

�
�
�
�
�
max

= GM �
a

(R2 + a2)3=2
: (2.47)

To simplify this expression, one needs to consider the general properties of the density
function of disc galaxies. With the stellar density for a thin disc being given by

� � (R; z) = � � (R)� (z); (2.48)

where � (z) denotes the Dirac delta distribution, one may integrate Poisson's equation
�� = 4 �G� to obtain

Z

V
d3r �� = 4 �G

Z

V
d3r� � (R; Z ): (2.49)

Applying Gauss's theorem on the left and performing the integration on the right of eq.
(2.49) with respect toz, one obtains

Z

@V
dS · r � = 4 �G

Z

R;�
RdRd� � � (R): (2.50)

The domain of integration can now be chosen as a cylinder with top and bottom base
parallel to the disc plane, with symmetric extents above and below thez = 0 plane
and with su�ciently small radius such that variations of � � (R) become negligible. In-
tegration on the left-hand side of eq. (2.50) along the shell (i.e. the lateral area) of
the cylinder then yields vanishing contributions since the surface normals on opposite
sides of the lateral area are antiparallel, but the gradients of the potential are parallel
(further details of this derivation can be found in Bovy 2026, in press). Integration on
the left-hand side of eq. (2.50) along the top base and the bottom base of the cylinder,
having surface normals inz-direction, can be performed by considering the limit of the
height of the cylinder as in�nitesimally small. Using the symmetry of the gradient (eq.
2.46) of the potential around thez = 0 plane and with the surface normals below and
above the plane pointing in opposite directions, the integration on the left-hand side of
eq. (2.50) yields2 (@� =@z)z=0 times the surface area of the cross section of the cylinder.
The integral on the right-hand side of (2.50) yields the stellar surface density� � (R)
times the area of the cross section of the cylinder, so that the latter can be canceled out
as a coe�cient on both sides of eq. (2.50), eventually providing the result

@�
@z

(z = 0) = 2 �G � � (R): (2.51)
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Recalling that eq. (2.47) provided(@� =@z)z=0 = j@� =@zjmax , the maximal gravita-
tional force along thez axis (eq. 2.44) per unit area can be expressed using eq. (2.51),

Fgrav;max

A
=

M gas

A
2�G � � (R) = 2 �G � � (R)� gas(R); (2.52)

so that the criterion for RPS becomes (Gunn and Gott 1972)

� ICM v2
gal > 2�G � � (R)� gas(R): (2.53)

This criterion holds for the ram pressure acting perpendicularly to the plane of the
galaxy. With the galaxy generally being inclined with respect to its velocity vector,vgal

generally needs to be replaced by the velocity component that is perpendicular to the
plane of the galaxy.

Eq. (2.53) shows that the occurrence of RPS depends on both the properties of the
galaxy (� gas; � � ) as well as the environment that it is moving through (� ICM ) and its
orbital properties (vgal). Inserting typical values for galaxies similar to the Milky Way
(M � � 6 � 1010 M � , e.g. Licquia and Newman 2015; McMillan 2016, 2011;M ISM �
1 � 1010 M � , e.g. Nakanishi and Sofue 2015; McMillan 2016;R � 15 kpc, e.g. Goodwin
et al. 1998; McMillan 2016) on the right-hand side of (2.53) and assuming a typical
velocity (velocity dispersion� v � 700 km s� 1 in the Virgo cluster, e.g. Kashibadze et al.
2020; Zhao Jun-liang et al. 1992), one obtains a threshold density of about� ICM =
4:5 � 10� 27 g cm� 3. For comparison, adopting the values from Planck Collaboration et
al. (2020) to compute the critical density (eq. 2.6), one obtains� cr = 8:6 � 10� 30 g cm� 3

and thus � vir = 200 � � cr = 1:7 � 10� 27 g cm� 3 as the mean density of a virialized halo.
Moreover, given that galaxy clusters typically exhibit central densities of the order of
103 � cr or above (Pratt et al. 2022) which in turn is of the order of10� 26 g cm� 3, these
results indicate that the RPS criterion (eq. 2.53) should typically be ful�lled for Milky-
Way-like galaxies towards the center of a massive cluster. Since the gas is less bound
in lower mass halos because they have lower stellar surface densities (e.g. lower central
surface density in galaxies with less stellar mass than in galaxies with larger stellar mass,
see eq. (2.21) and e.g. Mosleh et al. 2017), the RPS criterion is even more likely to be
ful�lled for galaxies of smaller masses.

A thorough analysis of the circumstances under which the conditions for RPS are
ful�lled is given in Boselli et al. (2022). To this end, it is important to consider that
the gravitational binding of the gas in the discs of galaxies depends on the position in
the galaxy. Gas in the outskirts of a galaxy is less bound to the potential of the galaxy
than the gas in its center so that RPS of gas from the outskirts of a galaxy occurs
already for lower magnitudes of ram pressure than for the gas in its center. Inserting
the stellar and gaseous mass pro�les, eqs. (2.21) and (2.22), in the RPS criterion, eq.
(2.53), and rearranging for the radius at which both sides are equal provides a measure
for the radial distanceR to the disc center outside which ram pressure can strip gas,
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which is the stripping radius (Domainko et al. 2006),

Rstrip = R0�

 

1 +
R0�

R0gas

! � 1

ln

 
GM � M gas

2�� ICM v2
galR

2
0� R2

0gas

!

: (2.54)

Accordingly, galaxies of higher stellar and gaseous masses can retain their gas against
a given ram pressure up to higher distances to their centers. At �xed masses, a higher
ram pressure can strip a galaxy down to smaller radii. An estimate for the fraction of
the total mass that can therefore be stripped from the galaxy is obtained by integrating
the gas surface density (eq. 2.22) outside the stripping radius (Domainko et al. 2006),

M strip =
Z 1

Rstrip

Z 2�

0
RdRd� � gas(R) = M gas
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R0gas
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Rstrip

R0gas

!

; (2.55)

which is a measure that is in good agreement with observations (Fossati et al. 2012).
Because the stripped mass is larger for smaller stripping radii, the gas fraction that can
be stripped is larger for a larger ram pressure and for less massive galaxies.

Boselli et al. (2022) computed the stripping radius (eq. 2.54) in di�erent dense
environments (Virgo cluster,M 200c � 1014 M � , Simionescu et al. 2017; Coma cluster,
M 200c � 7 � 1014 M � , Gavazzi et al. 2009; group of galaxies,M tot = 4 � 1013 M � ; at
R200c, 0:5R200c, 0:2R200c, respectively) as a function of the stellar mass. Their analysis
(as depicted in �gure 3 in Boselli et al. 2022) shows that in a massive cluster like Coma,
galaxies with stellar masses below109 M � at a distance ofR200c to the cluster center
have a stripping radius of the order of the stellar scale-lengthR0� . Assuming equal scale-
lengths for the gas and the stellar mass pro�le and considering eq. (2.55), this implies
that RPS at the virial radius of a massive cluster can remove more than70percent of the
gas content of such galaxies. As also shown in �gure 3 in Boselli et al. (2022), a similar
fraction of the gas content can be removed from galaxies withM � < 109:5 M � at distances
of 0:5R200c and for galaxies withM � < 1010:5 M � at distances of0:2R200c to the cluster
center. Rstrip drops to zero (i.e., the entire gas content is removed from the galaxy)
for galaxies with M � < 109:2 M � at 0:5R200c and for galaxies withM � < 1010:2 M � at
0:2R200c in Coma (Boselli et al. 2022). Thus, for a galaxy in a massive cluster on an
orbit with a passage close to the cluster center, RPS should be extremely e�cient even
for Milky-Way-like galaxies. At distances of0:2R200c to the cluster center of Virgo,70
percent of the gas content of galaxies withM � < 1010 M � and the entire gas content
of galaxies withM � < 109:5 M � can be removed by RPS. AtR200c of Virgo, only a few
percent of the gas content of a galaxy withM � � 1010 M � can be stripped so that RPS is
rather ine�cient for these galaxies outside the virial radius of Virgo (Boselli et al. 2022).
In galaxy groups, RPS can play a signi�cant role for dwarf galaxies (Boselli et al. 2022).
With a similar analytical approach, Hester (2006) �nds that Milky Way-like galaxies
can be fully or nearly fully stripped if they orbit inside a1015 M � galaxy cluster.

One shortcoming of such analytical approaches is the necessity to assume typical
values for properties of the galaxy's orbit, such as its orbital velocity or its smallest
distance to the cluster center. However, both the orbital velocity and the distance to
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the cluster center change along the orbit, and RPS does not occur instantaneously but
rather over characteristic time scales. A next step towards estimating the importance of
RPS is thus considering its typical time scales. Such an analysis was performed by Oman
et al. (2021) and found that gas stripping in massive clusters typically occurs until the
�rst pericenter passage of a galaxy. In massive galaxy groups, stripping should happen
on time scales of a few Gyr (Oman et al. 2021). Although emphasizing the key role of
RPS, these considerations however do not unambiguously attribute the stripping e�ects
to the acting of ram pressure and they may as well be the result of its joint acting along
with tidal e�ects (see Sec. 2.4.7). For making solid predictions on the role of RPS, it is
hence important to explicitly simulate this process and to realistically take into account
the evolution of the orbital properties of galaxies.

Besides these theoretical considerations, there is abundant observational evidence for
the important role of RPS in galaxy clusters. For example, in the Coma cluster, 17 out of
a sample of 27 late-type-galaxies are proven to undergo RPS (Gavazzi et al. 2018). Also
in lower mass clusters like Virgo, several galaxies undergoing RPS have been identi�ed
(e.g. Chung et al. 2007). For the galaxy cluster Abell 1367 (M 200c � 4 � 1014M � , Rines
et al. 2003; Comerford and Natarajan 2007; thusR200c � 1:5 Mpc with eq. (2.16) and
h � 0:68), observations presented in Scott et al. (2022) even �nd evidence for substantial
RPS acting at distances to the cluster center slightly larger than the cluster's virial radius
(R = 1:8 Mpc) and thus rather in the outskirts of the cluster. In an analysis of 29 galaxy
clusters and 498 galaxy groups, Roberts et al. (2021b) �nds that about 20 percent of
the star forming galaxies in galaxy clusters are currently observed to undergo RPS.
The study moreover �nds that RPS is less frequent in galaxy groups (1012:5M � h� 1 <
M halo < 1014M � h� 1), with both the frequency and the e�ciency of RPS being lower in
lower mass groups (Roberts et al. 2021b). In agreement with theoretical expectations,
the fraction of star-forming galaxies undergoing RPS is the largest for galaxies of high
velocities and for small distances to the halo centers, with thisexcessbeing larger for
galaxy clusters than for galaxy groups (Roberts et al. 2021b). Nevertheless, the number
of galaxies in galaxy groups undergoing RPS is not zero, underlining that RPS is not
a phenomenon that is exclusively limited to galaxy clusters. Both observations (e.g.
Grcevich and Putman 2009; Putman et al. 2021) of the local group and simulations (e.g.
Mayer et al. 2006; Simpson et al. 2018) also indicate that RPS can play an important
role for satellite dwarf galaxies of Milky-Way-like galaxies.

Based on simulations, Benítez-Llambay et al. (2013) suggested that dwarf galaxies
could undergocosmic web strippingwhen moving through the �laments of the cosmic
web outside galaxy clusters (also see e.g. Benavides et al. 2025). More generally, the
study presented in Tonnesen et al. (2007) found that, although RPS mostly acts within
a cluster's virial radius, there are cases in which RPS occurs considerably outside the
virial radius, these cases however being rather rare. Boselli et al. (2022) argues that
signi�cant cosmic web stripping might occur only for galaxies moving across �laments
rather than along them.

Finally, it is important to ask how the conditions that allow RPS to occur change over
the evolution of the universe. On the one hand, the typical density of the ICM of a cluster
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of �xed mass decreases for decreasing redshift since the background density and thus the
mean density of virialized halos decrease with the expansion of the universe (Kaiser 1986;
Fujita 2001). Therefore, the ram pressure in clusters of �xed mass is larger at higher
redshifts, and RPS plays a larger role in these clusters at higher redshifts (Fujita 2001).
On the other hand, when going to higher redshifts, the abundance of massive clusters
and thus of the environments in which RPS is most e�cient decreases. For example,
in the Millennium Simulation, the number density of dark matter halos of mass of the
order of 1015 M � roughly decreases by three orders of magnitude when going fromz = 0
to z = 1:5 (Springel et al. 2005). By studying the halo mass function using a suite of
60 N-body-simulations, Luki¢ et al. (2007) showed that the number density of clusters
with masses from1014 M � h� 1 to 1015 M � h� 1 decreases by about two orders of magnitude
when going fromz = 0 to z = 2 and by additional three orders of magnitude when going
from z = 2 to z = 3. This is a consequence of hierarchical structure formation (see
Sec. 2.1.2): galaxy clusters are the most massive dark matter halos, and they are the
structures that emerge the latest from structure formation. Virialized galaxy clusters
form from proto-clusters. Proto-clusters emerging not earlier than atz = 5, galaxy
clusters typically form out of proto-clusters aroundz = 1 and not earlier than z � 2,
with the latter applying for the clusters that become the most massive instances atz = 0
(Chiang et al. 2013; Muldrew et al. 2015; Overzier 2016).

Hence, one would expect RPS to be relevant for galaxies at low and intermediate
redshifts. In fact, although observing galaxies at increasingly high redshifts gets more
di�cult, there are some examples of observations of galaxies undergoing RPS at inter-
mediate redshifts (e.g four galaxies undergoing RPS atz = 0:3 in Owers et al. 2012; one
galaxy undergoing RPS atz = 0:7 in Boselli et al. 2019; one galaxy presumably being
ram pressure stripped atz = 1:156 in Roberts et al. 2025). The results from McGee
et al. (2009) and Nantais et al. (2017) however suggest that the e�ciency of environ-
mental quenching processes (see Sec.2.5.2) like RPS rapidly decreases beyondz = 1:5,
roughly coinciding with galaxy cluster virialization.

The observational studies given above mostly focus on �nding galaxies that currently
undergo RPS, identifying them based on the tails that form from the stripped material
(see Sec. 2.5.3). To further estimate the abundance of galaxies in galaxy clusters that
have already undergone RPS and to thus obtain a more complete picture of the impor-
tance of RPS in galaxy evolution, it is important to understand the mechanisms through
which RPS in�uences galaxy evolution, which is the subject of the following section.

2.5.2. The impact of ram pressure stripping

The considerations in Sec. 2.5.1 show that many galaxies entering the environment
around a massive galaxy cluster undergo RPS. With RPS removing signi�cant fractions
of a galaxy's CGM and ISM and thus of the material out of which stars can be formed,
the potential for star formation in a galaxy undergoing RPS should be visibly reduced
compared to a galaxy in the �eld, i.e. a galaxy that is not part of a galaxy cluster.
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For this reason, RPS is believed to play a key role inenvironmental quenching. The
term refers to the observation that galaxies in galaxy clusters have lower star formation
rates (Osterbrock 1960; Dressler et al. 1985), even at distances to the cluster center of
twice the virial radius (Balogh et al. 1997). In addition, the fraction of galaxies that are
classi�ed as elliptical or lenticular is higher in high-density environments, such as galaxy
clusters, than in low-density environments (Hubble and Humason 1931; Oemler 1974;
Dressler 1980). The fraction of late-type galaxies like spiral and irregular galaxies is
accordingly reduced towards the cluster center. However, this gradient in morphology is
not su�cient to explain the lower star formation rates (SFR) in cluster galaxies. Rather,
this reduction is observed among all types of galaxies separately (Dressler et al. 1985).
Hence, the physical processes governing galaxy evolution in galaxy clusters must be
di�erent from those governing galaxy evolution in the �eld, and environmental e�ects like
RPS need to be taken into account to explain the observed quenching of star formation.
Model calculations and numerical studies have shown that RPS could serve as such an
environmental process that reduces the SFR of galaxies in galaxy clusters (Fujita and
Nagashima 1999; Abadi et al. 1999; Balogh et al. 2000), although RPS alone might not be
su�cient and would require the simultaneous acting of several environmental processes
(Abadi et al. 1999). Another piece of evidence that points towards the signi�cance of
RPS in shaping galaxy evolution in galaxy clusters is the increased de�ciency of atomic
(Giovanelli and Haynes 1983; Gavazzi et al. 2013; Boselli et al. 2016b) and molecular gas
(Boselli et al. 2014) in galaxies in high-density environments, especially towards cluster
centers. These properties are observed for galaxies in, for example, Virgo (Giovanelli
and Haynes 1983), Coma (Bravo-Alfaro et al. 2000) and Fornax (Loni et al. 2021). Thus,
the gas removal via RPS and the subsequent reduction of SFRs is assumed to play a key
role in explaining environmental quenching.

Besides the in�uence of RPS on the SFR of galaxies via removing parts of their gas
content, RPS might also in�uence AGN activity, although corresponding conclusions
are still ambiguous. While some studies suggest that the acting of ram pressure could
dissipate angular momentum of the disc gas and thus possibly enhance AGN activity
(Poggianti et al. 2017; Peluso et al. 2022), others do not con�rm this conclusion (Boselli
et al. 2022). Another �nding that challenges the former conclusion is that the AGN-
fraction seems to be lower in high-density environments (in terms of the number density
of galaxies; Kau�mann et al. 2004; Sabater et al. 2013), which might be due to a reduced
gas content related to stripping (Sabater et al. 2013). The �ndings of a recent study
(Kurinchi-Vendhan et al. 2025) based on the IllustrisTNG simulations however seem
to con�rm the former picture, showing that galaxies undergoing ram pressure stripping
contain particularly active supermassive black holes and luminous AGN and show signs
of AGN-feedback, especially for galaxies with high stellar masses. The authors conclude
that the compression of central gas in galaxies experiencing strong ram pressure drives
in�ows towards the galaxy center and thus increases accretion onto supermassive black
holes (Kurinchi-Vendhan et al. 2025).

RPS a�ects galactic discs outside-in: when a galaxy falls into a cluster and approaches
the cluster center, the density of the surrounding ICM and the orbital velocity of the
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galaxy and thus the ram pressure (eq. 2.43) increase. With the gas in the outskirts of
the disc being less bound than the gas in the central region (see eq. 2.45), the former
gas is stripped earlier than the latter, as indicated by eq. (2.54) and as found similarly
in observations (Cayatte et al. 1994). Due to the negligible cross section of the stars, the
stellar disc of galaxies undergoing RPS is initially not a�ected by RPS; however, there
are secondary e�ects that along with the overall quenching of the star formation in the
disc a�ect the stellar distribution of ram pressure stripped galaxies (Boselli et al. 2022).
On the one hand, strong ram pressure as experienced by galaxies during close passages
of galaxy cluster centers may lead to starbursts with transiently increased SFR (Bekki
and Couch 2003; Sparre et al. 2024a), which could be a result of a compression of gas in
certain regions of the disc (Boselli et al. 2021). On the other hand, the tail that is formed
from the gas that gets removed due to RPS can exert a drag force on the dark matter
and stellar component of the galaxy, leading to a displacement of the center of the galaxy
by several kiloparsecs with respect to the position of the galaxy on its unperturbed orbit
and, as a consequence of changes in the disc potential, resulting in a thickening of the
disc of the galaxy (Smith et al. 2012). Hence, RPS might even change the shape of
stellar orbits in the galaxy. In addition to the in�uence of RPS on the stars in the disc,
the tails of ram pressure stripped galaxies can provide conditions that enable new stars
to be formed within these tails. This phenomenon along with further properties of the
tails of ram pressure stripped galaxies will be further discussed in Sec. 2.5.3. As stars
may form in the tails of ram pressure stripped galaxies, RPS has an impact on galaxy
clusters even beyond the e�ects on the stripped galaxies themselves. In fact, Puchwein
et al. (2010) found that the formation of stars in stripped material could provide an
important contribution to the so-called intracluster light, i.e. stars in galaxy clusters
that do not reside in galaxies. Domainko et al. (2006) moreover concluded that ram
pressure stripped material constitutes an important contribution to the ICM mass and
plays an important role in enriching the ICM with metals.

2.5.3. The tails of ram pressure stripped jelly�sh galaxies

The previous sections have underlined that RPS can remove signi�cant fractions of the
gas content of late-type galaxies entering dense environments. The removed gas however
is typically not directly dissolved into the hot ICM, but rather remains as an elongated
�lament along the orbit of the galaxy. These tails that form out of the ram pressure
stripped material lead to calling such galaxiesjelly�sh galaxies. The tails of jelly�sh
galaxies typically reach tens of kiloparsecs into the ICM (Kraft et al. 2011; Jáchym
et al. 2019; Cramer et al. 2019), with the most extreme examples being extended up
to 100 kpc (Ramatsoku et al. 2020; Roberts et al. 2024). The material in the tails
is composed of neutral atomic (Ramatsoku et al. 2020), ionized (Gavazzi et al. 2001;
Fossati et al. 2012; Boselli et al. 2016a) and molecular gas (observable via CO-emission
lines, Moretti et al. 2018; Jáchym et al. 2019; Zabel et al. 2019). Moreover, even dust is
found in the tails of ram pressure stripped galaxies (Longobardi et al. 2020). The tails
are thus observable in the radio (neutral hydrogen; radio continuum from synchrotron
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Figure 2.4.: Left: composite image of optical observations of the Hubble Space Telescope of
the jelly�sh galaxy ESO137-001 and X-ray observations of the Chandra telescope
(blue di�use tail; credit: NASA, ESA, CXC). Right: jelly�sh galaxy JO206
with H � emission in red and magnetic �eld lines in green (credit: ESO/GASP
collaboration; Müller et al. 2021)

emission of cosmic rays, see Roberts et al. 2021a), infrared (dust), visible light (H�
emission, see Fig. 2.4), UV (George et al. 2018) and X-ray (hot gas, see Sun et al. 2006;
Randall et al. 2008; Sun et al. 2010; also see Fig. 2.4). The presence of many di�erent
components in the tails, observable in many parts of the electromagnetic spectrum, is a
result of the tails exhibiting a broad distribution of temperatures and densities (Zhang
et al. 2013; Jáchym et al. 2019). They are hencemultiphase. The di�erent phases in
the tails of jelly�sh galaxies seem to be closely correlated. Sun et al. (2021) found a
linear correlation between the surface brightnesses of X-ray and H� emission in the tails.
Hence, hot and warm gas seem to be correlated in the tails.

The usual picture of the origin of the multiphase tails of jelly�sh galaxies assumes
that the material in the tails mostly comes from the stripped ISM that eventually mixes
with the ICM (e.g. Sun et al. 2007; Franchetto et al. 2021). Recent simulations however
�nd that also the CGM plays an important role in forming the tails. The results from
Sparre et al. (2024b) indicate the existance of two distinct RPS regimes. In the weak
ram pressure regime, ram pressure cannot strip the majority of the ISM, and tails are
mostly formed by CGM gas that mixes with smaller fractions of ISM gas. Only in the
regime of strong ram pressure, as experienced by a galaxy closely passing the center
of a galaxy cluster, the tail is largely formed out of material that is stripped from the
ISM (Sparre et al. 2024b). The importance of the CGM for RPS and for the formation
of the tails of jelly�sh galaxies was similarly underlined by Ghosh et al. (2024), who
moreover found that RPS of the CGM depends mostly on the CGM to ICM density
contrast rather than on the magnitude of the ram pressure.

The fate of the gas after being stripped from a galaxy depends not only on the ram
pressure, but also on the kinematic structure of the tail and thereby on the inclination of
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the galaxy with respect to the direction of action of the ram pressure. Both observations
(Merluzzi et al. 2013) and simulations (Sparre et al. 2024a) show that conservation of
angular momentum can imprint the rotation pattern of the galaxy onto the gas in the
tail. For galaxies that are not stripped face-on, this createsfountain �ows (Sparre et al.
2024a), leading to parts of the stripped gas not being fully removed from the potential
well of the galaxy, but rather falling back onto the galaxy. Such a re-accretion was also
found in recent observations (Cramer et al. 2021; Souchereau et al. 2025). This fall-back
however seems to be prevented under the action of strong ram pressure at close passages
of cluster centers (Sparre et al. 2024a).

The mixing of di�erent phases plays an important role for stabilizing the tails of
jelly�sh galaxies so that they can reach up to 100 kpc into the ICM. Generally, a cold
cloud of stripped material in a hot environment like the ICM would be expected to
be quickly destroyed via Kelvin-Helmholtz instabilities that eventually dissolve the cold
cloud into the hot wind. Gronke and Oh (2018) however pointed out that if the time
scale on which the mixed gas (stripped material and the ICM) cools (cooling time) is
shorter than the time scale on which the hot wind can destroy the cold cloud (cloud-
crushing time), the gas cloud is prevented from being destroyed and may even grow
in mass. This can be understood by considering the mixing mechanism described in
Begelman and Fabian (1990): when a cold cloud starts to mix into the hot ICM, it
�rst forms a mixing layer of intermediate temperature. Assuming su�ciently e�cient
mixing, this temperature is given by the geometric mean of the temperatures of the cold
(TISM � 104 K) and the hot (TICM � 108 K) gas (Begelman and Fabian 1990). Since
radiative cooling is much more e�cient at these temperatures than for the cold ISM gas
(Sutherland and Dopita 1993), the mixing layer becomes thermally unstable and quickly
cools down, leading to a net-accretion of cold gas (Armillotta et al. 2017; Gronke and
Oh 2018). While Gronke and Oh (2018) argues that the relevant cooling time that needs
to be considered to mark the transition between the cloud destruction regime and the
cloud growth regime is that of the mixing layer, Sparre et al. (2020), for example, �nds
that rather the cooling time of the hot wind sets this transition. Abruzzo et al. (2023)
pointed out that this discrepancy can be resolved by replacing the cloud-crushing time
as the relevant dynamical time scale with the cloud-crossing time scale, describing the
time it takes the hot wind to cross the length of the cloud. In either case, e.g. with the
cloud-crushing timetcc = ( Rcloud=vwind )

q
� cloud=� wind (e.g., Sparre et al. 2020) growing

with the cloud radiusRcloud , the criterion for cloud-growth in a hot wind translates to the
requirement for the cloud to be su�ciently large. The structure of these cool clouds is
expected to beshattered(McCourt et al. 2018): simulations in two (McCourt et al. 2018)
and three dimensions (Sparre et al. 2019) indicate that these clouds assume a fragmented
structure while undergoing radiative cooling, forming cloudlets of the size of the cooling
length lcloudlet � cstcool � 0:1 pc (n=1 cm� 3)� 1 (McCourt et al. 2018), with the sound
speedcs =

q

P=� and the cooling timetcool = 3nkBT=(2n2

H �) where � = �( nH ; T; Z)
is the cooling function. Since the typical size of a cloud in the cloud-growth regime is
larger than the cooling length, such cool clouds are expected to be composed of a swarm
of coagulated cloudlets (Gronke and Oh 2018). In simulations not resolving the cooling
length, the fragmentation is expected to go down to the resolution limit (Sparre et al.
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2024a). Sun et al. (2021) suggests that radiative cooling of the mixed multiphase gas
could be the origin of the observed X-ray-H� -correlation in the tails of jelly�sh galaxies.

In addition to mixing and cooling, magnetic �elds are as well assumed to play an
important role in stabilizing the tails of jelly�sh galaxies. Radio continuum observations
indicate the presence of magnetic �elds in the tails that lead to synchrotron emission
(Poggianti et al. 2019). The magnetic �elds are observed to be aligned with the tails
(i.e., parallel to the direction of stripping, see Fig. 2.4), and the tails exhibit highly
polarized emission (Müller et al. 2021). The alignment of the magnetic �eld with the
tail is similarly found in simulations (Sparre et al. 2024a), with the magnetic �elds
giving rise to long-lived, �lamentary tails (Ruszkowski et al. 2014; Sparre et al. 2020).
Especially, the results from Sparre et al. (2020) show that magnetic draping (see Sec.
2.4.5) should stabilize the tails of ram pressure stripped galaxies via the suppression of
Kelvin-Helmholtz-instabilities. Müller et al. (2021) suggest that magnetic �elds could
moreover be an important factor for allowing star formation to occur in the tails of
jelly�sh galaxies.

For many galaxies undergoing RPS, star formation is observed to occur in their tails
(Sun et al. 2007, 2010; Jáchym et al. 2014; Vulcani et al. 2018). Sun et al. (2010)
found luminous X-ray emission related to star formation in the tails of jelly�sh galaxies.
Also theoretical considerations given in Boselli et al. (2022) indicate that the time during
which gas remains in the tails of jelly�sh galaxies should typically be long enough and the
densities in the tails of jelly�sh galaxies should be large enough to allow star formation.
The star formation e�ciency, i.e. the SFR in comparison to the available gas mass
(Jáchym et al. 2014; Moretti et al. 2018), is however rather low compared to that of
disc galaxies. While Poggianti et al. (2019) �nds that the correlation between SFR and
clump gas mass is similar in the tails and the discs of jelly�sh galaxies, Boissier et al.
(2012) and Gullieuszik et al. (2020) �nd that star formation e�ciencies in ram pressure
stripped material are reduced by a factor of 5 to 10 compared to star formation in spiral
galaxies. In fact, the tails of some ram pressure stripped galaxies do not exhibit any star
forming regions (Boselli et al. 2016a; Laudari et al. 2022). It is hence not fully clear what
conditions are needed to enable star formation in the tails of galaxies undergoing RPS.
Among the suggested factors favoring star formation in the tails are a high pressure
in the ICM (Tonnesen and Bryan 2012) and magnetic �elds (Müller et al. 2021). The
emission that is associated with star formation and stellar evolution could also play an
important role in explaining the observed X-ray-H� -correlation in the tails of jelly�sh
galaxies (Sun et al. 2021).
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Chapter 3.

Numerical methodology

In this chapter, the numerical methodology of this thesis is explained. To this end,
the chapter provides an overview over the underlying algorithms, numerical codes and
numerical physics models as well as the considered simulation suites that are used for
the conducted analyses. In the �rst section of this chapter, an introduction to the
cosmological magnetohydrodynamical moving-mesh simulation codearepo on which
the windtunnel setup is based is provided (Sec. 3.1). The algorithmsubfind that can
be used for the identi�cation of dark matter subhalos in cosmological simulations is
described in Sec. 3.2. Sec. 3.3 describes the cosmological zoom-in simulations of the
PICO-Clusters suite that are used in this thesis to generate realistic ICM-winds for the
windtunnel from galaxy orbits in galaxy clusters. The windtunnel setup that I build
upon in this thesis to simulate ram pressure stripping and that was introduced in Sparre
et al. (2024a) will be described in Sec. 3.5. For the purpose of this thesis, I considered
possible modi�cations and improvements of this setup. I present these changes together
with how these changes impact the results of the windtunnel simulations in Sec. 3.6.

3.1. The moving-mesh code AREPO

The moving-mesh simulation codearepo that is used in this thesis is suited for various
astrophysical applications over a broad range of scales, from type Ia supernovae (Pakmor
et al. 2013) over simulations of spiral arms of galaxies (Smith et al. 2014) and zoom-in
simulations of galaxies (Grand et al. 2017) to zoom-in simulations of galaxy clusters
(Tevlin et al. (2024), Berlok et al., in prep.) and cosmological simulations in large
volumes (e.g. Springel et al. 2017; Pillepich et al. 2018). In this thesis,arepo is used
to simulate ram pressure stripping of galaxies in a non-cosmological windtunnel setup,
i.e. not explicitly including any cosmological evolution.

arepo was initially described in Springel (2010a) and further explored, for instance,
in Pakmor et al. (2015), but an extensive and updated description is given in Weinberger
et al. (2020). The code solves the equations of ideal MHD (2.35)�(2.38). The equations
are included in the code in the adjusted form (Pakmor et al. 2011; Pakmor and Springel
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2013; Weinberger et al. 2020)
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Here, I again denotes the identity matrix. In contrast to eqs. (2.35)�(2.38), eqs. (3.1)�
(3.4) consider �uid quantities in comoving coordinates (indicated by the subscriptc; for
the de�nition of comoving coordinates, see footnote 1 in Sec. 2.1.1), anda denotes the
scale factor as introduced in Sec. 2.1.1. In particular, spatial derivatives are taken with
respect to comoving coordinates, indicated by the subscriptx. Comoving quantities are
related to physical quantities according to (Pakmor and Springel 2013)

~r = a~x; (3.5)

~v = ~u+ _a~x; (3.6)

� = � ca� 3; (3.7)

p = pca� 3; (3.8)
~B = ~Bca� 2; (3.9)

where the physical quantities are on the left-hand sides of the expressions.~u is the
peculiar velocity. In addition, the formulation of the ideal MHD-equations given above
considers the energy equation (3.3) instead of the entropy equation (2.37). The total
pressure is de�ned asptot = pgas + ~B 2

c=2a, and the total comoving energy density is
given as the sum of the corresponding thermal, kinetic and magnetic energy densities,
Ec = � cuth + � c~u2=2 + ~B 2

c=2a. Moreover, the equations (3.1)�(3.4) consider the auxiliary
quantities

~w = a~u; (3.10)

E = a2Ec: (3.11)

The equations (3.1)�(3.4) additionally account for external heating and cooling via
a2(H � �) in eq. (3.3), and for a comoving gravitational potential� c = a� + • aa2~x2=2
(Weinberger et al. 2020) where� is the corresponding physical potential.

The equations of ideal MHD (3.1)�(3.4) are solved applying the method ofRiemann
solvers. Riemann solvers are based on the solution to a speci�c initial value problem,
the Riemann problem. The initial conditions at t = t0 for this problem are given as two
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Figure 3.1.: Sketch of a mesh of Voronoi cells, taken from Springel (2011). Mesh-generating
points are shown in red and the black, solid lines indicate the cell interfaces.
The connecting lines between mesh-generating points (blue dotted lines) are
perpendicular to the cell interfaces.

piecewise constant statesU1; U2 across a boundary� ,
8
<

:
U(x; t 0) = U1 if x < �;

U(x; t 0) = U2 if x � �:
(3.12)

Quantities U describing these states each obey conservation laws of the form

@U
@t

+ r · ~F (U) = 0 ; (3.13)

where ~F (U) is the �ux corresponding to the quantity U. Eq. (3.13) together with eq.
(3.12) de�nes the Riemann problem (see, e.g. Pfrommer 2024). The use of the Riemann
problem for solving eqs. (3.1)�(3.4) inarepo becomes obvious when considering how
gas is treated inarepo . The patial points in the simulation domain are grouped into
Voronoi cells that are each seeded aroundmesh-generating points(Weinberger et al.
2020). All points that are closer to a certain mesh-generating point than to any other
mesh-generating point are assigned to its Voronoi cell. Hence, interfaces of two Voronoi
cells are always perpendicular bisectors of the connecting lines of the two respective
mesh-generating points (see Fig. 3.1 for a sketch of a Voronoi mesh). The physical
properties corresponding to each Voronoi cell, in particular those treated in eqs. (3.1)�
(3.4), are stored as volume averages. With each volume-averaged quantity hence taking
the form of a �eld that is constant inside each Voronoi cell (hence, a piecewise constant
�eld) and because the ideal MHD equations (3.1)�(3.4) can be (when neglecting the
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source terms) identi�ed with conservation laws of the form of eq. (3.13) (Pakmor et al.
2011), solving the ideal MHD equations at each Voronoi cell interface is equivalent to
solving a Riemann problem at each interface. For each of the evolved �uid quantities
and for each cell, a spatial gradient is computed using the values of the quantities in
neighboring cells, and the values of each quantity that de�ne the initial conditions of the
Riemann problem at each interface (i.e., the quantity values on both sides of the interface
as in the general form of the Riemann problem initial conditions, see eq. (3.12)) and
that are hence used for computing the �uxes at the interfaces using a Riemann solver are
obtained by linear spatial extrapolation of the cell quantity values using the gradients
(Pakmor et al. 2015).

There are di�erent possible methods for solving the Riemann problem at each in-
terface, among which the simplest is Godunov's method (Godunov and Bohachevsky
1959). arepo uses an HLLD-solver which was speci�cally developed for the ideal MHD
equations (Miyoshi and Kusano 2005). Solving the Riemann problem at each interface
provides the �ux of each quantity through the Voronoi cell boundaries. Averaging the
solution of the Riemann solver in each Voronoi cell then provides the updated values for
the physical quantities corresponding to each cell (Weinberger et al. 2020). The applied
method is hence part of the class of�nite volume methods.

Numerically solving the ideal MHD equations (3.1)�(3.4) introduces arti�cial, un-
physical divergences of the magnetic �eld. Solenoidality is restored by applying the
approach from Powell et al. (1999), modifying eqs. (3.2)�(3.4) by adding terms on their
right-hand sides that advect divergences away (Weinberger et al. 2020).

In order to reduce numerical errors in the form of numerical di�usion that arti�cially
smoothes out the solutions when integrating the evolution equations of the �uid quanti-
ties, arepo is a moving-meshcode, i.e., the mesh-generating points are not static, but
move with each cell's bulk velocity. If necessary (i.e., if the cell motion creates strongly
distorted cell shapes), a mesh-regularization corrects the cell velocity. Since the mesh
thus moves with the �ow velocity (except for some corrections),arepo can be consid-
ered as a quasi-Lagrangian algorithm (Springel 2010b). The velocity with which each
cell interface is therefore moving needs to be corrected at each time when the �uxes be-
tween cells are evaluated � i.e., before applying the Riemann solver as given above, the
�ow quanities are transformed to the rest frame of the interface and back-transformed
after computing the �uxes (Pakmor et al. 2015). Further, the mesh is altered by occa-
sionally splitting or merging cells based on given re�nement and de-re�nement criteria.
A standard criterion applies a mass-based re�nement and de-re�nement. Based on a
given target massmtarget , cells are split (merged) if the cell mass exceeds2mtarget (falls
below mtarget =2). In consequence, all Voronoi cells will remain in a relatively narrow
mass interval. The Voronoi-mesh is accordingly rebuilt at each time step.

Arepo accounts for dark matter using discretized dark matter particles (similarly for
stars). The dark matter particles, the star particles and the gas interact gravitationally.
As each particle interacts with all other particles, directly computing gravitational forces
becomes computationally quite expensive as the costs of this operation increase with the
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square of the number of particles,N 2. Arepo therefore applies a combination of an
oct-tree method and a particle-mesh Fourier method that allows e�cient computation
of su�ciently accurate approximations for the gravitational acceleration of each particle
(Weinberger et al. 2020). The oct-tree algorithm starts by constructing atree from the
set of considered particles where the set of particles is split into eight sub-sets (nodes)
that are then in turn again split into eight nodes, creating a branched hierarchy of nodes
that eventually splits the full set of particles (on theroot level) into N leaf-nodes (on
the last level), each occupied by a single particle (Barnes and Hut 1986). As a second
step, the gravitational acceleration acting on each particle is computed using this tree
and by considering the gravity from nodes instead of the gravity from each particle that
is part of that node. To this end, the nodes are treated as point masses with masses
equal to the sum of the masses of the particles in each node, respectively, and positions
given by the center of mass of each node. To decide which node level should be consid-
ered, and therefore if the point-mass approximation is applicable, di�erent criteria can
be employed, e.g. based on the opening angle of the particle distribution in each node
(Barnes and Hut 1986) or based on the acceleration in the previous time step and the
mass, extent and distance of the node (Weinberger et al. 2020). If the criterion is not
ful�lled within a certain tolerance on a certain node level, recursively higher levels of the
tree (i.e. levels with more nodes) are considered until the criterion is ful�lled. The tree
construction and force calculation are done at every time step and reduce the computa-
tional cost for obtaining the gravitational accelerations to aN logN scaling. Treating
the gravitational acceleration for close interactions requires special care. This is done
by including a gravitational softening. A softening length� is introduced, modifying the
1=

p
x2-term in the gravitational potential for particles (nodes) with distancesx < 2:8�

to 1=
p

x2 + � 2, thereby limiting the maximal gravitational acceleration and preventing
the formation of bound pairs (Weinberger et al. 2020).

A major problem when applying the oct-tree algorithm is that in practice, simula-
tions often assume periodic boundary conditions, while the oct-tree algorithm assumes
them to be non-periodic. A solution to this issue is given by combining the tree approach
with a particle-mesh Fourier method so that the oct-tree is only used for short-range
forces. For long-range forces, the particle-mesh technique is used. For this method,
particles are assigned to cells in a mesh, de�ning a density �eld for which a gravitational
potential can be computed. The assignment of the particles to the mesh cells is done by
considering the overlap of each cell with a shape function describing a particle's extent,
yielding a weight with which the particle is assigned to each cell. The gravitational
potential is then easily obtained by solving the Poisson equation�� = 4 �G� in Fourier
space where the amplitude for each mode~k is obtained via � k = � 4�G� k=

�
�
�~k

�
�
�
2

where
the Fourier transform � k of the discrete density �eld � is easily obtained using the Fast
Fourier Transform (FFT) algorithm (Cooley and Tukey 1965), and the potential� in
real space follows via the according inverse transformation. Finally, the force calcula-
tion is performed by approximating the derivative of the potential as a �nite di�erence
(Weinberger et al. 2020). Note that this method using the FFT is intrinsically spatially
periodic and thus is particularly well suited for computing the long-range force contribu-
tions in simulations with periodic boundary conditions. For dark matter particles, the
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steps explained above directly provide the particle acceleration with which each of them
can be advanced by one time step. For the gas cells, the gravitational force provides a
contribution to the source terms in eqs. (3.2) and (3.3). Numerical time integration of
the gravitational acceleration is done using a second-order accurate leapfrog scheme.

To combine the treatment of gravity with solving the �uid equations for the Voronoi
cells, in practice, the gravity sources in (3.1)�(3.4) are always �rst applied for one half-
step in time for each cell after which the �uid equations (3.1)�(3.4) are solved in their
homogeneous form over a full time step, and eventually the sources are applied for
another half-step in time. For each gas cell, the time step� t for updating �uid quantities
is chosen such that the Courant-Friedrichs-Levy criterion (CFL) (Weinberger et al. 2020)

� t � CCFL
r cell

vsignal
(3.14)

is individually ful�lled for each cell. Here, r cell = (3 V=4� )1=3 is the cell radius, and

vsignal =
q


p=� + ~B 2=� is the signal speed. In practice,arepo creates a set of time
bins, each de�ned by a division of the total simulation time into2n equal time steps
with a speci�c n for each time bin. Each gas cell is assigned to the time bin that
applies the largest possible time steps that still ful�ll the CFL criterion (eq. 3.14). This
assignment is reevaluated after each time step.

3.2. Identi�cation of dark matter halos

In cosmological simulations, substructures such as the dark matter halos of galaxies
can be identi�ed using thesubfind -algorithm (Springel et al. 2001). Considering the
identi�ed subhalos along a sequence of snapshots, i.e., for a sequence of simulation output
time steps, it is, for instance, possible to track the orbit of galaxies in galaxy clusters over
a certain period of time. In this thesis, I use the subhalo catalogs that were compiled
using subfind for the cosmological zoom-in simulations PICO-Clusters (see Sec. 3.3)
to track galaxies along their orbits in galaxy clusters and to measure the properties of
the ICM along these orbits (see Chap. 4.1). The present section provides an overview
of the subfind algorithm.

As an input, subfind usesparent groupssuch as the halos of galaxy clusters that are
identi�ed using a friends-of-friend (FoF) algorithm. An FoF algorithm �rst determines
the nearest neighbors of each resolution element (in this case, dark matter particles), for
example, all dark matter particles within a maximum distance (thelinking length) to
the considered particle. Each of the neighbors in turn itself has neighbors that might,
however, not be nearest neighbors of the initially considered particle. The set formed
by a particle together with its nearest neighbors to which the nearest neighbors of the
nearest neighbors are iteratively appended until the number of elements of the set does
not change anymore, i.e., until all nearest neighbors of all particles in the set are also
part of the set, is called an FoFgroup. Since no particle in the FoF group is further away
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Figure 3.2.: Schematic representation of progenitor and descendant relations as de�ned in
subfind-hbt (taken from Springel et al. 2021). Top: by tracking the most
bound particles of a halo forward (backwards) in time, the subhalo with the
largest membership intersection of particles is identi�ed as the primary descen-
dant (primary progenitor) of the subhalo. Bottom: in addition to the primary
relations, further descendants (progenitors) are stored as a list for each subhalo.

from all other particles in the FoF group than the linking length, the FoF group has a
density that is larger than a characteristic density given by the linking length. Inversely,
setting a minimal density for a group of dark matter particles de�nes the linking length
for the FoF algorithm.

To identify substructures within such an input FoF group of particles, a local mass
density estimate is computed at all particle positions. Within this density �eld, regions
of overdensities are identi�ed assubhalo candidates. As a second step, de�ning the
position of the most bound particle in the set of particles in this region as the subhalo
candidate's center and considering the energies of the particles in each of these particle
sets reveals if these sets of particles are self-bound. To this end, all unbound particles
are iteratively removed from the set of particles. Only sets that retain more than a
given minimum of bound particles after this procedure are then considered assubhalos.
If particles are found to be part of more than one subhalo, they are only assigned to the
smallest possible subhalo candidate. The eventually resulting set of subhalos is therefore
composed of fully disjoint, self-bound particle groups (Springel et al. 2001).Subfind
then compiles a subhalo catalog that contains information about e�ective properties of
the identi�ed groups and subhalos such as mass, position and bulk velocity.

In a more recent version of this algorithm (subfind-hbt ), the choice of particle
assignment among di�erent subhalos also takes into account previous memberships
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(Springel et al. 2021). Considering subhalo memberships at a given time, subhalos
at later times can be identi�ed by looking at the changes in the boundedness of particles
within this set of particles over time. Speci�cally,subfind-hbt �rst identi�es substruc-
ture candidates within found FoF groups using the substructure membership at a given
earlier time. The algorithm then applies the boundedness test as described above to
the subhalo candidates. Afterwards, another gravitational unbinding step is applied to
all particles that are no longer assigned to a subhalo candidate after the previous step.
Subfind-hbt is hence computationally less expensive and makes substructure tracking
over time more robust (Springel et al. 2021).

To identify descendantsand progenitors among the subhalos in two consecutive sub-
halo catalogs,subfind-hbt in principle counts how many of the 16 most bound particles
of some subhalo at an earlier time end up in a certain other subhalo at a later time (pro-
viding a list of potential descendants for each subhalo), and how many of the most bound
particles of some subhalo at a later time resided in certain subhalos at an earlier time
(providing a list of potential progenitors for each subhalo). The subhalos with the largest
membership intersections are denoted primary descendant and primary progenitors, re-
spectively. In practice, rather than simply counting particles,subfind-hbt assigns a
score to each of these particles as a weight for the summation, consequently increasing
the importance of more bound particles for the identi�cation of descendants and pro-
genitors. Progenitors and descendants other than the primary ones are stored as chains
of next descendants and next progenitors (Springel et al. 2021). The linking information
between subhalos of consecutive times steps is stored in the progenitor and descendant
catalogs (also see Fig. 3.2 for an illustration of the progenitor and descendant relations).

3.3. Cosmological galaxy cluster simulations of the
PICO-Clusters suite

I use the PICO-Clusters (Plasmas In COsmological Clusters, Berlok et al., in prep.)
simulations in this thesis to generate ICM-winds for the windtunnel setup from realistic
galaxy orbits. The details of how this is done are described in Chap. 4. In this section,
some important aspects of the underlying numerics of the PICO-Clusters simulations
will be summarized.

The PICO-Clusters simulations are a suite of cosmological zoom-in simulations using
arepo-2 , which is an updated version ofarepo . They are based on a cosmological
simulation of a volume of about(1:5 Gpc)3 with dark matter particles of masses of
1011 M � (Tevlin et al. 2024). Among the massive galaxy clusters that have emerged
in this volume at z = 0, 25 clusters of �nal masses> 1015 M � are selected for re-
simulations. Each of the re-simulated halos gets assigned a four digit halo number as
identi�er, based on its halo number in the parent simulation. The re-simulations consider
a smaller fraction of the initial volume at a higher resolution (zoom-in simulations), with
an increase in the spatial resolution by a factor of 12 along each dimension, hence using



Numerical methodology 41

dark matter particles of a mass of5:9 � 107 M � in the respective high resolution region
(Tevlin et al. 2024). A third dark matter particle species with intermediate mass is used
to construct a smooth transition between the high and the low resolution. For baryons,
a target mass of7 � 106 M � is used (Tevlin et al. 2024).

Re-simulating the environment of the clusters at higher resolution hence considers the
evolution of clusters in a realistic environment, and at the same time enables studying
physics down to smaller length scales than in a cosmological simulation. The simulations
apply the IllustrisTNG galaxy formation model (Weinberger et al. 2017; Pillepich et al.
2018) that accounts for instance for star formation, stellar evolution and stellar feedback,
chemical enrichment, cooling and heating, formation and growth of black holes and
AGN feedback (see Pillepich et al. 2018 and references therein for further details). The
IllustrisTNG galaxy formation model has been shown to realistically reproduce, among
other things, stellar halo mass functions (Weinberger et al. 2017; Pillepich et al. 2018)
and the galaxy two-point correlation function at low redshifts (Springel et al. 2017)
which is a measure for the role of clustering.

The PICO-Clusters simulations are initialized atz = 127 and simulated until z =
0 (Tevlin et al. 2024). They apply a Planck-2018 cosmology (Planck Collaboration
et al. 2020; 
 � = 0:684, 
 m0 = 0:316, 
 b0 = 0:049, h = 0:673, see Tevlin et al.
2024). For the identi�cation of subhalos (e.g. dark matter halos of galaxies), PICO-
Clusters applies thesubfind-hbt algorithm (see Sec. 3.2). Each of the re-simulations
generates output for 304 time steps. For each time step, output concerning the dark
matter halos in the simulations in the form of subhalo catalogs as well as progenitor
and descendant �les (see Sec. 3.2) are generated. Full output �les, i.e. snapshots that
especially contain information about gas cells, such as mass, velocity, internal energy,
magnetic �eld strength etc. are only generated for a subset of the time steps. While for
some halos, the output frequency of full snapshot �les is only reduced at high redshifts
and occurs at the same frequency as the output of the subhalo catalogs at intermediate
and low redshifts, for most of the halos, only about every fourth output time step
provides a full snapshot �le to save disk space.

3.4. Following �ows with tracer particles

When studying the formation of (sub-)structures of gas in simulations (e.g., the tails
of jelly�sh galaxies), an important aspect of this analysis is the origin of the gas in the
tails. Studying the trajectory of gas cells is insu�cient for this purpose, as they, although
somewhat moving along with the �ow, experience a mass exchange with neighboring cells
without tracking any information of the origin of this mass. The purpose of so-called
tracer particles is to record that information. In this thesis, I use so-called Monte Carlo
tracer particles to follow gas that is accreted to the tails of jelly�sh galaxies in windtunnel
simulations, and to identify the origin of this gas. This section provides an overview over
how tracer particles work and how they can be used to follow �ows.
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Tracer particles do not interact with the �ow, but are just advected with it. Respec-
tively identifying tracer particles with a unique, constant tracer ID, it is possible to trace
them back along their trajectory to their origin. In a moving mesh code likearepo ,
the use of so-called Monte Carlo tracers is particularly advantageous (Genel et al. 2013).
They are modeled such that every mass exchange between resolution elements (e.g. two
neighboring gas cells; a gas cell and a star particle) is followed by an exchange of tracers
between them, with the fraction of exchanged tracers matching the exchanged mass frac-
tions. At every time step, each tracer belongs to exactly one resolution element and each
tracer stores the ID of the resolution element it belongs to, and the latter in turn stores
a pointer to a list of the tracers associated with it at each time step. As each tracer
is always only exchanged as a whole, exactly matching the fractions of mass exchange
would require enormous storage capacities. Instead, the exchange is based on a Monte
Carlo sampling, therefore statistically modeling their exchange. A tracer that resides
in a resolution element before the calculation of the mass �uxes at a certain time step
and that has not yet been transferred to another resolution element at that time step is
transferred to another resolution element with a probabilityp. This probability is de-
�ned as the ratio of the mass �ux between the resolution elements to the initial mass of
the resolution element minus all mass �uxes that have already left the resolution element
at that time step. To decide if the tracer leaves the resolution element or stays in it, a
number x from a uniform random distribution between 0 and 1 is drawn, and the tracer
is transferred if x < p . In addition to that, tracers are exchanged between gas cells if
the gas cells are re�ned. When a cell gets re�ned and split into two cells by creating
an additional cell to which a certain fraction of its mass is transferred, the transfer of
tracers is statistically modeled in a similar way as described above, with the probability
of each tracer exchange de�ned as the ratio of the mass transfer from the original to the
additionally created cell to the initial mass of the parent cell. Tracer exchange for a cell
dere�nement, i.e. when the number of gas cells gets reduced, is modeled according to
the mass transfer from the removed cell to the remaining cells. Monte Carlo tracers are
found to correctly reproduce a �uid's mass distribution and to appropriately follow the
�ow (Genel et al. 2013). An extensive discussion of the implementation, advantages and
limitations of Monte Carlo tracers can be found in Genel et al. (2013).

3.5. The windtunnel simulation setup

The simulation setup that I build upon in this thesis to simulate ram pressure strip-
ping of galaxies in galaxy clusters was built within the framework of thearepo code.
This windtunnel setup was initially introduced for idealized cloud-crushing simulations
(Sparre et al. 2019; Sparre et al. 2020) and later used for idealized simulations of ram
pressure stripping (Sparre et al. 2024a, b).

In the windtunnel setup, ram pressure stripping is simulated in the rest frame of the
galaxy. In the standard setup, more precisely, the simulations correspond to the rest
frame of the galaxy at t = 0. The windtunnel simulations are non-cosmological, and
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accordingly neglect any evolution of the background universe and usea = 1 and H (t) =
0. The two main simulation components are a disc galaxy that is initially at rest (for the
initial conditions, see Sec. 3.5.3) and a wind that simulates the conditions in the ICM
along the orbit of the galaxy in a massive galaxy cluster (see Sec. 3.5.1). The simulation
domain is an elongated box with dimensions(L x ; L y; L z) = (600; 1200; 600) kpc, and the
center of the galaxy is initialized at(xgalaxy ; ygalaxy ; zgalaxy ) = (300; 450; 300) kpc. The
boundary conditions are periodic. The ICM wind is injected in theinjection region,
covering the part of the box with y < 46 kpc. The density, velocity, temperature and
magnetic �eld strength of the gas cells in the injection region are set at every time step
based on a time dependent wind pro�le that models the ICM conditions. While for the
former three quantities, the injection region is respectively set to a constant value, the
magnetic �eld is set as a turbulent magnetic �eld that is constructed as described in Sec.
4.2 and that is trilinearly interpolated to the cell positions. In the standard setup as
used in Sparre et al. (2024a, b), dark matter is simulated as a set ofNDM gravitationally
interacting particles of equal massmDM = M halo � f DM =NDM whereM halo is the total mass
of the galaxy (disc, CGM and dark matter) andf DM is the mass fraction of dark matter.
It is chosen equal to the fraction of dark matter of the total mass in the universe from
Planck Collaboration et al. (2016c), and the baryonic target mass de�ning the resolution
of gas cells is analogously chosen based on the baryonic mass fraction.

This section describes the ICM wind used in the original setup (Sec. 3.5.1), the
galaxy simulation physics in the windtunnel (Sec. 3.5.2) and the initial conditions as
originally used for this setup (Sec. 3.5.3). For the windtunnel simulations that I present
in Chap. 5, I use adjusted ICM winds (see Chap. 4). I use the same galaxy simulation
physics as described here for the original setup, and, except for the changes explicitly
discussed in Sec. 3.6, I use the same initial conditions.

3.5.1. Intracluster medium wind

The time varying ICM wind originally used in the windtunnel simulations shown in
Sparre et al. (2024a, b) was generated from the orbit of a test particle orbiting in a
massive galaxy cluster (M tot � 1015 M � , Steinhauser et al. 2016). The ICM conditions
along the orbits presented in Steinhauser et al. (2016), each starting at the respective
cluster's R200, were extrapolated up to a point roughly2 Gyr earlier for the simulations
in Sparre et al. (2024a, b). The �rst 1 Gyr of the simulation is considered as a burn-in
phase after which the galaxy is assumed to have established an equilibrium. Before that,
the galaxy exhibits a star burst. The galaxy reaches its orbital pericenter after3 Gyr and
experiences the maximal ram pressure around this time. While this approach is already
an improvement compared to earlier studies in which either constant winds or analytic
expressions were used to de�ne the ICM wind (see e.g. Schulz and Struck 2001; Vollmer
et al. 2001; Tonnesen and Bryan 2010, 2012; Ruszkowski et al. 2014), the assumptions
made to generate this ICM wind are still fairly idealized. For instance, the galaxy cluster
is set up as an initially spherically symmetric dark matter and gas distribution, and the
orbital geometry of the galaxy goes as an a priori assumption into the measurement of
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the ICM (Steinhauser et al. 2016). Exploring improvements of this approach is part of
the goals of this thesis and is further discussed in Chap. 4.

3.5.2. Galaxy simulation physics

In the windtunnel setup, any cosmological e�ects as well as black holes and AGN feed-
back are not included. The remaining physics of the galaxy is based on the galaxy
formation model of the Auriga simulations (Grand et al. 2017)1.

The ISM of the galaxy in the windtunnel is simulated using the model from Springel
and Hernquist (2003), as in Grand et al. (2017). The adopted model is a subgrid model,
meaning that small scale, multiphase processes are not resolved explicitly but rather
treated as e�ective, spatially averaged properties for which certain statistical parameters
are adopted. The threshold above which gas is treated asstar-forming is given by the
minium gas densityn = 0:157 cm� 3 (Sparre et al. 2024a). This star-forming ISM is
treated as a composition of two phases: cold, condensed clouds and hot gas. In addition,
star particles are modeled, each representing single stellar populations. Mass exchange
between the phases is modeled based on cloud growth (hot gas radiatively cools to form
cold clouds), star formation (cold clouds are converted into stellar particles) and cloud
evaporation (supernovae return mass from cold clouds to the hot gas). The interplay
of cooling, star formation and evaporation makes star formation in this model a self-
regulated process (Springel and Hernquist 2003), and the coexistence of a hot and a cold
phase gives rise to an e�ective pressure of the star-forming ISM. In detail, the processes
governing the star-forming gas are the following.

Star formation. Cold gas with mass density� c is stochastically and with an expo-
nential dependence on a characteristic time scalet � (Grand et al. 2017) transformed into
stellar populations with mass density� � . Each stellar population is additionally charac-
terized by its age and metallicity. The mass distribution within each stellar populations
obeys an initial mass function according to Chabrier (2003). A fraction� of the stellar
mass within the population, corresponding to the stars with masses> 8M � and thus
the massive, short-lived part of the stellar population, is instantaneously removed from
the stellar populations via type II supernovae (SNII) (Springel and Hernquist 2003).

Cold gas evaporation. A fraction � of the star forming cold gas returns mass
and an average amount of thermal energyuSN per supernova exploding stellar mass to
the hot phase. The supernova energy is assumed to instantaneously heat the hot gas
� h in the environment. Further, the supernovae are assumed to evaporate gas from the
cold phase to the hot phase with an e�ciency that grows with decreasing density of the
environment (Springel and Hernquist 2003). Feedback from SNII is moreover modeled
by launching wind particles from SNII-sites that are loaded with a given fraction of the
metal mass of the gas cell from which they originate into a random direction. Therefore,

1The Auriga simulations are a set of 30 cosmological zoom-in simulations of isolated Milky-Way-like
galaxies usingarepo . The resimulated galaxies were drawn from a parent cosmological dark matter
simulation. Further details can be found in Grand et al. (2017).
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SNII-feedback is not modeled with the stellar particles but based on the star-forming
gas. The wind particles travel until they either reach a gas cell below a given minimum
density threshold or after a given time is elapsed (Grand et al. 2017), and are then
deposited there. In addition, type Ia supernovae (SNIa) and AGB stars return mass to
the ambient gas (Grand et al. 2017). In the windtunnel setup, the mass loading factor�
of such stellar winds is chosen to be constant (Sparre et al. 2024a). The hot gas returned
by SNII, SNIa and AGB winds always includes speci�c metallicity yields (Grand et al.
2017).

Cold cloud growth. The hot and cold phase are assumed to interact, and hot
gas cools according to a given cooling function�( � h; uh) and condenses via thermal
instability into the cold phase (Springel and Hernquist 2003).

Both the star-forming and the non-star-forming gas are subject toradiative cooling .
The model used in the windtunnel simulations accounts for primordial and metal-line
cooling, for photoionization heating from a UV-background (Faucher-Giguère et al. 2009)
and corrections for self-shielding of optically thick gas (Rahmati et al. 2013). Further
details on the modeling of radiative cooling can be found in Vogelsberger et al. (2013).

3.5.3. Initial conditions

The initial conditions for the windtunnel simulations conducted in this thesis were mostly
chosen following Sparre et al. (2024a), except for the modi�cations discussed in Sec. 3.6.
In Sparre et al. (2024a), the initial conditions for the simulated galaxy were generated
using the codemakenewdisk (Springel et al. 2005). The simulated galaxy in Sparre
et al. (2024a, b) was set up with a total mass ofM 200 = 2 � 1012 M � . The input
parameters formakenewdisk are V200 = 179:9 km s� 1 (V200 = 142:8 km s� 1 for M 200 =
1012 M � ) 2, the disc mass fractionmd = ( M � ;disk + M gas;disk )=M200 = 0:041 (i.e. the
fraction of the halo mass that is in the disc of the galaxy in the form of stars and gas),
f gas = M gas;disk=(M � ;disk + M gas;disk ) = 0 :1 (the fraction of the disc mass that is in the
form of gas) andmHG = 0:117(the fraction of the halo mass of the gaseous halo around
the galaxy). Thus, the mass fractions of the gaseous halo and for the disc roughly add
up to the cosmic baryon fraction (see Sec. 2.1.1). Moreover, the halo spin parameter
is set as� = 0:0333. The dark matter halo and the gaseous halo are initialized using
Hernquist pro�les (see eq. 2.18). The scale radius of the Hernquist pro�le is determined
as follows:makenewdisk takes a concentration parameterc as input (here,c = 9). For
NFW pro�les (eq. 2.17), the concentration parameter is used to express the ratio of the
virial radius of the halo to the scale radius of the NFW pro�le. The NFW scale radius
can however be converted to a scale radius of a Hernquist pro�le by assuming equal
total mass content and equal mass densities at small radii for both pro�les (Springel
et al. 2005). For the parameters speci�ed here, this provides a Hernquist scale radius of

2V200 is the circular velocity vcirc =
p

GM 200=R200 at the virial radius, which, by using eq. (2.16), is
found asV200 = (10 GH 0M 200)1=3; H0 is used for this calculation because the windtunnel simulations
are non-cosmological, and was taken from Planck Collaboration et al. (2016c).
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r s;Hernquist = 49:4353 kpc(r s;Hernquist = 39:2368 kpcfor M 200 = 1012 M � ). The stellar and
gas disks are set up as exponential disks with surface density pro�les according to eqs.
(2.21), (2.22) with scale lengthh = 4:16349 kpc(h = 3:30457 kpcfor M 200 = 1012 M � ).
The z-dependence of the stellar density, i.e., the distribution of stars as a function of the
distance above and below the disk, is chosen such that it is proportional tosech2(z=2z0)
(hyperbolic secant squared, i.e. falling o� exponentially at large distances;z0 = 0:2h is
chosen). Thez-dependence of the disc gas density follows from hydrostatic equilibrium,
the e�ective equation of state of the star-forming gas in the disc (see Sec. 3.5.2 for the
treatment of star forming gas) and the surface density pro�le as described above (more
details on the determination of thez-dependence of the gas distribution in the disc can
be found in Springel et al. 2005 and Sparre et al. 2024a). The disc gas is initialized with
solar metallicity and solar abundances. In addition, the disc has a magnetic �eld with
small and constantz-component (perpendicular to the disc), andx- and y-components
falling o� exponentially with z and r =

p
x2 + y2 (see Sparre et al. 2024a for details).

The initial conditions for the full simulation box were generated by centering the
galaxy at (x; y; z) = (300; 450; 300) kpcand by selecting only the gas with density above
the initial density of the ICM-wind (see Sec. 3.5.1). The gas outside the radius corre-
sponding to this transition is set to the initial density and temperature of the ICM-wind.
In the high-resolution simulation run from Sparre et al. (2024a, b), the inclination of
the galaxy with respect to the wind, i.e., the angle between the velocity vector of the
ICM wind and the angular momentum vector of the galaxy, was chosen asi = 60� and
therefore as an intermediate case between edge-on (i = 90� ) and face-on ram pressure
stripping (i = 0 � ). For runs modeling dark matter based on dark matter particles, set-
ting the total dark matter mass MDM of the galaxy (following from the total mass of
the galaxy and the dark matter fraction) and the number of dark matter particlesNDM

provides the dark matter particle mass. When requiring that the ratio of the baryonic
target mass to the dark matter particle mass should (roughly) correspond to the cosmic
baryon fraction, the baryonic target mass follows from the choice ofMDM and NDM . For
instance, choosingNDM = 106 along with the properties of the galaxy as speci�ed above
providesmtarget = 3:16� 105 M � . This is the baryonic target mass used in Sparre et al.
(2024a) for the low-resolution runs. In the following section, if not otherwise stated, this
resolution level will be used for investigating the impact of changes of the setup on the
results of the windtunnel simulation runs.

Each gas cell in the initial conditions of the windtunnel setup is initialized with �ve
Monte Carlo tracer particles. Based on the temperature, density and spatial coordinates
of the gas cell they reside in att = 1 Gyr , these tracers are identi�ed with an ISM, CGM
or ICM orgin. The details as well as the motivation of these criteria can be found in
Sparre et al. (2024b).
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3.6. Modi�cations and improvements of the
windtunnel setup

In the previous section, the windtunnel setup was introduced as it was used in Sparre
et al. (2024a, b). As a part of this thesis, I implemented and tested possible improve-
ments of the existing simulation setup, with the goal of making the simulations more
realistic and at the same time more e�cient. These changes and tests are discussed
in this section. In Sec. 3.6.1, I review the choice of the CGM with which the initial
conditions of the galaxy in the windtunnel setup are initialized, with a focus on the
available gas mass in the CGM. In Sec. 3.6.2, I consider how the treatment of dark
matter with dark matter particles can be replaced by a treatment of dark matter with
a �xed gravitational potential. To reduce the necessary computational resources of the
windtunnel simulations, in Sec. 3.6.3, I discuss a method lowering the resolution of gas
cells that are far away from the galaxy in the windtunnel simulation box.

Another important change of the setup that was made for the purpose of this thesis
is the reduction of the mass of the simulated halo from2� 1012 M � to 1� 1012 M � . There
are two reasons motivating this choice. First, the reduction of the halo mass reduces the
necessary computational resources at constant resolution. Second, the idealized wind-
tunnel simulations are used in this thesis to re-simulate realistic orbits of galaxies from
cosmological zoom-in simulations. In these simulations as well as in reality, halos of
lower masses are more abundant than halos of larger masses. The selection of a set
of galaxies with di�erent orbits but similar masses (to minimize the e�ect of varying
properties of galaxies on the orbit and therefore to focus on the impact of di�erent ICM
properties; further details on this selection are outlined in Sec. 4.1) is more simple when
considering halos of lower masses because they provide a larger sample than halos of
higher mass. The choice of the halo mass as1 � 1012 M � however still implies the con-
sideration of a massive galaxy and unabatedly enables to study ram pressure stripping.
This mass will therefore be used for all simulations in this thesis, starting in this section.
Besides the modi�cations described in this section, the windtunnel setup will be used
as introduced in Sparre et al. (2024a, b) and as described in Sec. 3.5. In particular,
the overall geometry of the simulation box, the galaxy simulation physics, the standard
baryonic target mass ofmtarget = 3:16� 105 M � and the remaining initial conditions as
outlined in the previous section are unchanged.

3.6.1. Circumgalactic medium

As outlined above, the mass fraction of gas and stars in the galaxies simulated in the
windtunnel setup so far has been chosen to match the cosmic baryon fraction, with
a large portion of these baryons residing as gas in the CGM of the galaxy. However,
galaxies approaching a galaxy cluster might undergo a pre-processing, for example via
interactions with the intergalactic medium or with other galaxies, possibly reducing the
amount of gas in the CGM even before these galaxies enter the virial radii of massive
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galaxy clusters. Therefore, it has to be veri�ed if the assumed gas distribution for the
galaxy in the windtunnel setup is similar to that of galaxies in the outskirts of massive
galaxy clusters. To this end, the gas mass distribution as well as the temperature
distribution of a galaxy in the windtunnel setup (windtunnel galaxy, WTG) with initial
conditions as described above was computed after the burn-in phase in the form of
mass density and temperature pro�les as a function of distance to the galaxy center.
The pro�les were computed at three times (0:75 Gyr; 1:00 Gyr; 1:25 Gyr), hence about
2 Gyr before the closest passage to the cluster center, and before the galaxy experiences
conditions that simulate the ICM inside the cluster's virial radius. The pro�les are
shown in Fig. 3.3. For comparison, the pro�les of 22 galaxies approaching four di�erent
massive galaxy clusters in the cosmological zoom-in simulations PICO-Clusters (halo
numbers in the parent simulation: 0098, 0112, 0260, 0417; masses� 1015 M � at z = 0;
more details on the PICO-Clusters simulations can be found in Sec. 3.3 and Tevlin
et al. 2024) are shown approximately2 Gyr before they reach their closest cluster center
passage, respectively. The galaxies were chosen such that they do not remain in the
outskirts of the galaxy clusters, but eventually enter the virial radii of the clusters and
perform their closest cluster center passage around simulation times (corresponding to
cosmic age) of10� 13 Gyr, therefore corresponding to galaxies that are about to undergo
ram pressure stripping in a massive galaxy cluster at low redshift, similar to the WTG.
Their total halo masses range from0:5� 1012 M � to 2� 1012 M � . In addition, the pro�les
of �ve galaxies from the Auriga suite (Grand et al. 2017) are shown, corresponding to
the pro�les of isolated galaxies.

The pro�les of the WTG at all three times well match the pro�les of many of the
considered PICO-Clusters galaxies, although the latter exhibit some scatter. For ex-
ample, some of these galaxies have smaller gas densities at radii between10 kpc and
100 kpc, and a few even exhibit signi�cantly smaller gas densities or even the absence
of gas insideR = 10 kpc. A possible reason for such a signi�cantly lower amount of
gas in the galaxies could be, for instance, the impact of strong feedback that ejected
large parts of the gas mass in the galactic disk. Nevertheless, for a large fraction of
the sample, the central gas density is similar to the WTG. At the largest distances to
the galaxy centers, the PICO-Clusters galaxies exhibit somewhat elevated gas densities
compared to the WTG. The reason for that is presumably a transition of the gas dis-
tribution to the surrounding medium which in the case of the PICO-Clusters galaxies
is already denser than that of the WTG when using the ICM-pro�le used in Sparre
et al. (2024a, b). This conjecture is supported by the Auriga pro�les, as these isolated
galaxies exhibit densities similar to those of the WTG at the largest distances to their
centers. At small distances to the galaxy center, the gas densities in the Auriga galaxies
are mostly slightly lower than those of the WTG. The temperature pro�le of the WTG
is as well in good agreement with the Auriga and the PICO-Clusters galaxy pro�les for
R < 100 kpc. For larger distances to the galaxy center, the gas temperatures around the
Auriga galaxies are visibly lower than those of the WTG and the PICO-Clusters galax-
ies which is presumably as well connected to the Auriga galaxies residing in isolation
whereas the WTG as well as the PICO-Clusters galaxies are already surrounded by a
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Figure 3.3.: Pro�les of the gas mass density (left) and temperature (right) computed in
radial shells of a 1012 M � galaxy in the windtunnel setup (windtunnel galaxy,
WTG; dashed blue lines at three di�erent times), of 22 galaxies around four
� 1015 M � galaxy clusters from the PICO-Clusters suite (solid orange lines;
0:5 � 1012 M � < M < 2 � 1012 M � ; the galaxies follow orbits with pericenter
passages at cosmic ages between10 Gyr and 13 Gyr), and �ve galaxies from the
Auriga suite (dotted lines; Au2, Au6, Au12, Au16, Au23; 1012 M � < M 200 <
2 � 1012 M � ). The pro�les of the PICO-Clusters galaxies were computed 2 Gyr
before the galaxies reach their periapsis with respect to the cluster center.

hotter medium. For 30 kpc . R . 300 kpc, the gas temperature in the WTG seems to
be rather at the low end of the distribution of the PICO-Clusters galaxies.

Fig. 3.4 displays the local and cumulative gas fractions in radial bins around the
galaxy center for the WTG at the three considered times. The mean gas fractions of the
PICO-Clusters galaxies are shown together with their scatter. ForR < 100 kpc, both the
local and the cumulative gas fraction of the WTG are within the interval that contains
most of the PICO-Clusters galaxies. In comparison to the PICO-Clusters galaxies, the
gas fraction of the WTG is somewhat lower at smaller radii and somewhat larger at
larger radii. At distances R > 100 kpc, the local gas fraction of the WTG strongly
grows because at large distances to the galaxy center, the environment of the galaxy is
only initialized with gas cells but not with additional dark matter particles. Thus, this
increase is a result of the low dark matter density at large distances to the galaxy in this
idealized setup rather than of a particularly high gas density. Indeed, the cumulative
gas fraction does not show a similarly diverging trend and approaches the cosmic baryon
fraction3.

3Note that the generation of the windtunnel initial conditions and PICO-Clusters use di�erent cos-
mologies (Planck Collaboration et al. 2016c and Planck Collaboration et al. 2020, respectively),
however, with negligible di�erences in the parameters.
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Figure 3.4.: Local (left) and cumulative (right) gas fraction (ratio of the gas mass or mass
density to the sum of the masses or mass densities of gas, stars and dark mat-
ter) computed in spherical shells around the center of a1012 M � galaxy in the
windtunnel setup (windtunnel galaxy, WTG; dashed blue lines at three di�erent
times). The orange lines display the mean values of the sample of the 22 PICO-
Clusters galaxies from Fig. 3.3. The dark and light orange shadings indicate
once and twice the standard deviation of the sample. For comparison, the cosmic
baryon fraction is shown. The steep increase of the local gas fraction at large
radii is unphysical and results from the idealized setup, only accounting for the
dark matter of the galaxy (here, live dark matter) but not of the surrounding
environment. The cumulative gas fraction is not a�ected by that.

Thus, I conclude that the gas distribution around a galaxy in the windtunnel that
is initialized using the initial conditions as outlined above is in good agreement with
that of galaxies in the cosmological simulation suite PICO-Clusters. Therefore, these
initial conditions indeed realistically represent a galaxy that approaches and is about to
enter a massive galaxy cluster. Because the cumulative gas fraction of the WTG seems
to be slightly larger at larger distances to the galaxy center (100 kpc) compared to the
mean of the sample of PICO-Clusters galaxies, and is thus larger than the cumulative
gas fraction of a part of the galaxies in this sample, a slightly lower gas fraction in the
outer parts of the galaxy might as well provide realistic conditions so that it could as
well be insightful to explore cases with a lower gas fraction. However, for this thesis, the
initial conditions concerning the gas distribution as outlined above will not be changed.

3.6.2. Treatment of dark matter

Sparre et al. (2024a, b) simulated the dark matter component of the galaxy in the
windtunnel using dark matter particles (live dark matter). In the simulation setup that
only simulates ram pressure stripping in isolation from any other environmental e�ect,
however, the dark matter distribution within the simulated galaxy can be expected to



Numerical methodology 51

Figure 3.5.: Dark matter density as a function of radial distance to the center of mass of the
dark matter distribution of a 1012 M � galaxy in a live dark matter windtunnel
simulation, shown at �ve di�erent times (blue solid lines). For comparison,
two Hernquist pro�les with di�erent normalizations A (total enclosed mass in
1012 M � for R ! 1 ; see eq. 3.15) are shown. Although the galaxy contains
M DM = 0 :842� 1012 M � , the �nite extent of the distribution requires a larger
normalization factor to match the correct density pro�le and virial mass.

not undergo signi�cant changes, as dark matter only interacts gravitationally and is
therefore not directly a�ected by ram pressure. Therefore, the dark matter component
could as well just be simulated using a �xed external gravitational potential instead of
dark matter particles. One advantage of treating dark matter via a �xed potential is
the compatibility of such a treatment of dark matter with other ISM models, such as
the model presented in Thomas et al. (2024), and possibly a reduction of computational
costs of simulation runs.

Before running and comparing simulations with live dark matter or with a �xed
potential, it is important to pay attention to the choice of parameters for this potential.
As in the live dark matter runs, the �xed potential should be set up as a Hernquist
potential with a density distribution according to eq. (2.18).Makenewdisk samples a
given number of dark matter particles of a given mass and with a given scale radius from
a corresponding Hernquist density distribution. The mass normalization of the resulting
distribution, in turn, is not a free parameter, but automatically follows from the other
parameters. Analytically, the mass normalization of the Hernquist potential is chosen
such that the total mass enclosed by a given radius converges to the total dark matter
mass in the halo for in�nite radii (see eq. 2.19). A dark matter distribution of a �nite
amount of particles in a �nite simulation box can however only have �nite extent. The
sampling of the particle distribution according to a Hernquist pro�le therefore introduces
a systematic bias towards small radii so that the density in the dark matter halo inside
its �nite radius is systematically higher than that of the analytical, in�nitely extended
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model. Therefore, the normalization of the dark matter halo mass pro�le resulting
from this sampling (theoretically, MDM = f DM � M tot = [(
 m0 � 
 b0)=
 m0] � M tot �
0:842� M tot ) follows with a value that is larger than the theoretical expectation. This can
be seen in Fig. 3.5, comparing the dark matter density distribution at di�erent times of
a live dark matter run in the windtunnel setup (total dark matter massMDM = 0:842�
1012 M � ) to the analytical expression of the Hernquist potential density distribution,

� Hernquist = A
M tot r s

2�r
1

(r + r s)3
; (3.15)

wherer s = r s;Hernquist is the scale radius of the Hernquist potential,M tot = 1012 M � is the
total mass of the galaxy andA is a normalization parameter. The scale radius is �xed
as r s = 39:2368 kpcbased on the chosen concentration parameter. Clearly,A = 1:183
provides a better �t to the density distribution than A = 0:842. Although the latter
would be the intuitive choice, the former can be motivated analytically. As the dark
matter particles are con�ned to a �nite distance, the total dark matter mass has to be
contained within this �nite distance. Initially, the outermost particle is approximately
located at the virial radius Rmax = 211:4 kpc � R200. The mass insideRmax according
to eq. (2.19) therefore has to be equal to the total dark matter mass, i.e.,

MDM (< R max ) � AM tot
R2

max

(Rmax + r s)2
=


 m0 � 
 b0


 m0
M tot ; (3.16)

so that the normalization A follows as

A =
(
 m0 � 
 b0)


 m0

(Rmax + r s)2

R2
max

= 1:183: (3.17)

This can be checked by a simple �t of the density distributions in Fig. 3.5 to a Hernquist
density distribution, carried out by �xing r s, dividing the measured density distributions
for eachR by M tot R2=(R + r s)2 and �nding the normalization A as the mean of this ratio
inside R200 for each of the considered times. Fort = 0:00 Gyr, this provides A = 1:179,
and on averageA = 1:163 for the other four times.

The e�ect of di�erent normalizations of the �xed potential on ram pressure stripping
is shown in Fig. 3.6 by comparing the gas mass and the star formation rate of the
galaxy in these runs to live dark matter runs in the windtunnel setup (M 200 = 1012 M � ,
NDM = 5 � 105, mtarget = 3:16 � 105 M � ). Both the gas mass evolution due to ram
pressure stripping as well as the star formation rate of the live dark matter run are
better matched by the run with the static potential with A = 1:183. For comparison,
also the results for runs including the dere�nement scheme introduced in Sec. 3.6.3
(using the shallowest transition from the high-resolution to the low-resolution region
among the considered ones, i.e.� = 150 kpc ) are shown. These runs appear to exhibit
slightly but systematically reduced stripping, but again theA = 1:183run provides the
best match to the live dark matter run. In particular, the A = 1:183 runs well match
the �nal gas content of the galaxies in the live dark matter runs. Interestingly, the static
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Figure 3.6.: Gas mass (left) and star formation rate (right) inside twice the stellar half mass
radius for a galaxy simulated in the windtunnel using a �xed Hernquist potential
with two di�erent normalizations A and for simulation runs with live dark mat-
ter. The simulations runs labeled with + dere�nement (dashed lines) already
include the dere�nement scheme from Sec. 3.6.3.

potential generally appears to slightly increase stripping. In comparison, the additional
dere�nement leads to the opposite e�ect. In consequence, both e�ects partially cancel
each other, and the �xed potential run with A = 1:183 that includes the additional
dere�nement provides a particularly good match to the live dark matter run without
dere�nement for t . 4 Gyr. Therefore, when running simulations with a �xed dark
matter potential, a Hernquist potential with this normalization will be used. It has the
advantage that it models the same dark matter distribution insideR200 as the live dark
matter runs, and therefore also models the correct mass insideR200 and thus the correct
virial velocity V200. In other words, this potential provides the dark matter potential
corresponding to the correct virial massM 200. However, using a �xed potential based
on the given analytical expression has the disadvantage that it assumes an in�nitely
extended dark matter distribution, thus introducing additional dark matter mass outside
R200 that does not exist in the live dark matter simulations runs. This mass provides an
additional acceleration to masses outsideR200. For a particle that is initially at rest and
that approaches the galaxy from in�nity, the additional velocity that it gains in the case
of the �xed potential in comparison to the dark matter distribution with a �nite extent
is � 30 km s� 1 which is small compared to the considered ICM velocities with respect
to the galaxy. Comparing the gas discs of galaxies simulated using a �xed potential
to those of live dark matter simulations reveals no major changes (see Appendix A).
Another change compared to the live dark matter setup that is introduced by including
dark matter as a �xed potential and that should only brie�y be noted here is the fact
that the dark matter distribution in the latter case is prevented from changing the
position of its center of mass. Such changes in the position along the direction of the
injected wind are observed in live dark matter windtunnel runs (see Fig. 3.7), possibly
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Figure 3.7.: Evolution of the y-component (direction of the injected wind velocity) of the
center of mass (COM) of stars and dark matter for a live dark matter galaxy in
the windtunnel setup. For comparison, the dashed lines show the center of mass
of the stars in a static potential run. The center of mass is visibly shifted after
t & 3 Gyr in the live dark matter run, with an acceleration being visible around
t � 3 Gyr, i.e. around the time of maximal stripping, so that the shift might be
related to a gravitational attraction by the stripped material. The dotted line
indicates the constant value that would be consistent with the injected wind.

due to the gravity exerted by the stripped material onto the dark matter halo. This
e�ect might slightly modify the fallback of stripped material onto the galaxy. As a
signi�cant spatial shift only occurs at late times in the simulation, i.e. after the main
stripping events, and as disentangling realistic physics from e�ects of the idealized setup
contributing to this phenomenon would require a separate consideration, it will not be
further discussed here. However, I note that, with regard to the injected ICM wind, this
shift of the center of mass is an unwanted e�ect because the injected wind was chosen
such that it models the ICM conditions along a galaxy orbit for galaxy at rest at its
initial position in the windtunnel setup. Therefore, the treatment of dark matter using
a �xed potential, keeping the galaxy at its initial position, is more consistent with this
aspect of the simulations and produces the correct ram pressure acting on the galaxy.

3.6.3. Dere�nement of the distant intracluster medium

The extent of thex- and z-dimensions of the windtunnel simulation box (i.e., the dimen-
sions perpendicular to the velocity of the injected wind) is much larger (600 kpc) than
the size of the simulated galaxy (� 50 kpc; see e.g. Fig. 3.8). This is necessary to ensure
that the region of interest in the simulation is su�ciently far away from the boundary
of the simulation box and that any impact of the boundaries on this region becomes
negligible. However, since the wind is injected along the fullx- and z-dimensions, the



Numerical methodology 55

Figure 3.8.: Projection of the gas column density in the full simulation box for a windtunnel
simulation of a 1012 M � galaxy without any additional dere�nement. The white
solid contour marks the region within which the surface density of stars is larger
than 104 M � kpc� 2, containing 99:98%of the stellar mass in the simulation box.
These stars and most of the dense gas in the tail of the jelly�sh galaxy are
con�ned to a narrow region. In the following, this region (inside the inner
dashed contour) will be treated as the high-resolution region. The region outside
the outer dashed contour will be treated as the low-resolution region in which
the target mass is increased by a factor of 100. The region between the dashed
contours serves as a transition region ensuring a continuous, log-linear transition
between the two resolution levels. The contours shown here display a transition
region with a width of � = 150 kpc . The di�erent regions are de�ned to be
rotationally symmetric around the y-axis.

wind properties are also simulated for parts of the simulation box that are far away from
the galaxy and thus do not a�ect the galaxy. Especially when simulating a close passage
to a galaxy cluster's center, involving high ICM densities, simulating all gas cells in the
wind becomes computationally very expensive. In fact, at the corresponding simulation
times, the entirety of gas cells is largely dominated by these distant gas cells. This can
be seen in Fig. 3.9, displaying the number of gas cells in di�erent parts of the simulation
box as a function of simulation time for a simulation of a galaxy withM 200 = 1012 M � ,
a baryonic target mass ofmtarget = 3:16� 105 M � and further initial conditions as given
in Sec. 3.5.3, using the ICM wind from Sparre et al. (2024a). The dark matter halo of
the galaxy is simulated using live dark matter. Theregion of interest was de�ned as a
cylinder around the galaxy and its tail, extended from the injection region to a distance
of 300 kpc downstream of the galaxy, with its symmetry axis centered on the galaxy
center and with radiusr = 50 kpc (see Fig. 3.8). All cells that are outside this cylinder
are part of the outside region. While the cells in the region of interest and the cells in
the region further away from the galaxy and its tail compose comparable shares of the
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Figure 3.9.: Total number of gas cells for a windtunnel simulation without any additional
dere�nement of distant gas cells. The cell number is shown for di�erent parts of
the simulation box as a function of time. Here, the region of interest was de�ned
such that it contains the galaxy and most of its tail: a cylinder that is extended
from the injection region to a downstream distance from the galaxy of300 kpc,
with radius r = 50 kpc and its symmetry axis through the galaxy center. After
t = 2 Gyr , the number of cells increases strongly and is dominated by the cells
in the region outside the region of interest, hence by cells that are neither part
of the galaxy nor of its tail.

total number of gas cells in the simulation box at early times (t . 2 Gyr), the number of
gas cells around and after the closest passage of the cluster center (t & 3 Gyr) is strongly
dominated by the gas far away from the galaxy. Around the closest passage (t � 3 Gyr),
these gas cells alone increase the total number of simulated cells by more than one order
of magnitude. The projection of the column density of gas in the simulation box for a
high-resolution simulation (M 200 = 1012 M � , mtarget = 3:16� 104 M � ) shown in Fig. 3.8
reveals that the galaxy along with most of the dense gas in its tail is con�ned to the
narrow region of interest in the simulation box.

Because the gas in the windtunnel that is far away from the galaxy is irrelevant for
any subsequent analysis, it is desirable to reduce the number of distant gas cells, thereby
reducing the computational costs of each simulation run. A simple way to achieve this
is to make the simulation mesh at points that are far away from the galaxy increasingly
coarse compared to the mesh around the galaxy (dere�nement). This approach can be
implemented by increasing the target mass for cells that are far away from the galaxy so
that they consequently each contain larger fractions of the mass in the ICM wind and
have larger volumes, decreasing the total number of gas cells in these regions. To however
avoid too large di�erences in the sizes of neighboring cells, the transition between an
accordingly de�ned high-resolution region and a low-resolution region should be gradual
and not too steep. In addition, the dere�nement scheme should explicitly require that
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neighboring cells may only have limited volume di�erences (volume-based re�nement,
VR). Therefore, the scheme should re�ne cells that would violate this constraint because
they have volumes di�ering from their neighbor cells by more than a certain given factor.
In the following, this factor is chosen to be 8. If not explicitly otherwise stated, the
volume-based re�nement will always be included from now on.

The regions of di�erent levels of resolution as they will be de�ned from now on
are as well illustrated in Fig. 3.8. The di�erent regions are de�ned as follows: the
high-resolution region extends in they-direction from the injection region up to300 kpc
downstream from the galaxy center and up to a projected distance to the galaxy center
in the x-z-plane of50 kpc. The high-resolution region hence has the shape of a cylinder
around the galaxy and its tail, with its symmetry axis aligned with they-direction of the
simulation box and passing through the center of the galaxy, and its top base located
at y � ygalaxy = 300 kpc4. In addition, all points with distances to the center of this
top base smaller than50 kpc are appended to the high-resolution region such that the
high-resolution region has a smooth boundary. Any point that has a distance to the
high-resolution region that is larger than� (for the choice of � see below; Fig. 3.8
displays the resulting regions for� = 150 kpc ) is assigned to the low-resolution region,
characterized by an increase of the target mass by a factor of100compared to the high-
resolution region. Between these regions, this factor is log-linearly increased from1 to
100 as a function of the distance to the high-resolution region, ensuring a continuous
transition between the two resolution levels.

The in�uence of the dere�nement scheme constructed as given above on the resulting
ram pressure stripping, on the galaxy and on its tail should ideally be as small as possi-
ble. To examine this in�uence, several simulation runs were conducted (M 200 = 1012 M � ,
mtarget = 3:16 � 105 M � in the high-resolution region and further initial conditions as
given in Sec. 3.5.3; ICM wind from Sparre et al. 2024a; live dark matter). The simu-
lation runs di�er in the details of the applied re�nement scheme. Two simulation runs
were conducted that do not use the dere�nement scheme based on the geometric de�ni-
tion of a high- and a low-resolution region. For comparison, one of these two runs was
conducted without the volume-based re�nement. In addition, three runs applying the
dere�nement scheme based on the geometric de�nition of a high- and a low-resolution
region (geometry-based dere�nement) as shown in Fig. 3.8 were conducted using dif-
ferent widths of the transition region between the high- and the low-resolution region
(� = 25 kpc ; 100 kpc; 150 kpc). These runs apply the volume-based re�nement as well.

Fig. 3.10 shows the total number of gas cells in the �ve simulation runs as a function
of simulation time. Comparing the two runs with uniform target mass reveals that the
volume-based re�nement alone changes the number of cells only very slightly, with the
simulation version that applies this scheme having a slightly higher total number of cells.
This is because the volume-based re�nement introduces additional cases in which cells are
split. The geometry-based dere�nement, in turn, reduces the total number of cells in all

4The subscript galaxy indicates the initial center of the galaxy which is (xgalaxy ; ygalaxy ; zgalaxy ) =
(300 kpc; 450 kpc; 300 kpc).
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Figure 3.10.: Total number of cells in �ve simulation runs applying di�erent re�nement
schemes. The di�erent re�nement schemes are the (de-)re�nement solely based
on a uniform (i.e. constant) baryonic target mass, the additional volume-based
re�nement (VR) and the additional geometry-based dere�nement with di�erent
widths � of the transition region between the two resolution levels. While the
volume-based re�nement changes the number of cells very little, the geometry-
based dere�nement reduces the number of cells considerably.

considered cases considerably, with a slightly stronger reduction for narrower transition
regions between the high- and the low-resolution region. Fig. 3.11 shows, as a function of
time, the fractions of the total number of cells that the di�erent regions of the simulation
box compose for the run with the geometry-based dere�nement with� = 150 kpc and
the run with a uniform target mass and with the volume-based re�nement. For the
geometry-based dere�nement scheme, the fraction of cells coming from the low-resolution
region is strongly reduced compared to the run with a uniform target mass. In the former
simulation run, at early times, the majority of gas cells resides in the high-resolution
region. At later times, because large fractions of the gas in the galaxy are stripped,
most cells are found in the transition region. For comparison, in the run with a uniform
target mass, fort & 1 Gyr, the majority of cells resides in the region corresponding to
the low-resolution region in the run with the geometry-based dere�nement scheme.

Fig. 3.12 displays the evolution of the gas mass and star formation rate for the
galaxies in the di�erent simulation runs. For comparison, the results for a high-resolution
run with uniform target mass (mtarget = 3:16 � 104 M � ) are also shown. In addition,
the results of two high-resolution runs applying the geometry-based dere�nement are
shown (� = 150 kpc ). To compare the observed di�erences to the intrinsic variability
of the galaxy formation model, arising from modeling certain physical processes (e.g.,
star formation) stochastically (see Sec. 3.5.2), these two runs were set up to be identical
except for the random number seed for the random number generator inarepo . In
all cases, the majority (more than 95 percent) of the gas in the galaxy gets stripped,
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Figure 3.11.: Fraction of gas cells residing in the high-resolution, the low-resolution and the
transition region, respectively, as shown in Fig. 3.8 as a function of simulation
time for the simulation run using the geometry-based dere�nement scheme
with � = 150 kpc (left). On the right, the fractions of gas cells in the same
regions are shown for the run that applies the volume-based re�nement, but
not the geometry-based dere�nement. While this run is dominated by cells far
away from the galaxy, most of the cells in the run with the geometry-based
dere�nement are part of the high-resolution region around the galaxy and its
tail or of the transition region.

and the strongest stripping starts simultaneously slightly beforet = 3 Gyr , i.e. slightly
before the closest passage of the cluster center. Considering the normal-resolution runs
that do not apply the geometry-based dere�nement, stripping is slightly less e�cient
when applying the volume-based re�nement. For the geometry-based dere�nement, the
run with the smallest transition region exhibits slightly increased stripping compared to
the run with uniform target mass applying the volume-based re�nement. The runs with
the wider transition region, in turn, exhibit a slight increase in gas stripping. For the
star formation rate, the overall di�erences are small. Also here, the runs applying the
geometry-based dere�nement with the widest transition region are in good agreement
with the run with uniform target mass that applies the volume-based re�nement. The
high-resolution runs generally show less stripping, which is also found in Sparre et al.
(2024a). Interestingly, the results for the high-resolution run with uniform target mass
lie between the two high-resolution runs with geometry-based dere�nement, indicating
that if the intrinsic variability of the galaxy simulation model (Pakmor et al. 2025) is
taken into account, the observed di�erences between runs with uniform target mass and
with dere�nement are not signi�cant.

In addition to the overall stripping, di�erent re�nement schemes can also a�ect the
structure of the tail because, for example, the target mass sets the lowest possible mass
of a gas clump. For the previous consideration, a target mass of3:16 � 105 M � was
su�cient, but the consideration of the detailed structure of the tails requires a higher
resolution to, for example, obtain a large enough sample of gas clumps in the tail. The
following analyses are conducted using simulation runs with a higher resolution. The



60 Numerical methodology

Figure 3.12.: Evolution of the gas mass (left) and the star formation rate (SFR, right), both
measured inside twice the stellar half mass radius, of galaxies in windtunnel
simulations with di�erent re�nement schemes. The re�nement schemes are a
volume-based re�nement (VR) and a geometry-based re�nement (mtarget =
3:16 � 105 M � in the high-resolution region) with di�erent widths � of the
transition between a high-resolution and a low-resolution region. The dashed
and dash-dotted lines show the results for high-resolution simulation runs
(HR; mtarget = 3 :16 � 104 M � in the high-resolution region), with the semi-
transparent red lines (i, ii) corresponding to two runs that are identical except
for the random number seed of the random number generators that are used for
stochastically modeled processes (see Sec. 3.5.2). The simulation runs using
the geometry-based re�nement with the widest transition region well match
the properties of the run with a uniform target mass with VR.

target mass was therefore decreased by one order of magnitude, assuming a value of
mtarget = 3:16 � 104 M � in the high-resolution region. This target mass is similar to
the value used in Sparre et al. (2024b). In addition, from now on, only the simulation
run with the geometry-based dere�nement with� = 150 kpc and the run with uniform
target mass that applies the volume-based re�nement will be further considered. The
resulting number of cells and thus the run time of the simulation is similar for all three
levels of geometric dere�nement at the normal resolution level (reduction from 9300
to 2200 core hours on 288 cores), and� = 150 kpc can be expected to produce the
smallest systematic changes in comparison to a uniform target mass, because it has
the shallowest transition between the high-resolution and the low-resolution region. As
the further considered simulation versions both apply the volume-based re�nement, this
property will no longer be explicitly stated.

The structure of cold gas clumps in the tails of the simulated galaxies can be ex-
amined in the projections shown in Fig. 3.13. The tail structures are obviously not
congruent, although they are not necessarily di�erent on a fundamental level. From the
projections alone, it is hard to tell how large di�erences in the tail structure are, but



Numerical methodology 61

Figure 3.13.: Projections of the HI-column density for a high-resolution simulation run
with uniform target mass (left) and a high-resolution simulation run with the
geometry-based dere�nement (right) for four times. Although the tail struc-
tures are not identical, the projections do not reveal fundamental di�erences.
Details of the tail morphology can change due to the intrinsic variability of the
galaxy formation model used in the simulations.

signi�cant di�erences in the statistics of tail clumps are at least not clearly visible. I note
that variability in the exact structure of the tails is expected, because the Auriga galaxy
formation model � as all numerical models that stochastically model certain physical
processes � always exhibits some degree of intrinsic variability, even when running simu-
lations based on �xed initial conditions, as for example explored in Pakmor et al. (2025).
Therefore, it is necessary to consider the mass function of clumps in the tail of the ram
pressure stripped galaxies as a statistical measure for the tail structure in the di�erent
simulation runs, as well as the spatial distribution of the clumps. To identify gas clumps,
an FoF algorithm can be used (as similarly used insubfind to identify dark matter ha-
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Figure 3.14.: Fraction of the total mass in HI clumps (as a function of time; only clumps
downstream of the galaxy considered) that is found for the high-resolution
simulation run with uniform target mass in the region corresponding to the
high-resolution region in simulation runs applying the geometry-based dere-
�nement. The dotted line indicates a fraction of 100%. After strong ram
pressure starts acting (t & 2:5), nearly all HI clumps are in this region. The
fraction is slightly lower before that, but never below 70%.

los, see Sec. 3.2). In the following, as in Sparre et al. (2024a), I only consider HI-gas
(i.e. cold, neutral gas), and I choose the FoF threshold density asnHI ; FoF = 0:01 cm� 3.
The linking length is then set to lFoF = (2 mtarget X H=mp nHI ; FoF )1=3, as in Sparre et al.
(2024a). Here,X H denotes the hydrogen mass fraction and is assumed to be0:76.
2mtarget is the largest possible mass of a gas cell (in the high-resolution region for sim-
ulation runs with the geometry-based dere�nement and withmtarget as the target mass
of the high-resolution region) andmp is the proton mass. As in Sparre et al. (2024a),
the HI-fraction of each gas cell is computed with the ionization tables from Hani et al.
(2018) that are based on the CLOUDY code from Ferland et al. (1998); Ferland et al.
(2017). The tables account for self-shielding, collisional excitation and the e�ects of the
UV background (Faucher-Giguère et al. 2009).

A �rst estimate for the expected e�ect of the geometry-based dere�nement on the
clump structure in the tail is obtained by considering the spatial distribution of clumps in
a run that does not apply the geometry-based dere�nement and by asking which fraction
of the total clump mass is captured in the region that is de�ned as the high-resolution
region in the geometry-based re�nement runs. The results as a function of time are
shown in Fig. 3.14. The clump position was computed as the center of mass of each
clump. Only clumps with a distance to the galaxy center in they-direction of at least
25 kpc were considered. Overall, the majority of clumps is found within the bounds
of the region corresponding to the high-resolution region. At early times, the mass
fraction oscillates between roughly 70% and 95%. At this time, the galaxy presumably
does not yet have a particularly distinct tail but still has an intact CGM, and parts of
the CGM might not be covered by the high-resolution region. The clump mass fraction
covered by the high-resolution region grows to100%as the galaxy approaches the cluster
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uniform target mass dere�nement,
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Figure 3.15.: Mass function of HI clumps for the high-resolution run with uniform target
mass (left) and for the geometric dere�nement (averaged over two except for the
random number seed identical high-resolution runs) with� = 150 kpc (right)
for several times (continued in Fig. B.1 in Appendix B). The clumps were
identi�ed with an FoF algorithm applied to gas cells with y � ygalaxy > 25 kpc.
The panels in right column additionally display the contour of the mass function
of the HI clumps in the run with uniform target mass (i.e., the histograms
shown in the left column) along with its error bars.

center and as its clumpy tail becomes narrower. The fraction mostly remains at this
level throughout the rest of the simulation. Overall, the impact of the geometry-based
re�nement on the distribution of HI clumps should hence be small during the times that
are the most interesting for this thesis, i.e., the period from the start of the relevant
impact of ram pressure stripping (t > 2 Gyr, see Fig. 3.12). Signi�cant deviations in
the distribution of clumps should in turn be found, if at all, mostly at earlier times.
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Fig. 3.15 shows the clump mass function, i.e. the distribution of clumps over di�erent
masses, for three times for the run with uniform target mass and for runs with the
geometry-based dere�nement (see Fig. B.1 in Appendix B for further times). The
results for the geometry-based dere�nement were averaged over two simulation runs
that are, apart from di�erent random number seeds, identical5. The mass function was
calculated as an average over a period of� 0:25 Gyr around each of the times shown.
The panels on the right also show the contour of the clump mass function of the run
with uniform target mass along with Poisson error bars. Moreover, each panel displays
the total number of HI clumps as well as their total mass. Overall, the total number and
total mass of clumps for the geometry-based dere�nement are similar to those of the run
with uniform target mass. Also the distributions of clumps over mass bins are similar.
The displayed error bars already show that some of the deviations are not signi�cant.
Also taking into account the error bars for the simulation run with geometry-based
dere�nement, many of the other deviations likewise do not seem to be signi�cant.

As another test of the geometric dere�nement scheme, one can consider they-velocity
distribution of the HI clumps in the tail and therefore ask if the kinematic properties of
the clumps in the tail di�er when comparing the two simulation runs. The conclusions
drawn from these distributions are similar to those drawn from the mass distribution
and I therefore do not show the resulting distributions here. The deviations in the
distributions are small especially for intermediate times and slightly larger at early and
late times (though presumably still not signi�cant), and the bulk velocities of the clumps
are of the same orders of magnitude, respectively, and point in the same directions.

To conclude the discussion of the e�ects of the presented dere�nement scheme on
the ram pressure stripping of a galaxy in the windtunnel setup and on the properties
of its tail, an analysis of the origin of the clumps in the tail of the galaxy can be
conducted. Sparre et al. (2024b) concluded that, especially at the beginning of ram
pressure stripping, when the ram pressure is at a moderate level, most of the clumps
forming the tail of a jelly�sh galaxy originate from the CGM. As the outskirts of the
CGM of the simulated galaxy might be a�ected by the newly introduced dere�nement
scheme, it is important to investigate if and how it in�uences the analysis of the origin
of clumps in the tail. To this end, a tracer analysis using Monte Carlo tracers (see Sec.
3.4) can be conducted, as similarly done in Sparre et al. (2024b). As a simpli�cation
of the tracer analysis and in contrast to Sparre et al. (2024b), the extentRHI of the
HI disc of the galaxy will not be explicitly determined here. In Sparre et al. (2024b),
this quantity was determined for each output time step because it is used to de�ne
the ISM and the CGM gas, and ram pressure stripping changes the extent of the ISM.
Here, to reduce the complexity of this analysis,RHI is set using a �xed value based
on the consideration in Sparre et al. (2024b). In that study, the authors determined
RHI = 22 kpc for a 2 � 1012 M � galaxy at a simulation time of t = 1 Gyr . For the
1012 M � galaxy, I reduce this value proportionally to the reduced scale length of the
gaseous disc toRHI = 17:45 kpc. I veri�ed that the choice of this value as well as

5A fully consistent analysis would require a similar averaging for runs with uniform target mass. As
such runs are computationally very expensive, I refrain from doing that.
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uniform target mass

Figure 3.16.: Mass fractions of the HI clumps residing in the ISM, CGM or ICM at t = 1 Gyr
(top row) in the tail of a jelly�sh galaxy, and the mass fraction of clumps that
at some time have been part of the ISM (bottom row) for a simulation run with
uniform target mass. The columns represent a time before the galaxy enters
the virial radius, a time after it entered the virial radius and the time of the
pericenter passage. The column labels display the simulation time and total
clump mass. Medians are only shown for bins with more than �ve clumps.

keeping it constant rather than varying it over time does not have a major impact on
the results. The results of the tracer analysis for a simulation run with uniform target
mass and for a simulation run applying the geometry-based dere�nement are shown in
Figs. 3.16 and 3.17, respectively. At all three times, the total clump mass is similar
for both simulation versions. Also the overall distributions of clumps along they-axis
as well as their assignment to di�erent origins does not appear to be fundamentally
di�erent. As visible from the median lines, the fraction of CGM clumps is slightly
reduced for the largest downstream distances in the simulation run with the geometry-
based dere�nement in comparison to the run with uniform target mass, but the overall
conclusions on the dominant origin of the tail clumps are the same. At early times in
the simulation, when the galaxy experiences weak ram pressure, corresponding to the
galaxy residing at larger distances to the cluster center, the majority of stripped gas
in the tail of the galaxy directly comes from the CGM. Under the in�uence of stronger
ram pressure, roughly equal fractions of the clump mass in the tail initially resided in
the ISM and the CGM, but the vast majority of the gas has passed through the ISM.
Therefore, at these times, also much of the gas originating from the CGM has �rst been
accreted to the ISM and became part of it before it got stripped. At the pericenter
passage, the channel of ISM stripping becomes even more dominant in comparison to
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dere�nement, � = 150 kpc (i)

Figure 3.17.: Mass fractions of the HI clumps residing in the ISM, CGM or ICM at t = 1 Gyr
(top row) in the tail of a jelly�sh galaxy, and the mass fraction of clumps that
at some time have been part of the ISM (bottom row) for a simulation run
applying the geometry-based dere�nement (same run as shown on the right of
Fig. 3.13). The columns represent a time before the galaxy enters the virial
radius, a time after it entered the virial radius and the time of the pericenter
passage. The column labels display the simulation time and the total clump
mass. Medians are only shown for bins with more than �ve clumps.

gas originally coming from the CGM, and nearly the entire amount of gas in the jelly�sh
galaxy tail has been stripped through the ISM.

Overall, the geometry-based dere�nement as introduced here is a useful method to
reduce the necessary computational resources for windtunnel simulations while not hav-
ing a major impact on the resulting properties of the galaxy and its tail. The simulation
results are in good agreement with the original setup. To avoid large resolution gradi-
ents, this dere�nement scheme should only be used in connection with the volume-based
re�nement that limits the volume di�erences of neighboring gas cells. As the high-
resolution region was chosen such that it matches the region of interest in the simulation
box, i.e. the region that is most relevant for the analyses of the windtunnel simulations,
this method is well-suited for further application in this thesis. However, I note that
the dere�nement scheme was here only tested for its application to a1012 M � galaxy.
For more massive jelly�sh galaxies, having larger disks and further extended tails that
are not as much con�ned to the high-resolution region as found for the cases considered
here, the impact of the dere�nement on simulation results might be larger with the high-
resolution region chosen as discussed here. Simulations of galaxies with larger masses
might therefore require a larger high-resolution region.



Chapter 4.

The intracluster medium along the
orbits of galaxies undergoing ram
pressure stripping

When simulating RPS in a windtunnel setup, the properties of the ICM that the galaxy
experiences in its rest frame along its orbit through the cluster are modeled as a wind.
The wind is injected at some distance from the galaxy, moves towards the galaxy and
eventually hits the galaxy. An important aspect in this context is selecting suitable
and realistic wind properties. While early simulations by Schulz and Struck (2001)
resorted to the injection of a wind with constant density, velocity and temperature,
Vollmer et al. (2001) used Lorentzian pro�les to model the ICM ram pressure. Many
works afterwards adopted constant properties for the ICM wind using typical values
that galaxies encounter during their cluster passages (Tonnesen and Bryan 2010, 2012).
Ruszkowski et al. (2014) included a uniform magnetic �eld in the wind and varied the
wind velocity. Using ram pressure pro�les generated from an idealized model cluster
(static, spherically symmetric), Tonnesen (2019) underlined the importance of including
time variable wind properties rather than constant ones to realistically capture the
e�ects of ram pressure stripping. Steinhauser et al. (2016) considered idealized orbits
in idealized clusters (e.g. spherically symmetric) to generate the ICM properties that a
galaxy experiences while orbiting in a cluster. These orbits were used for the windtunnel
simulations in Sparre et al. (2024a, b). All these approaches have in common that they
rely on some degree of idealization of the ICM and of galaxy orbits and on certain a
priori assumptions about their properties. To model RPS in a windtunnel setup, it is
hence desirable to use more realistic ICM conditions. One way to do this is to consider
galaxies that undergo RPS in cosmological simulations, to track them along their orbits
and to record the properties of the ICM along these orbits. These properties can then
be injected as winds in windtunnel simulations, thereby using them to resimulate at a
higher resolution RPS observed in cosmological simulations. This chapter describes how
I obtained orbits and orbital wind pro�les from the cosmological zoom-in simulations
PICO-Clusters (Sec. 4.1), and how these pro�les can be used to obtain a magnetized
ICM wind (Sec. 4.2).
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4.1. Galaxy orbits from the PICO-Cluster
simulations

The PICO-Clusters zoom-in simulations cover the formation and evolution of 25 galaxy
clusters from z = 127 to z = 0 (more details on the PICO-Clusters simulations can
be found in Sec. 3.3 and in Tevlin et al. 2024). The non-cosmological windtunnel
simulations presented in Sparre et al. (2024a, b) consider a Milky-Way-like galaxy
(M 200c = 2 � 1012M � ) in a massive cluster (M � 1015M � ). Therefore, among the
PICO-Clusters simulations, galaxy clusters that have masses aroundM � 1015M � at
low and intermediate redshifts are selected for further consideration. Moreover, only
clusters with masses that exhibit only small changes and thus with a negligible redshift
evolution over the considered time are selected. This ensures comparability of the results
to 1015 M � clusters. Because the period of interest for simulating RPS covers a couple
of Gyrs (e.g. 5 Gyr in Sparre et al. 2024a), the period in the PICO-Clusters simulations
that is considered here and in the following covers times with an age of the universe
larger than 8 Gyrs, hence roughly the last 6 Gyrs of the simulations. The selection of
these times is made to ensure comparability of the results to low redshifts to which the
majority of present-day observations of RPS corresponds (see. Sec. 2.5.1). The redshifts
thus considered (z < 0:6) are within the period during which RPS is known to occur
(see Sec. 2.5.1). With the speci�ed criteria, the halos 98, 260 and 417 (halo numbers
in the PICO-Clusters parent simulation) were selected for further consideration. As de-
scribed in Sec. 3.3, all halo re-simulations of the PICO-Clusters suite generate output
for certain speci�ed times, but not for all times a full snapshot with data about the
gas cells. For the considered low and intermediate redshifts, the re-simulations provide
full snapshots for all output steps for halo 260 whereas for the halos 98 and 417, only
about every fourth output step provides data about the gas cells. The mass evolution
of the three chosen halos is shown in Fig. 4.1. The total mass of the halos 98 and 417
is su�ciently stable after tage = 9 Gyr 1 so that they are suited for considering orbits of
galaxies enteringR200c (R200c refers to the virial radius of the galaxy cluster as de�ned
in eq. 2.16) after tage = 9 Gyr . With the halo 260 exhibiting a signi�cant growth in
mass aroundtage � 11 Gyr, presumably due to a merger with another large halo, it will
only be considered for galaxies enteringR200c afterwards to avoid signi�cant and direct
impacts of these mergers on the orbits.

For each of the selected clusters, all galaxies attage = 8 Gyr with a mass in the range
between0:5 � 1012 M � and 3 � 1012 M � and with distances to the cluster center larger
than R200c were selected. Thus, these galaxies have masses that are similar to the Milky
Way and that are comparable to the galaxy simulated in Sparre et al. (2024a, b). For
galaxies with masses that strongly di�er from this mass range, the amount of dynamical
friction (see Sec. 2.4.7) and its impact on the orbit would be too di�erent to still
allow comparability with Milky-Way like galaxies. For all the selected galaxies, spatial
coordinates of their orbits were computed using the progenitor �les from the PICO-
Clusters simulations (for an explanation of thesubfind -algorithm producing these �les,

1Here and in the following, tage refers to the age of the universe in the PICO-Clusters simulations.
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Figure 4.1.: Evolution of M 200c of three halos selected from the PICO-Clusters zoom-in sim-
ulations as a function of simulation time (cosmic age) and redshift. The halos
98 and 417 have a roughly constant mass aftertage = 9 Gyr and are hence se-
lected for considering orbits of galaxies undergoing RPS that enterR200c after
this time. The halo 260 experiences a signi�cant increase in its mass and will
hence be only considered for galaxies enteringR200c after this event.

see Sec. 3.2). In the progenitor �les, the galaxies are treated as subhalos of the main
halo. Using these �les, each subhalo in a snapshot can be linked to its progenitor subhalo
in the previous snapshot. Iterating this procedure over all simulation snapshots, one
eventually obtains a chain of subhalo numbers that correspond to the chosen subhalo in
all snapshots. Only the primary progenitors of each subhalo were considered. Reading
the properties of these subhalos for all snapshots, e.g. the positions, provides the orbital
properties of this subhalo.

From those orbits, the galaxies with a su�ciently smooth orbit were selected by a
visual inspection. For example, galaxies with orbits exhibiting abrupt changes in the
orbital direction, presumably due to close encounters with other galaxies, were excluded.
This is necessary for the orbits to be applicable in the windtunnel setup that only
simulates RPS but no interactions with other galaxies. It is therefore desirable to avoid
such e�ects. Furthermore, galaxies that remain on the outskirts of the cluster in the
time span considered were excluded.

The eventually selected galaxies are listed in Tab. 4.1 along with some of their
properties and orbital parameters. To assess whether these galaxies are actually subject
to RPS, it was additionally made sure that these galaxies have a su�ciently intact
gas content that can be stripped by ram pressure. Therefore, the radial gas pro�les
of the galaxies were compared to those of simulated galaxies from the Auriga suite
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Subhalo M (d = R200c) [M � ] tage(d = R200c) [Gyr] dmin [Mpc] tage(d = dmin ) [Gyr]

0098-0-55 1:1 � 1012 10.2 0.70 11.1

0098-0-65 1:0 � 1012 9.9 0.31 10.7

0098-0-69 0:9 � 1012 10.2 0.73 11.1

0260-0-38 0:9 � 1012 11.7 0.70 12.8

0417-0-74 0:5 � 1012 11.0 0.53 11.7

0417-0-80 0:7 � 1012 11.2 0.78 12.0

0417-0-86 0:7 � 1012 10.6 0.38 11.4

Table 4.1.: Properties of the galaxies that were selected for recording the ICM properties
along their orbits. The subhalo identi�er (�rst column) is always of the structure
HaloNumber-GroupNumber-SubhaloNumber(all three for the snapshot at z = 0 ;
HaloNumberis set based on the number of the halo in the parent simulation of
the PICO-Clusters zoom-in simulations). The listed properties are, from left to
right, the subhalo mass at the time of the subhalo enteringR200c, the simulation
time when the subhalo entersR200c, the smallest distance of the subhalo to the
cluster center along its orbit and the simulation time at which this closest passage
occurs.

(Grand et al. 2017) as a benchmark. By that, galaxies that, for instance, underwent
strong feedback or galaxies that have already passed through the cluster and already
lost signi�cant fractions of their gas content can be excluded. The results for the halos
listed in Tab. 4.1 are shown in Fig. 4.2. The gas distributions of the chosen subhalos
are very similar to each other and to those of the Auriga galaxies. Towards their centers,
the galaxies selected from the PICO-Clusters simulations have slightly higher densities
than the Auriga galaxies. The temperatures at distances. 10 kpc to the respective
galaxy's center are similar or slightly lower, and at larger distances similar or slightly
higher for the PICO-Clusters galaxies compared to the Auriga galaxies. Especially
at the largest distances, the temperature pro�les of the PICO-Clusters galaxies are
signi�cantly elevated compared to the Auriga galaxies and, when comparing the PICO-
Clusters galaxies to each other, exhibit a signi�cant scatter. The increased temperatures
in the outskirts of these galaxies are presumably a result of the galaxies already being
in the environment of a massive galaxy cluster. At the largest distances to the galaxies'
centers, their CGMs transition to the surrounding medium, and this medium already has
a higher temperature than the typical temperature of a surrounding medium at larger
distances to galaxy clusters. The transition between CGM and ICM can probably be
found at the points where the temperature pro�les reach a plateau, which happens at
distances to the galaxies' centers around& 102 kpc. A similar transition can be observed
for the pressure pro�les, that likewise show elevated plateaus at the largest considered
distances to the galaxies' centers. Except for that, the pressure pro�les are as well very
similar for the PICO-Clusters galaxies and the Auriga galaxies. The selected subhalos
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Figure 4.2.: From top to bottom: pro�les of the gas mass density, temperature and thermal
pressure in radial shells centered at the subhalo position of the subhalos listed
in Tab. 4.1 (solid lines). Each of the pro�les was computed 2 Gyr before the
respective subhalo reaches its periapsis with respect to the cluster center. For
comparison, pro�les of four galaxies from the Auriga suite (Grand et al. 2017)
with halo virial masses of the order of1012 M � are shown (dotted lines).

accordingly have inner gas distributions that are comparable to the Auriga galaxies and
are well suited for further consideration.

Additionally, I considered projection plots of the gas component of the galaxies at
two times each to check if these galaxies exhibit gaseous tails that would be expected
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